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Abstract 

We review current understanding of star formation, outlining an overall theoretical frame- 
work and the observations that motivate it. A conception of star formation has emerged 
in which turbulence plays a dual role, both creating overdensities to initiate gravitational 
contraction or collapse, and countering the effects of gravity in these overdense regions. 
The key dynamical processes involved in star formation - turbulence, magnetic fields, and 
self-gravity - are highly nonlinear and multidimensional. Physical arguments are used 
to identify and explain the features and scalings involved in star formation, and results 
from numerical simulations are used to quantify these effects. We divide star formation 
into large-scale and small-scale regimes and review each in turn. Large scales range from 
galaxies to giant molecular clouds (GMCs) and their substructures. Important problems 
include how GMCs form and evolve, what determines the star formation rate (SFR), and 
what determines the initial mass function (IMF). Small scales range from dense cores to 
the protostellar systems they beget. We discuss formation of both low- and high-mass 
stars, including ongoing accretion. The development of winds and outflows is increas- 
ingly well understood, as are the mechanisms governing angular momentum transport in 
disks. Although outstanding questions remain, the framework is now in place to build 
a comprehensive theory of star formation that will be tested by the next generation of 
telescopes. 
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1 INTRODUCTION 

Stars are the "atoms" of the universe, and the problem of how stars form is at 
the nexus of much of contemporary astrophysics. By transforming gas into stars, 
star formation determines the structure and evolution of galaxies. By tapping the 
nuclear energy in the gas left over from the Big Bang, it determines the luminosity 
of galaxies and, quite possibly, leads to the reionization of the universe. Most 
of the elements — including those that make up the world around us — are formed 
in stars. Finally, the process of star formation is inextricably tied up with the 
formation and early evolution of planetary systems. 

The problem of star formation can be divided into two broad categories: "mi- 
crophysics" and "macrophysics" . The microphysics of star formation deals with 
how individual stars (or binaries) form. Do stars of all masses acquire most of 
their mass via gravitational collapse of a single dense "core" ? How are the prop- 
erties of a star or binary determined by the properties of the medium out of 
which it forms? How does the gas that goes into a protostar lose its magnetic 
flux and angular momentum? How do massive stars form in the face of intense 
radiation pressure? What are the properties of the protostellar disks, jets, and 
outflows associated with Young Stellar Objects (YSOs), and what governs their 
dynamical evolution? 

The macrophysics of star formation deals with the formation of systems of 
stars, ranging from clusters to galaxies. How are giant molecular clouds (GMCs), 
the loci of most star formation, themselves formed out of diffuse interstellar gas? 
What processes determine the distribution of physical conditions within star- 
forming regions, and why does star formation occur in only a small fraction 
of the available gas? How is the rate at which stars form determined by the 
properties of the natal GMC or, on a larger scale, of the interstellar medium in a 
galaxy? What determines the mass distributi on of forming s t ars, t he Initial Mass 
Function (IMF)? Most stars form in clusters ( Lada &: Lada . 20031 ): how do stars 



form in such a dense environment and in the presence of enormous radiative and 
mechanical feedback from other YSOs? 

Many of these questions, particularly those rel a.ted to the microphysics of sta r 
formation, were discussed in the classic review of Shu. Adams. &: Lizano ( igSTl ). 



Much has changed since then. Observers have made enormous strides in char- 
acterizing star formation on all scales and in determining the properties of the 
medium out of which stars form. Aided by powerful computers, theorists have 
been able to numerically model the complex physical and chemical processes as- 
sociated with star formation in three dimensions. Perhaps most important, a 
new paradigm has emerged, in which large-scale, supersonic turbulence governs 
the macrophysics of star formation. 
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This review focuses on the advances made in star formation since 1987, with an 
emphasis on the role of t urbulence. Re cent relevant reviews include those on the 
physics of star forr nation (ILarsonl. |2003|) . and on the role of supersonic turbulenc e 



in star formation ( Mac Low Klessen . 2004 : Ballesteros-Paredes et al. . 20071 ). 



The chapter by Zinnecker & Yorke in this volume of ARAA provides a different 
perspective on high-mass star formation, while that by Bergin & Tafalla gives a 
more detailed description of dense cores just prior to star formation. Because the 
topic is vast, we must necessarily exc lude a number of releva nt topics from this 
review: primordial star formation (see Bromm &: Larson . 200^), planet formation, 
astrochemistry, the detailed physics of disks and outflows, radiative transfer, and 
the properties of young stellar objects. 

In §2, we begin with an overview of basic physical processes and scales in- 
volved in star formation, covering turbulence (§2.1), self gravity (§2.2), and mag- 
netic fields (§2.3). In §3, we review macrophysics of star formation, focusing 
on: the physical state of GMCs, clumps, and cores (§3.1), the formation, evolu- 
tion, and destruction of GMCs (§3.2), core mass functions and the IMF (§3.3), 
and the large-scale rate of star formation (§3.4). §4 reviews microphysics of star 
formation, covering low-mass star formation (§4.1), disks and winds (§4.2), and 
high-mass star formation (§4.3). We conclude in §5 with an overview of the star 
formation process. 



2 BASIC PHYSICAL PROCESSES 



2.1 Turbulence 

As emphasize d in §1, many of the advances in the theory of star formation since 
the review of lShu. Adams. &: Lizand (jl987l ) have been based on realistic evalua- 
tion and incorporation of the effects of turbulence. Turbulence is in fact impor- 
tant in essentially all branches of astrophysics that involve gas dynamic^, and 
many communities have contributed to the recent progress in understanding and 
characterizing turbulence in varying regimes. Here, we shall concentrate on the 
parameter regimes of turbulence applicable within the cold ISM, and the physical 
properties of these flows that appear particularly influential for controlling star 
formation. 

Our discussion provides an overview only; pointers will be given to excellent 
recent reviews that summarize the large and growing literature on this subject. 
Ge neral references include Frisch (.1995,1. Biskamp (2003). and Falearone & Pas- 
sot (j2003l ). A much more extensive literature survey and discussion of interstellar 
turbulence, including both diff use-ISM and dense-I S M re gimes, is presented by 
Elmegreen fc Scalol (|2004l ) and IScalo fc ElmegreenI (|2004l ). A recent review fo- 
cusing on the detailed physic s of turbulent cascades in magnetized plasmas is 
Schekochihin fc CowlevI (|200,^ . 

2.1.1 SPATIAL CORRELATIONS OF VELOCITY AND MAGNETIC 
FIELDS Turbulence is deflned by the Oxford English Dictionary as a state 
of "violent commotion, agitation, or disturbance," with a turbulent fluid further 
defined as one "in which the velocity at any point fluctuates irregularly." Al- 
though turbulence is by deflnition an irregular state of motion, a central concept 



Chandrasekiiail l| 19491) presaged this development, in choosing the then-new theory of tur- 



bulence as the topic of his Henry Norris Russell prize lecture. 
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is that order nevertheless persists as scale-dependent spatial correlations among 
the flow variables. These correlations can be measured in many ways; common 
mathematical descriptions include autocorrelation functions, structure functions, 
and power spectra. 

One of the most fundamental quantities, which is also one of the most in- 
tuitive to understand, is the RMS velocity difference between two points sepa- 
rated by a distance r. With the velocity structure function of order p defined 
as Sp{r) = (|v(x) — v(x + r)|P), this quantity is given as Av{r) = [S'2(r)]^/^. 
The autocorrelation function of the velocity is related to the structure func- 
tion: ^(r) = (v(x) • v(x + r)) = (|vp) — S'2(r)/2; note that the autocorrelation 
with zero lag is A{0) = (|vp) since 82(0) = 0. The power spectrum of velocity, 
P(k) = |v(k)p, is the Fourier transform of the autocorrelation function. For zero 
mean velocity, the velocity dispersion averaged over a volume i^, (Tt,(£)^, is equal 
to the power spectrum integrated with = 27r/£. If turbulence is isotropic 
and the system in which it is observed is spatially symmetric with each dimension 
~ i, then the one-dimensional velocity dispersion along a given line-of-sight (a 
direct observable) will be related to the three-dimensional velocity dispersion by 
a = ay{i)/\/3. Analogous structure functions, correlation functions, and power 
spectra can also be defined for the magnetic field, as well as other fiuid variables 
including the density (see ^2.1. 4p . Delta- variance techniques provide similar in- 
formation, and are particularly usef ul for reducing edge effects when m aking 
comparisons with observational data (jBensch. Stutzki. &: Ossenskopj . I2OOII ) . 

For isotropic turbulence, Sp and A are functions only of r = |r|, and P is a 
function only of A; = |k|. The Fourier amplitude |v(k)| is then (on average) only 
a function of ^ = 27r//c, and can be denoted by v{i); to emphasize that these 
velocities are perturbations about a background state, the amplitude of a given 
Fourier component is often written as 5v{k) or 6v{i). When there is a large 
dynamic range between the scales associated with relevant physical parameters 
(see §2.1. 3p . correlations often take on power-law forms. If P{k) oc A;~" for an 
isotropic fiow, then 

v{i) oc a^{i) oc Av{i) oc (1) 

with q = {n — 3)/2. Sometimes indices n' of one-dimensional (angle-averaged), 
rather than three-dimensional, power spectra are reported; these are related by 
n' = n — 2. 

The turbulent s caling relations refle ct the basic physics governing the flow. The 
classical theory of Kolmogorovl (|l94ll ) applies to incompressible flow, i.e. one in 
which the velocities are negligible compared to the thermal speed crth = (-Pth/ pY^"^ 
(where p is the density and Pth is the thermal pressure) ; dth is equal to the sound 
speed Cs = {'^Pfh/ pY^'^ in an isothermal (7 = 1) gas. In incompressible flows, 
energy is dissipated and turbulent motions are damped only for scales smaller 
than the Reynolds scale ^l, at which the viscous terms in the hydrodynamic 
equations, ~ vv{t)/i'^, exceed the nonlinear coupling terms between scales, ~ 
v^tY /t, here v is the kinematic viscosity. At scales large compared to iy, and 
small compared to the system as a whole, the rate of speciflc energy transfer £ 
between scales is assumed to be conserved, and equal to the dissipation rate at the 
Reynolds scale. From dimensional analysis, £ ~ v{tf /i^ which implies n = 11/3 
and g = 1/3 for the so-called "inertial range" in Kolmogorov turbulence. The 
Kolmogorov theory includes the exact result that S^{t) = —{4:/5)£i. 

Because velocities v{£) ~ ay{i) ~ Av{£) in molecular clouds are in general 
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not small compared to Cg, at least for sufficently large i, one cannot expect the 
Kolmogorov theory to apply. In particular, some portion of the energy at a given 
scale must be directly dissipated via shocks, rather than cascading conservatively 
through intermediate scales until ii, is reached. In the limit of zero pressure, 
the system would consist of a net work of (overlappin g) shocks; this state is often 
referred to as Burgers turbulence (iFrisch &: 200 ll ). Since the power spectrum 
corresponding to a velocity discontinuity in one dimension has P{k) oc k~'^, an 
isotropic system of shocks in three dimensions would also yield power-law scalings 
for the velocity correlations, with n = 4 and q = 1/2. Note that correlations can 
take on a power-law form even if there is not a conservative inertial cascade; a 
large range of spatial scales with consistent physics is still required. 

Turbulence in a magnetized system must differ from the unmagnetized case be- 
cause of the additional wave families and nonlinear couplings involved, as well as 
the additional diffusive processes - including resistive and ion-neutral drift terms 
(see ^2.1.3p . When the magnetic field B is strong, in the sense that the Alfven 
speed VA = i3/\/47r/) satisfies va ^ v{£), a directionality is introduced such that 
the correlations of the flow variables may depend differently on ry, r_|_, ky, and 
k_|_, the displacement and wavevector components parallel and perpendicular to 
B. 

For incqmvressible magnetohvdrodvnamic (MHD) turbulence. Goldreich & Srid- 
har (|l995l ) introduced the idea of a critically-balanced anisotropic cascade, in 
which the nonlinear mixing time perpendicular to the magnetic field and the 
propagation time along the magnetic field remain comparable for wavepackets at 
all scales, so that wa^|| ~ i^{k±, k\\)k±. Interactions between oppositely-directed 
Alfven wavepackets travelling along magnetic fields cannot change their parallel 
wavenumbers k^^ = k-B, so that the energy transfers produced by these collisions 
involve primarily k±; i.e. the cascade is through spatial scales i± = 2TT/k± with 
v{i±Y/i± ~ constant. Combining critical balance with a perpendicular cascade 
yields anisotropic power spectra (larger in the k± direction); at a given level of 

2 /3 

power, the theory predicts A;|| oc k^ . Magnetic fields and velocities are predicted 
to have the same power spectra. 

Unfortunately, for the case of strong compressibility [cg <C v) and moderate or 
strong magnetic fields {cg <C fA ~ v), which generally applies within molecular 
clouds, there is as yet no simple conceptual theory to characterize the energy 
transfer between scales and to describe the spatial correlations in the velocity 
and magnetic fields. On global scales, the flow may be dominated by large- 
scale (magnetized) shocks which directly transfer energy from macroscopic to 
microscopic degrees of freedom. Even if velocity differences are not sufficient 
to induce (magnetized) shocks, for trans-sonic motions compressibility implies 
strong coupling among all the MHD wave families. On the other hand, within a 
sufficiently small sub- volume of a cloud (and away from shock interfaces), velocity 
differences may be sufficiently subsonic that the incompressible MHD limit and 
the Alfvenic cascade approximately hold locally. 

Even without direct energy transfer from large to small scales in shocks, a key 
property of turbulence not captured in classical models is intermittency effects - 
the strong (space-time) localization of dissipation in vortex sheets or filaments, 
which can occur even with a conservative energy cascade. (Shocks in compressible 
flows represent a different class of intermittent structures.) Signatures of inter- 
mittency are particularly evident in departures of high-order structure function 
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exponents from the value p/3, and in non-Gaus sian tails of velocity-increment 



probability dist ribution functions (PDFs) (e.g. Sreenivasan &: Antonial . 1997 



Lis et al. . 19961 ). Proposed methods to account for intermittency in predicting 



correlatio n functions for incomp ressi ble, unma.gnetize d turbulence have been dis- 
cussed bv lShe fc Levequd (Il994l ^ and lDubrull3 (|l994l ). iBoldvrevI (|20o3) proposed 
an adaptation of this framework for the compressible MHD case, but omitted 
direct dissipation of large-s cale modes in shock s . Res earch on formal turbulence 
theory is quite active (see lElmegreen fc Sea U, 120041 for a review of the recent 
theoretical literature relevant to the ISM), although a comprehensive framework 
remains elusive. 

Large-scale numerical simulations afford a complementary theoretical approach 
to model turbulence and to explore the spatial correlations within flows. Numer- 
ical experiments can be used to test formal theoretical proposals, and to provide 
controlled, quantitative means to interpret observations - within the context of 
known physics - when formal theories are either nonexistant or limited in detail. 
In drawing on the results of numerical experiments, it is important to ensure that 
the computational techniques employed adequately capture the relevant dynam- 
ical processes. For systems in which there are steep gradients of velocities and 
densities, grid-based methods are more accurate in following details of the evolv- 
ing flow (such as development of instabilities) than SPH methods, which have 
been shown to have difficulty capturing shocks and other discontinuities f Agertz 
et al.. l2006l l. 

Spatial correlations within turbulent flows have been evaluated using numerical 
simulations in a variety of regimes. Overall, results are consistent with theoretical 
predictions in that power-law scalings in the velocity and magnetic field power 
spectra (or structure functions) are clear when there is sufficient numerical res- 
olution to separate driving and dissipative scales. At resolutions of 512'^ and 
above, results with a variety of numerical methods show angle-averaged power- 
law sl opes n = 7/2 — 11/3 (i.e. 3.5 — 3.67) for incompressible (i.e. f /c.s <C 1) MHD 
flows (Miiller. Biskamp. &: Grappin . 2003 : Haugen. Brandenburg. &: Dobler . 20041 : 
Miiller fc Graupinl. \2Q0^ and n = 3.5 — 4.0 for strorig;ly compressible (v/c.^ ^ 5) 



flows bot h with (Vestuto. Ostriker. &: Stond . 120031 : iPadoan et al.l . [20071) and 



without ((Kritsuk. Norman. &: Padoan . 20061 ) magnetic fields. Consistent with 



expectations, spectra are steeper for compressive velocity components than for 
magnetic fields (and also sheared velocity components if the magnetic field is 
moderate or strong), and steeper for more supersonic and / or more weakly mag- 
netiz ed models (see also Boldvrev. Nordlund. k, Padoanl . I2OO2I : Padoan et al. 
20041 ). 



When strong mean magnetic fields are present, there is clear anisotropy in the 
power spec trum, generally consistent with the scaling predicti on of Goldreich & 
Sridhar ([19,95 ), for b oth incompr essible and compressible MHD turbulence fCho 



fc VishniaZl2000inMaron fc Goldreichl. l200linCho. Lazarian. fc Vishniad. l2002a 



Vestuto. Ostriker. Stond . l2003l : ICho Lazarianl . l2003f ). 

In order to identify the sources of turbulence in astronomical systems, it is 
also important to determine the behavior of velocity and magnetic field correla- 
tions on spatial sca les larger than the driving s cale. Numerical simulations, both 
for in compressible ( Maron &: Goldreich . 2001 : Haugen. Brand enburg. & : Dobled. 
2OO4I ) and compressible MHD turbulence ( Vestuto. Ostriker. &: Stone . 2003 ), 
show that the power spectra below the driving wavenumber scale are nearly flat, 
0; that is, "inverse cascade" effects are limited. For spatially-localized forc- 



n 
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ing (rather than forcing locahzed in A;-space), iNakamura &: Lil (|2007l ) also found 
a break in the power spectrum, at wavelength comparable to the momentum in- 
jection scale. Thus, the forcing scale for internally-driven turbulence in a system 
can be inferred observationally from the peak or knee of the velocity correlation 
function. If v{£) continues to rise up to ^ ~ L, the overall scale of a system, this 
implies that turbulence is either (i) externally driven, (ii) imposed in the initial 
conditions when the system is formed, or (iii) driven internally to reach large 
scales. Note that for systems forced at multiple scales, or both internally and 
externally, breaks may be evident in the velocity correlation function (or power 
spectrum) . 

2.1.2 TURBULENT DISSIPATION TIMESCALES Recent numerical 
simulations under quite disparate physical regimes have reached remarkably sim- 
ilar conclusions for the dissipation rates of turbulence. On dimensional grounds, 
the specific energy dissipation rate should equal eU^ /Iq, where E = U'^ /2 is the 
total specific kinetic energy, is the spatial wavelength of the main energy- 
containing scale (comparable to the driving scale for forced turbulence; io < L), 
and e is a dimensionless coefficient. For incompressible turbulence, the largest- 
scale (4 096^ zones) incompre ssible, unmagnetized, driven-turbulence simulations 
to date (|Kaneda et al.l . 120031 ) yield a dimensionless dissipation coefRcent e = 0.6. 
For driven incompressible MHD turbulence (at 1024^ resolution), the measured 
dimensi onless dissipation rate e = (l/2)(E t urh/E turh)(in/U) also works out to be 
e = 0.6 ( Haugen. Brandenburg. &: Dobler . 20041 ) . Quite comparable results also 
hold for strongly-cor npressible (U/c.^ = 5) turbu l ence at a range of magnetiza- 
tions va/cs = — 10; IStone. Ostriker. &: Gammi3 ( 19981 ) found that e = 0.6 — 0.7 
for simulations at resolution up to 512'^ zones. For decaying compressible MHD 
turbulence, damping timescales are als o comparable to the flow crossing time 
lo/v{io) o n the eriergv-containing scale (IStone. Ostriker. &: Gammid. Il998l: Mac 
Low et al.. Il998l : iMac Lowl . Il999l : IPadoan fc NordhmdI . Il999l ^. Thus, although 
very different physical processes are involved in turbulence dissipation under dif- 
ferent circumstances, the overall damping rates summed over all available chan- 
nels (including shock, reconnection, and shear structures) are nevertheless quite 
comparable. Defining the turbulent dissipation timescale as tdiss = -E'turb/I-E'turbl 
and the fiow crossing time over the main energy-containing scale as tj = Iq/U, 
*diss = ^//(2e)- Since velocities in GMCs increase up to the largest scale, £o d, 
the cloud diameter. Assuming that on average U = \/3o"ios, the turbulent dissi- 
pation time based on numerical results is therefore given by 

d 



0.5- 



(2) 



This result is in fact consistent with the assumption of Mestel fc: Spitzei ( 19561 ) 
that turbulence in GMCs would decay within a crossing time. 

The above results apply to homogenous, isotropic turbulence, but under cer- 
tain circumstances if special symmetries apply, turbulent damping rates may be 
lower. One such case is for incompressible turbulence consisting of Alfven waves 
all propagating in the same direction along the magnetic field. Note that for the 
incompressibility condition V-v = to apply, turbulent amplitudes must be quite 
low {v <C Cs). Since Alfven waves are exact solutions of the incompressible MHD 
equations, no nonlinear interactions, and hence no turbulent cascade, can develop 
if only waves wit h a single propagation direction are present in this case (see e.g. 
Chandranl . |2004| for a mathematical and physical discussion). A less extreme 
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situation is to have an imbalance in the flux of Alfven waves propagating "up- 
wards " and "downwards" along a given magnetic field direction. Maron &: Gol- 
dreich ^00^ show that in decaying incompressible MHD turbulence, the power 



in both upward- and downward-propa gating components decrea s es to gether until 
the lesser component is depleted. iCho. Lazarian. &: Vishniac (j2002a ) quantify 



decay times of imbalanced incompressible turbulence, finding for example that 
if the initial imbalance is ~ 50% or ~ 70%, then the time to decay to half the 
initial energy is increased by a factor 1.5 or 2.3, respectively, compared to the 
case of no imbalance. 

For even moderate-amplitude subsonic velocities, however, Alfven waves couple 
to other wave families and the purely Alfvenic cascade is lost. For strongly 
supersonic motions, as are present in GMCs, the mode coupling is quite strong. 
As a consequence, even a single circularly polarized Alfven wave cannot propagate 
without l osses: a parametric instability known as the "decav instabilitv" f Sagdeev 
k Galeev, |l969|)" develops in which three daughter waves (a forward-propagating 



compressive wave and two oppositely propagating Alfven waves when /3 <C 1) 
grow at the expense of the mother wave. The initial growth rate of the instability 
is 7 = (0.1 — 0.3) kv\ when v{k)lc ^ = 1 — 3 and 13 = 2c^g/v\ = 0.2, and larger for 



greater amplitudes and smaller /? J Goldstein ^ 19781). The ul timate result is decay 



into full y-developed turbulence (iGhosh Goldsteinl. 11994: Del Zanna, Velli, k. 



Londrillo, 200l[ ). Thus, for conditions that apply within GMCs. even if there were 



a localized source of purely Alfvenic waves (i.e. initially 100% imbalanced), the 
power would rapidly be converted to balanced, broad-spectrum turbulence with 
a short decay time. The conclusion that turbulent damping times within GMCs 
are expected to be comparable to flow crossing times has important implications 
for understanding evolution in star-forming regions; these will be discussed in 
and [3X21 

2.1.3 PHYSICAL SCALES IN TURBULENT FLOWS In classical in- 
compressible turbulence, the only physical scales that enter are the outer scale 
£o at which the medium is stirred, and the inner "Reynolds" scale i^, at which 
viscous dissipation occurs. Assuming Kolmogorov scaling v{i) = v{lo){l/ lof/^ 
[for v[l) ~ (y^{l) ~ A?;(£)], the dissipation scale is 

3/4 

^ Re-^l\ (3) 



Here Re = v{£o)i()/i' is the overall Reynolds number of the flow; if turbulence 
increases up to the largest scales then Re = UL/v. With v ~ c^Amfp for Amfp the 
mean free path for particle collisions, l^/^o ~ {^mip/ / Cs\~^^^ ■ In fact, 
the velocity-size scaling within GMCs has power-law index q closer to 1/2 than 
1/3 on large scales, because large-scale velocities are supersonic and therefore the 
compressible-turbulence results apply. Allowing for a transition from g = 1/2 to 
g = 1/3 at an intermediate scale where v{ls) = Cg (see below), £y = ^^^A^^p. 
Using typical CMC parameters so that Amfp ~ 10^^ cm and Ig ~ 0.03 pc yields 

~ 3 X 10"^ pc. This is tiny compared to the sizes, ~ 0.1 pc, of self-gravitating 
cores in which individual stars form. 

The length introduced above marks the scale at which the RMS turbulent 
velocity is equal to the sound speed. At larger scales, velocities are supersonic and 
compressions are strong; at smaller scales, velocities are subsonic and compres- 
sions are weak. Taking v{t) = v{£o){i/ioy , the sonic scale is £s = £o[cs/v{£o)]^/'' , 
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or is « ^o[cs/f (^o)]^ when q ~ 1/2. Density perturbations with characteristic 
scales ~ is will have order-unity amplitude in an unmagnetized medium. In a 
magnetized medium, the amplitude of the perturbation imposed by a flow of 
speed V will depend on the direction of the flow relative to the magnetic fleld. 
Flows along the magnetic fleld will be as for an unmagnetized medium, while 
flows perpendicular to the magnetic fleld will create order-unity density pertur- 
bations only if V > (c^ + v\y^'^. Note that the thermal scale, at which the 
line-of-sight turbulent velocity dispersion a^/V^ is equal to the one-dimensional 
thermal speed dth, is larger than is by a factor 3. 

Another scale that is important for MHD turbulence in fully-ionized gas is the 
resistive scale; below this scale Ohmic diffusion would smooth out strong bends 
in the magnetic fleld, or would allow folded fleld lines to reconnect. The resistive 
scale iri is estimated by equating the diffusion term r]B{i)/{4:TTi'^) to the flux- 
dragging term ~ v{i)B{t) / i in the magnetic induction equation. Deflning the 
magnetic Reynolds number as Rm = t>(^o)^o4'/r/r/, and taking v{i) ~ Cs{i/isY^^ 
at small scales, this yields in/iv = {Re/ Rm)^/^ . Since the "magnetic Prandtl 
number" Rm/Re is very large (~ 10^), this means that the magnetic fleld could, 
for a highly-ionized me diurn. remain structured at quite small scales fsee Cho. 
Lazarian, & Vishniac, i2002bl for discussion of this in the diffuse ISM). 

In fact, under the weakly-ionized conditions in star-forming regions, ambipolar 
diffusion (ion-neutral drift) becomes important well before the resistive (or Ohmic 
diffusion) scale is reached. Physically, the characteristic ambipolar diffusion scale 
iAD is the smallest scale for which the magnetic fleld (which is frozen to the 
ions) is well-coupled to the bulk of the gas, for a partially- ionized medium. An 
estimate oUad is obtained by equating the ion-neutral drift speed, ~ BQ5B{mi + 
m)/{^7rpipaini), with the turbulent velocity, 6v. Here, ain = (cmlvj — Vn\) ~ 
2 X 10~^ cm^s~^ is the ion-neutral collision rate coefficient f Praine. Roberge, Sz 
Dalgarno, and rrii , m and pi , p are the ion and neutral mass and density. 

The resulting ambipolar diffusion scale, assuming nii ^ m (for either metal or 
molecular cations) and dv « dB / y/Airp, is 

<,, = _^^.0.05pc(-^)(— i^l^)-'. (4) 

Uiain V3kms ^/ MO cm / 

Here, va is the Alfven speed associated with the large-scale magnetic fleld Bq. 

The ambipolar diffusion scale (j4]) depends critically on the fractional ionization, 
which varies greatly within star- forming regions. Regions with moderate Ay ~ 5 
can have relatively large ionization fraction due to UV photoionization, whereas 
regions with large Ay are ionized primarily by cosmic rays (see §2.3.ip . For 
example, if the electrons are attached to PAHs in d ense cores, the ion density 
is Ui « 10-3(nH/10^cm-3)V2(^^j^/3 x IQ-^'^s'^)^/^ (jTielensl . Ejj ) where CcR 



is the cosmic ray ionization rate per H atom.. Since oc n^/^, we can express 
equation ^ in terms of column density and magnetic fleld strength as iAD = 
Om{B/lOpG)/{Nn/W^^ cm'^). 

For spatial wavelengths A = 27r//c < TriAD, MHD waves are unable to propagate 
in the coupled neutral-ion fluid at all, because the collision frequency of neutrals 
with ions, niOin, is less than (half) the wave f requency u = fcf a. For A > iriAD, 
MHD waves are damped at a rate uJiriAD/^ ( Kulsrud &: Pearm 19691 ). Thus, 



at scales i ^ iAD, the magnetic fleld will be essentially straight and uniform in 
magnitude, and any further turbulent cascade will be as for an unmagnetized 
medium. The scale iAD is also comparable to the thickness of the C-type shocks 
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that are typical under prevailing conditions within GMCs ([Praine &: McKed . 
1993). Further disc ussion of the i n teraction between turbule nce a nd ambipolar 
diffus ion is given bv lZweibell (|2002l l . iFatui^ &: Adamsl and lHeitsch et al.l 

2.1 A DENSITY STRUCTURE IMPOSED BY TURBULENCE When 
turbulent velocities at a given scale are supersonic, they impose density varia- 
tions within the flow at that scale. For star-forming regions, in which turbulent 
velocities are increasingly supersonic for scales 0.1 pc, the density becomes 
strongly structured over a wide range of scales. This density structure - which 
is crucial to the star-formation process - can be characterized statistically in a 
variety of ways. 

The simplest (one-point) statistic is the distribution of mass (or volume) as 
a function of density, usually referred to as the density PDF (probability den- 
sity function). For isothermal gas and supersonic turbulence (either forced or 
decaying), a number of 3D nu merical s imulations both with fOstriker, Stone, 
Gammie. i2001- Ostriker . ,2003,; iLi et al.l . .2004) and without (|Nordlund Padoanl . 
19991 : iKlessenl . magnetic fields have shown that the density PDF approaches 

a log- normal distri bution when self-gravity is unimportant. This functional forrn 
can be understood (IVazquez- Semadenil . [l993 : IPassot &: Vazquez- Semadenil . 1 19981 ) 
to arise as a consequence of multiple, independent dynamical events that alter 
the density according to p/p = + Si) where 5, is > (or < 0) for compres- 
sions (or rarefactions). From the Central Limit Theorem, \og{p/p) is the sum 
of independent random variables, and should therefore approach a Gaussian dis- 
tribution. When the equation of state departs from a simple isothermal form, 
the density PDF still follows a log-normal over a range of densities, but aquires 
power-law tails either at high or low density depending on whether the equation 
of state is softer or stiffer tha n isothermal (jPassot &: Vazquez-Semadenil . 1 19981 ; 



Scalo et al.l . Il998l : see also e.g. IWadal . l200lh . 

For a log-normal distribution, the fraction of volume (V) or mass (M) as a 
function of a; = ln(p/p) is given by f{x)dx with 



/v, 



M 



V2^ 



: exp 



(5) 



where the mean and dispersion of the distributions are related by /i^ = ct^/2, and 
the upper and lower signs correspond to volume- and mass-weighting, respec- 
tively. For a log-normal distribution, the mass- weighted median density (half 
of the mass is at densities above and below this value) is p^aed = P ^'^'9[^^x) ■, 
whereas the mass-weighted mean densit y is {p)m = pexjp(2ux)- Based on t hree- 



dimensional unmagnetized simulations, Padoan. Jones, Nordlund ( 199?! ) pro- 
pose that px ~ 0.51n(l -|- 0.25A^^). Other three-dimensional simulations with 
magnetic fields (/3 = 0.0 2 - 2) have found 0.5 - 1 for ^ 5 - 10 f Os- 

triker. Stone, &: Gammie. I2OOII ). These models confirm that the mean density 
contrast generally grows as the turbulence level increases, but find no one-to- 
one relationship between p^ and M (or the fast magnetosonic Mach number, 
M.F = cry/{c^ + v\y^'^). The large scatter at large M is because the flow is 
dominated by a small number of large-amplitude modes (i.e. large "cosmic vari- 
ance"), som e of which are compressive a r id som e of which are shear. With mag- 
netic flelds, Ostriker. Stone. &: Gammij (j200ll ) found that the lower envelope of 
the Px distribution increases with p according to Px,min — 

0.21n(l-F>i|,)-h0.5 
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for A^i. = 0.5 - 2.5. 

Because the velocity field is spatially correlated, the density distribution will 
also show spatial correlations over a range of scales. Density correlations can be 
characterized in terms of the autocorrelation function, the power spectrum, and 
structure functions of various orders (cf ^2.1.111: usually, analyses are app lied to 
6p = p — p. Using delta- variance techniques, Mac Low &: Qssenkopfl (2000) show 
that correlations in density decrease for wavelengths above the velocity driving 
scale, and that there are relatively modest differences in the density correlations 
between unmagnetized and magnetized models when all other properties are con- 
trolled. 

Kim &: Ryu ( 20051 ) have analyzed the dependence of the spectral index on 
Mach number for three-dimensional turbulence forced at large spatial scales, using 
isothermal, unmagnetized simulations at resolution 512^. For ^ 1, the indices 
Up or n'p of the density power spectrum \6p{k)\'^ are similar to those of the velocity 
field in incompressible turbulence - i.e. near n = 11/3 or n' = 5/3; this is simply 
because 5p{k)/p ~ — /c-v(k)/cs for low-amplitude quasi-sonic compressions (note 
that even when 7W = 1, the Mach number for the compressive component of the 
velocity field is < 1). As the Mach number increases, the density power spectrum 
flattens, reaching n'p « 0.5 for M = 12. For comparison, a one-dimensional top 
hat - corresponding to a large clump in 3D - would have = 2, whereas a 
one-dimensional delta function - corresponding to a thin sheet or filament in 3D 

- would have n'p = 0. Note that for the density to take the form of multiple 
delta functions, the velocity field must generally be a composite of step functions 

- corresponding to shocks - and has n' = 2 for the velocity power spectrum (as 
discussed above). The low value of n'p at large Mach number implies the density 
structure becomes dominated by curved sheets and filaments. Curved sheets 
represent stagnation regions (of the compressive velocity field) where shocked 
gas from colliding flows settles, and filaments mark the intersections of these 
curved sheets. 

Ot her statistical descriptions of density structur e inclu de fractal dimensions 
(e.g., Ehnegreen &: Falearonel . llQOd : IStutzki et al.l . Il998l ). multifractal spectra 
( Chappell &: Scalor200ll), and hierarchical structure trees ( Houlahan &: Scalo . 



1992h : see lElmegreen fc Sea U (l2004h for a discussion. The spatial correlation 



of density can also be characterized in terms of clump mass functions. Clump- 
finding techniques have been applied to simulations of supersonic tubulent flows 
by a number of groups; these results will be discussed and compared to observa- 
tions in §3.3[ 

2.1.5 OBSERVATIONS OF TURBULENCE For observed astrophysical 
systems, the intrinsic properties of turbulence cannot be directly obtained, due 
to line-of-sight projection and the convolution of density and velocity in produc- 
ing observed emission. A number of different techniques have been developed, 
calibrated using simulations, and applied to observed data, in order to deduce 
characteristics of the three-dimensional turbulent flow from the available obser- 
vations, which include spectral line data cubes (from molecular transitions), con- 
tinuum emission maps (from dust), maps of extinction (using background stars), 
and maps of polarization fin extinction and emission from dust). Elmegreen &: 
Scalo (|2004l ) review the extensive literature on observations of turbulence. Here, 
we will mention just a few results. 

The defining property of turbulent motion - in contrast to, for example, the 
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purely random motions of gas particles in a Maxwell-Boltzmann distribution or 
the highly systematic motions of stars in a rot ating system - is the stochastic yet 
scale-dependent behavior of flow correlations. iLarsonl (|l98l[ ) was the first to draw 
attention to the genuine "turbulent" nature of motions internal to star-forming 
regions, as expressed by an em pirical scaling l aw of the form ([T]) with q = 0.38. 
Using more homogeneous data, ISolomon et al.l (119871^ obtained a "linewidth-size" 
scaling index q « 0.5 for GMCs as a whole. IPassot. Pouquet. &: WoodwardI ( 19881 ) 
pointed out that the linewidth-size scaling o"^(£) oc i^^'^ observed in star- forming 
regions is indeed what would be predicted for "Burgers turbulence," a more 
appropriate model than Kolmogorov turbulence given the strongly supersonic 
conditions. 

Many subsequent studies have been made of observed scaling behavior of ve- 
locities, both for subsystems of a given star-forming region, and for systems that 
are spatially disjoint. A number of methods h ave been developed for these inves- 
tigations, includin g autocorrelation analy sis ( Miesch &: Ballv . 19941 ) and delta- 



variance analysis (lOssenkopf et al.l. l2006l) app lied to line centroids, the spectral 



correlation func tion (Rosolowskv et al. . 19991). velocitv channel analvsis f Lazar- 



ian & Pog qsvan. l2004l: Pa,doan et al.l . 20061 ). and principal component analv 



sis (PC A) ( Brunt &: Hever . 2002f ). Overall, analyses agree in finding power-law 
linewidth-size relations, with similar coefficients and power-law expononents close 
to q = 0.5. The lack of features in velocity correlations at intermediate scales, 
and more generally the secular increase in velocity dispersion up to sizes compa- 
rable to the whole of a GMC, ind icates that turbulence is driv e n on large sc ales 
within or external to GMCs (e.g. lOssenkopf k Mac Lowl . I2OO2I : iBrund . [20oi ) . 

Interestingly, turbulence appears to have a "universal" character within most of 
the molecular gas in the Milky Way, in the sense that the same scaling laws with 
the same coeffcients fit both entire GMCs and m oderate-density s ubstr uctures 
(observed via CO lines) within them. Using PGA, Heyer &: Brunt ( 20041 ) find a 
fit to the amplitudes of line-of-sight velocity components as a function of scale 
following 

\0.56±0.02 

km s~"^ (6) 



6v = 0.9 



^pca 

1 pc 



based on composite data of all PCA components from scales Lpca ~ 0.03—30 pc in 
a sample of 2 7 molecular clouds. Using data iust within individual clouds. Hever 
& Brunt (200JI) find a mean scaling exponent that is slightly lower, q = 0.49ib0.15. 
Note that the lengths Lpca entering the relation ([6]) are the characteristic scales 
of PCA eigenmodes, and may differ from size scales defin ed in other ways. For 
example, the effective GMC cloud diameters as measured by lSolomon et al.l (jl987l ) 
are on average about four times the maximum Lpca found in each cloud. Based 
on the scaling law ([6]) the sonic length will be similar, ig ~ 0.03 pc (allowing for 
varying definitions of size), in all GMCs. We discuss this empirical result further 
in ^3.11 note that strongly self-gravitating clumps with high densities and surface 
densities depart from the relation given in equation ([6|). 

For evaluating the den sity distribution, the mos t unbi ased measurements use 
dust extinction maps (see Lada. Alves. &: Lombardil . 2007 and references therein) . 
A promising new technique for observin g the density distribution uses scattered 
infrared light ( Foster &: Goodman . 2006f ). which can probe the structure of molec- 
ular clouds for visual extinctions of 1 — 20 magnitudes at very high spatial res- 

20061 ). 



olution ( Padoan. Juvela. Sz Pelkonenl . 



Consistent with the prediction of 
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numer ical simulations (Qstriker. Stone. &: Gammij. 200ll: Vazguez-Semadeni & 
Garcia, 200ll ). distributions of extinction follow log- normal functional forms to 
an excellent approximation; distributions of int egrated intensity fr om molecular 
lines, on the other hand, are not log-normal ( Ridge et al. . 20061 ) . presumably 
due to a combination of chemistry and/or optical depth effects. Column density 
distributions of course cannot be directly inverted to obtain volume density dis- 
tributions. Since the Fourier transform of the column density, N(kx, ky), is equal 
to 5p{kx,ky;kz = 0) (up to an overall normalization; here z is the line-of-sight 
direction), if statistical isotropy holds then at least the shape of the density power 
spectrum can be obtained from a well-sampled map of column density. Assum- 
ing isotropy, integrated-intensity ^^CO and ^^C O line maps yield density power 



spect ra \5p{k)\'^ cc k with Up = 2.5 — 2.8 (jBensch. Stutzki. k. Ossenskopi 



200 ll ). which is consistent with the large- res ults for dens i ty po wer spectra 
2 ~ 0.5 obtained in the simulations of Kim &: Ryu ( 2005f ). In princi- 



n 



pie, features in the density power spectrum should be evident both at the sonic 
s cale, ^,9, and th e Jeans scale (these scales are comparable in star-forming regions 



Padoan . 1995f ). A first step toward identifying features in t he density power 



spectr um, using velocity-integrated CO intensity, was taken by Blitz &: Williamsl 
(|l997l ). It will be very interesting to investigate column density power spectra 
based on high-resolution extinction maps in both self-gravitating GMCs and un- 
bound molecular clouds, evaluating the slopes and searching for evidence of these 
breaks. 

Other measures of den sity structure, including; the fr actal dimension D ~ 2.3 
empirically measured by lElmegreen &: Falgarond ( 1996), are in agreement with 



simulations of strongly compressible turbulence (iKritsuk. Norman. &: Padoan 
20061 ^. In addition, the typical range of density contrasts obtained for 3D su- 



personic turbulence (see §2.1.4p is consistent with the compressions required to 
explain the low ef fective volume filling factors of ga s deduced from CO obser- 
vations of GMCs ( Ostriker. Gammie. &: Stond . Il999l ). If (ln(n/n))M = px (eq. 
[5]), then the mass-weighted mean density is {n/n)M = {{n/n)'^)v = exp(2//2;), so 
that fix ~ 1.5 yields a local density n = 10^ when n = 50, in agreement wit h 
inferred filling factors ~ 0.1 (iBallv et al.l . Il987l : IWilUams. Blitz, fc Starkl . ll99.5l V 
Observational estimates of the density and filling factor are often made under 
the assumption of a constant clump density, however, not the broad distribution 
of densities expected for a log nor mal, which may introduce some differences. In 
more detail, Padoan et al. ( 19991 ) have shown that the statistical properties of 
^^CO spectra seen in the star- forming Perseus molecular cloud can be well repro- 
duced by synthetic non-LTE spectra created using simulation data cubes from 
non-self-gravitating supersonic turbulence simulations. 



2.2 Self-Gravity 

The effects of self-gravity on a turbulent cloud can be analyzed with the aid of 
the virial theorem, which in Lagrangian form (i.e., for a fixed mass) is 



-/ = 2{T -Ts)+B + W 



(7) 



( Chandrasekhar Fermi . 1953bl : Mestel &: Spitzer . 19561 ). where I = J r^dm is 



proportional to the trace of the inertia tensor of the cloud. (It is often assumed 
that the sign of / determines whether the cloud is expanding or contracting, but in 
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fact it determines the acceleration of the expansion or contraction — Ballesteros- 
ParedesTEooi .) The term 



T 



3n 1 ^ 
2^th + -^PV' 



dV = ^-pa^Vci 



(8) 



is the total kinetic energy in the cloud (thermal plus bulk), where is the 
ID mean square velocity (including both thermal cr^j^ and nonthermal [turbulent] 
o"nt = terms) in the cloud, Vc\ is the volume of the cloud, and Tg = § PthV-dS 
is the surface kinetic term. The term 



B 



1 

8^ 



4tt 



r • (BB - -BH) ■ dS 



(9) 



is the net magnetic energy, including the effects of the distortion of the field 
outside the cloud. The volume and surface magnetic terms cancel for a completely 
uniform magnetic field, since a uniform field exerts no force. Finally, 



pr • dV 



(10) 



is the gravity term, equal to the gravitational self-energy (1/2) J dV provided 
the acceleration due to masses outside the system is negligible (as is generally 
th e case for dense clouds embedded in a diffuse turbulent background — Dib et 



ai.~ESir 



The virial th eorem can also be written in Eulerian form, so that it applies to 
a fixed volume ( McKee &: Zweibel . 19921 ): in that case, the surface term for the 
kinetic energy includes the dynamic pressure § pw ■ dS, and the theorem itself 
includes a term {l/2){d/dt) J {pwr"^) • dS on the left-hand side. This form of the 
virial theorem is particularly appropriate in a turbulent medium, in which the 
mass of a cloud is not necessarily fixed. With this form of the equation, clouds 
that are actively forming or dispersing may have surface kinetic terms comparable 
to the volume kinetic terms. 



Ballesteros-Paredes, Vazquez-Semadeni, & Scalo (119991 ) examined the various 
terms in the Eulerian virial theorem for clumps and cores in their turbulent, self- 
gravitating MHD simulations, and found that the time-dependent terms on the 
left-hand side are sign ificant, and that t he surface terms are generally comparable 
to the volume terms. Dib et al. ( 200?! ) confirmed this and also found that only 
objects with large density contrasts are virialized. However, in contrast to the 
other terms in the virial theorem, the time-dependent terms can change sign, so 
they become less important if the virial theorem is averaged over time for an 
individual cloud (provided the cloud liv es more than a dynamical time) or if it 
is averaged over an ensemble of clouds (iMcKed . Il999l ). In ^3.H we discuss the 
application of the virial theorem both to observed molecular clouds, clumps, and 
cores, and to condensations identified within numerical simulations. 

The virial parameter is defined to be proportional to the rat io of the total 
kinetic energy to the gravitational energy (Bertoldi &: McKe3. 19921: cf. Falgarone. 
Puget, & Perault,ll99d), 

^"'^ (11) 



GM ' 

where the numerical coefficient is chosen so that avir = 1 for a uniform, unmag- 
netized gas sphere in virial balance (W = — 2T; but note that such a sphere is 
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not in hydrostatic equilibrium). This relation implies that the mean pressure in 
a cloud varies as the square of the mean surface density, S, 

Ptot = ^pGS^, (12) 

where t/) p oc a^^ is a numeric al factor of order unity for gravitationally bound 
objects (IMcKee fc Tanl . 1200,1 ). The total pressure includes the magnetic pres- 



sure; fluctuating magnetic fi elds have an energy that is about 60% of that of 
the turbulent kinetic energy ( Stone. Ostriker. &: Gammie . 19981 ) and contribute 



an effect ive pressure support that is about 30% of the turbulent kinetic pressure 
support (|McKee fc Tanl . 1200^1 ) (note that T-T; and B appear in equation [7] with 



coefficients 2 and 1, respectively). Gravitationally bound objects have avir ~ Ij 
which (since M ~ pR^) defines gravitational length, time, and mass scales, 

RG = a/{Gp)'/^ tG = l/{Gp)'/\ MG = a^/{G^pf'\ (13) 

These scales, derived essentially from dimensional analysis, govern the structure 
and stability of self-gravitating clouds (the density p can be chosen to be the 
central density, the mean density, or the density at the surface, depending on 
the application). The gravitational time scale is often expressed in terms of the 
free-fall time, which is the time for a pressure- free, spherical cloud to collapse to 
a point due to its self-gravity. 



/ 37r g /103 cm-3\'/' 



yr, (14) 



where the numerical value is based on a He abundance of 10% by number. 

The simplest case of a self-gravitating cloud is a static isothermal cloud with 
no magnetic field. For a given surface pressure Pth, o = Po^'th' critical mass 
Mcr — i.e., the maximum mass for such a cloud to be in hydro s tatic equilibr ium 



(stable or unstable) — is the Bonnor-Ebert mass (jBonnoil . Il95fil : lEbertl Il957l ^ 



For conditions typical of dense clumps within low-mass star- forming regions, this 
is of order a solar mass: Mbe = 0.66(r/10 K)2/(-Pth/3 x 10^ /cb cm-^K)!/^ j^^^ 
where k-Q is Boltzmann's constant and the pressure is normalized to the mean 
kinetic pressure in a typical GMC ( ^3.ip (which is similar to the mean thermal 
pressure in dense clumps). Note that the Bonnor-Ebert mass is very nearly 
equal to the characteristic gravitational mass Mg{po), when evaluated with the 
conditions at the surface of the cloud. The radius of a Bonnor-Ebert sphere is 
-Rbe = 0.486(Tth/(G/9o)^''^ = OASGRcipo); this is comparable to the Jeans length 
(see below). 

The importance of the magnetic field to cloud structure is determined by the 
ratio of the mass to the magnetic critical mass M$, which is defined by the 
condition that the magnetic energy equal the gravitational energy, B = \W\, for 
a cold cloud in magnetostatic equilibrium: 

M^ = c^-^Y/^, (16) 

wher e $ is the magnetic flux threading the cloud fe.g.. see the review bv McKee 
et al. . 119931 ^. Magnetic fields alone cannot prevent gravitational collapse in mag- 



netically supercritical clouds (M > M$), whereas gravitational collapse is not 
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possible in magnetically subcritical clouds (M < M^); keep in mind, however, 
that M can change as the result of flows along the field, and M$ can change due 
to ambipolar diffusion. The numerical coefficient 0$ depends on the internal dis- 
tribution of density and magnetic fields. A co ld cloud with a poloidal field and 



a con stant mass-to-ffux ratio has c$ = 0.17 (jTomisaka. Ikeuchi. Sz Nakamura . 



19881 ). essentially identical to the critical value of the mass-to-flux rat i o for an in 



finite cold sheet, G^^'^{^/B)cr = 1/{2tt) ~ 0.16 (jNakano fc Nakamural . [ToT^ . For 



clouds with two o ther distributions of the mass-to-flux ratio. Tomisaka. Ikeuchi, 
& Nakamura (1988!) found that the critical mass-to-flux ratio for the central flux 
tube corresponds to c<j> ~ 0.17 — 0.18. For more complex field geometries, the 
magnetic fiux does not determine the mass that can be supported by magnetic 
stresses; for example, if the field is poloidal, with half the field pointing one way 
and half the other, so that the total fiux is zero, the mass that could be sup- 
ported would initially be M$, but it would go to zero as t he fiel d reconnects. For 
a random field, arguments based on iMcKee HollimanI (|l999l l suggest that the 



mass that can be supported by magnetic fields is comparable to that in equation 
dUD, but with $ replaced by vriJ^ (52^1/2. Qf course, when turbulent magnetic 
fields are present so are turbulent velocities, which lend their own support to the 
cloud (see below). 

The magnetic critical mass ca n also be expressed in terms o f the mean density 
and magnetic field in the cloud ( Mouschovias &: Spitzer . 19761 ). 



Mb _ (M^Y 



M \M J 



(17) 



For an ellipsoidal cloud of size 2Z along the axis of syin metry and radius R 
normal to the axis, this becomes (|Bertoldi fc McKed . [iB 



(18) 

where the latter expression uses c$ = l/(27r). Note that Mb has the same form as 
the gravitational mass Mq, with the velocity dispersion a replaced by the Alfven 
velocity va_ = -B/(47rp)^/^. Based on the idea that cores form from sheets that 
are supported by kinetic pres sure along the magnetic field and magnetic tension 
in the (perpendicular) plane, IShu. Li. fc Al len ( 2004 ) have introduced another 
mass scale, Mq = 7r^cr^/(G^/^5), which yields values ~ Mq when a —>■ ath and 
B 30 /iG. 

Just as in the case of stellar structure, it is useful to consider polytropic models 
of molecular clouds, in which the pressure is a power-law function of the density, 

P(r) = Kp(r)Tp, (19) 

where K is constant and 7^ is often written as 1 + 1/n. Here, P(r) and p(r) 
represent the total pressure and density averaged over the surface of a sphere of 
radius r. This approach is based on the microturbulent approxii nation, in which 



the tu rbulent pressure pa^^ is included in the total pressure (jChandrasekhaii . 



1951al lbl^: this is equivalent to assuming that the random dynamical motions 



are isotropic. For a given cloud at a given time, this is reasonable for small-scale 
motions, but the approximation becomes worse as the scale of the motion becomes 
comparable to the scale on which the pressure is being evaluated. However, just 
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as in the case of the virial theorem, the microturbulent approximation becomes 
better - for objects that hve more than a dynamical time - if a time average 
is taken. Polytropes are spherical, so polytropic models apply only to objects 
with well-defined centers; for such objects, an angular average is also necessary, 
which improves the accuracy of the microturbulent approximation. Star-forming 
clumps and cores often appear centrally concentrated and are therefore suitable 
for modeling with a polytrope, whereas many GMCs do not appear to have well- 
defined centers and are not very suitable for polytropic models. 

For a polytrope, the velocity dispersion obeys a'^ = P/p oc p'^^'^. If the mean 
density decreases with increasing scale (as it does for an object in hydrostatic equi- 
librium), it follows that the velocity dispersion increases with scale for 'y ^ < 1, 
which is consistent with observations of molecular clouds (|Malonevl . [l988l l. [Be- 
cause n = l/(7p — 1) is negative in this case, such polytropes are often referred 
to as "negative-index polytropes."] The stability of a polytrope depends on both 
7p and on its adiabatic index 7, which describes the change in the pressure asso- 
ciated with a given perturbation in density, 6lnP = -fS In p. The value 7 = | is 
critical for spherical clouds: clouds with 7 > | are gravitationally stable for arbi- 
trarily large masses, whereas those with 7 < | are unstable for sufficiently large 
masses, or, at fixed mass, for sufficiently high ambient pressures. Correspond- 
ingly, the gravitational mass Mq is independent of densit y for 7 = |. Pol ytropes 
with 7p < I must be confined by an ambient pressure ( Chandrasekhail . 19391 ) . 
and their propertie s are d etermined by the pressure of the ambient medium. 



McKee &: Holliman ( 19991 ) show that polytropes with < 7p < 1 have masses 



< 1.182Mg{po); the mean density and pressure of these polytropes are < 3.8 
times the surface values. 

As discussed in ^2.1.51 turbulent regions exhibit a line width-size relation in 
which the velocity dispersion averaged over a volume increases systematically 
with size scale, a^t oc r''. Observations often show q ~ 1/2, the value expected 
for Burgers turbulence (see ^2.1.ip . In general, this line width-size relation re- 
flects the statistical increase in velocity differences with separation between two 
points, rather than the absolute increase in the local turbulent velocity amplitude 
with distance from a common center. If the medium is gravitationally stratified, 
however, the central point has a physical significance, and it is not currently 
known whether in this situation q varies significantly (locally or globally) from 
its value in a non-stratified medium. Observations of individual low-mass cores 
i ndicate increasing linew idths away from the centers, with g ~ i on large scales 
( Goodman et al. . 19981 ): similar observations for star- forming clumps or high- 



mass cores, which are supersonically turbulent, are not yet available. In poly- 
tropic models with the density follows a power-law in radius, 
p oc r'^p, with kp = 2q/{l — 7p). In hydrostatic equilibrium, kp = 2/(2 — 7p) 
must hold, so that q = (1 — 7p)/(2 — 7p); the value q = 1/2 thus corresponds 
to 7p — > 0. This has motivated the study of equations of state for turbulent gas 
that include a pressure proportional to the loga r ithm o f the density, so-called 
"logatropes" (|Lizano fc Shiil . Il989l : ICehman etaP . I199(tI ). iMcLaughlin fc Pudritd 
(l996) pointed out a difficulty with previous logatropic models and developed a 
variant that overcame this problem; however, their model leads to line w idths 
that actually decrease near the edge of the cloud ( McKee &: Tanl . 20031 ) . An 
alternative model for clouds in which the inner regions are supported by thermal 
pressure and the envelopes are supported by turbulent pressure is the "TNT" 



18 



McKee k Ostriker 



(thermal/nonthermal) model, in which the density is assumed to be given by 
the sum of two power laws, one with kp = 2, representing a sin gular isothermal 



sphere, and one with kp < 2 , representing a turbulent envelope ( Mvers Sz Fulled . 



199i : ICaselh fc Mw^ . ll99,5h . A more rigorous formulation of this type of model 
is that of a composite pol ytrope, in which the co re and envelope of the cloud 
have different values of 7p ( Curry &: McKee . 20001 ). 

Cosmological simulations show that s elf-gravitating, pressu reless matter con- 
denses into filamentary structures (e.g., ISpringel et al.l. 20051 ). This reflects the 
nature of evo lution of cold, triaxial mass dis tributio ns under self-gravitv ( Lin. 
Mestel, & Shu,ll965|): the first collapse is along the shortest axis, and the second 
collapse is along the (original) intermediate axis, resulting in a filament aligned 
along the (o riginal) long axis. Molecular clouds often exhibit f ilamentary struc 
ture as well (ISchneider &: Elmegreen . Il979l : iMizuno et aP . Il995l : iNagahama et al 



19981 : Lada. Alves. &: Lada . 19991 ). This may reflect the effects of self- gravitational 
evolution, similar to cosmic structure formation. However, it may also reflect the 
effects of strongly supersonic turbulence. Converging turbulent flows produce 
curved sheets of shocked gas at stagnation surfaces, and the loci of these sheet 
intersections a re filaments. The morphology of cold, diffuse HI is sim ilar to that 
in GMCs (e.g. iHeiles Trolandll2003l : [McClure-Griffiths et al.ll2006l ). suggesting 
that at least some of the filamentary structure in star-forming clouds originates 
with multi-scale supersonic turbulence; the filaments that are created by turbu- 
lent flows may also be (or become) self-gravitating. 

Virial balance in filamentary clouds implies GM/£ = Gm£ ^ g^, where i is a 
l ength along the filament and mi is the mass per unit length. Fiege &: Pudrit j 
lave shown that the virial gravity term for a cylindrical cloud with an 



arbitrary density profile is We = —Grnj, which, in contrast to the spherical case, is 
unchanged by radial compression. They also showed that the critical mass/length 

IS ?TT.£ cr 

= 2(j^/G. Filaments with 7 = 7p > 1 are stable against compression, 
since the ratio of kinetic energy to gravitational energy does not decrease during 
compression. Isother mal filame r its ha ve a density p = pdW + ^^jfof'^^ where 
ro = {2/11^/'^ Rg{Pc) (jOstriker . 1964 : the properties of filaments with 7p > 1 
are not strongly affected by the ambient medium for r ^ rg, which is why 
their properties are determined by the central densit y Pr.) However, o bserved 
filaments often have o oc 1 /r^ rather than 1 /r^ (fL ada. A lves. fc Ladal.ll999l'l. Fiege 
& Pudritz (l20dj" have shown that isothermal filaments with helical magnetic 
fields of the right magni t ude c an give rise to such a density profile; alternatively, 
Nakamura &: Umemura ( 20021 ) have shown that negative index polytropes with 
7p slightly less than unity have p oc 1/r^ . 

In general, masses in excess of the critical mass are subject to fragmentation. 
In an isothermal, uniform medium, the minimum wavelength for gravitational 
fragmentation is the Jeans length. 
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The corresponding Jeans mass is M,j = (47r/3)(Aj/ 2 ')^j9 = 2.47Mbe; where we 
have adopted the definition of iBinney &: Tremainel (1983) (the Jeans mass is 



elsewhere often defined as pAj = QMj/tt, which is even larger than the Bonnor- 
Ebert mass). For slabs and filaments, there is a fastest growing mode, which 
will determine the spacing of fragments. For an isothermal slab with surface 
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density S and with pc > po, it is Amax,siab ~ '^^^'^^jiPc) = 4cJt\/(GS), where 
the Jeans length is defined in terms of the midplane density p^.- An iso thermal 
filament with pc ^ po has mi ~ ?7t-^, cr ^'iid A^ax, fil ^ 1-25 x 2^/^Aj(pc) ( Larson . 
19851 ). These estimat es assume that the gas is op tically thin; if it becomes opaque 



fragmentation stops. ILow &: Lynden-Belll ( 1976) show that fragrn entation ceases 
for masses < 0.004 Mq (including He — see IWhitworth et al.ll2007l ). and that this 
is relatively insensitive to parameters. 

For a thin, rotating disk, rotation stabilizes self-gravitational contraction for 
wavelengths greater than the Too mre length At = 47r^GS/K^, where k is the 
epicyclic frequency ( Toomr j . 19641 ). In order for a rotating gas disk to fragment, 
the maximum instability scale imposed by angular momentum considerations 
must exceed the minimum length for fragmentation set by thermal pressure. The 
Toomre parameter Q = /t(Tth/(vrGS) = (Amax.siab/AT)^^^; and must be < 0.7 — 1 
for gravitational fragmentati on in an isothermal rotating disk , depending on the 
strength of magnetic fields (Goldreich &: Lvnden-Belll. Il965l: Kim. Ostriker, & 
Stone, 2002). Allowing for turbulence and for the additional gravity of a stellar 
disk (for large-scale galactic insta bilities) , the crit ical Q is larger (see ^3.2.ip . Real 
gases are not strictly isothermal; Gammij (j200ll ) has shown that in a Keplerian 
disk, the cooling time icooi and angular velocity Q = n must satisfy the condition 
*cooi ^ 3r2~^ for gravitational runaway to occur (the coefficient 3 is based on 
2D simulati ons with 'y^w = 2. allowing for dimensional reduction: Rice. Lodato, 
&: Armitage 120051) showed that this coefficient can change by a factor of a few 
depending on the adopted 7). Nonlinear instability develops when Q is small even 
for adiabatic disks, but gravitational coll apse of the condensatio ns that form is 
ultimately halted if 7 is sufficiently large ( Kim &: OstrikeJ . I2OOII ). 



2.3 Magnetic Fields 

The interstellar medium is strongly magnetized, whereas stars are weakly magne- 
tized. How the mass-to-flux ratio increases so drar natically during st a r form ation 
is one of the classic problems of star formation ( Mestel &: Spitzerl . 19561 ). We 
shall characterize this ratio by the ratio of the mass to the magnetic c ritica l 



Heiles fc Trolandl (|200,5h 



mass for poloidal fields, /i$ = M/M$ (eq. [H 
found that the median field in the cold H I phase of the ISM (the CNM) is 
\Bq\ = 6.0 lb 1.8 /xG, and that the CNM is organized into sheets with column 
densities 2.6 x 10^*^ cm~^ ^ Nh ~ 2.6 x lO^'' cm~^; the maximum column pre- 
sumably refiects the transition to molecular hydrogen. It follows that the CNM 
is magnetically very subcritical, p^ < 0.16 (throughout this section, we evaluate 
M$ with c$ = l/27r, the value appropriate for sheets). There are thus two parts 
to the magnetic fiux problem: How does the mass-to-flux ratio increase to /x^ > 2 
so that gravitational collapse can readily occur, and then how does it increase to 
the very large values (~ 10^~®) characteristic of stars? 

Astronomers have two primary methods to measure the strength of magnetic 
fields in the dense ISM: the Zeeman effect, which meas ures the line-of-sight com- 
poneii t, -Bios! and the Chandrasekhar- Fermi method (jChandrasekhar &: Fermil . 
1953al ). which measures the component of the field in the plane of the sky, -Bpos; 



by comparing the fluctuatio ns in the directi on o f Bpns with those in the veloc- 



ity field (see the reviews by ICrutchei] . l2005l and iHeiles k Crutched . l2005l : note 
that in the diffuse ISM, magnetic field strengths are also obtained by Faraday 
rotation and synchrotron observations, with results consistent with Zeeman ob- 
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servations.) The morphology of the field, which is needed for the Chandrasekhar- 
Fermi method, can be m easured from dust polariza. tion and from linear polar- 
ization of spectral lines ( Goldreich &: Kvlafid . 1981 ). The la rgest compilatio n 
of magnetic field strengths in molecular clouds remains that of ICrutcher 
although it must be noted that the median temperature of the regions with de- 
tected fields is 40 K, significantly greater than average. Inferring the intrinsic 
field strength and column de nsity from measurement s of the line-of-sight com- 
ponents is somewhat subtle (iHeiles fc Trolandl - liooih : in particular, care must 
be exercised in evaluating the average value of B^^/B using logarithmic values, 
since {log B^^/B) < log{B^^/ B) . However, it is straightforward to infer the median 
values: -Bmed = 2i?ios, mcd and, for sheets, A^med = -^los, med/2- Most of the struc- 
tures Crutcher (1999) studied are relatively dense cores, so it is plausible that 
they are n ot sheet-like: in that case, the median value of us> is 1.65 ifc 0.2 f Heiles 
& Crutcher"]200ir 

note that the values in Crutcher 1999 are based on c$ = 0.12, 
whereas we are using 0$ = l/27r), the cores are supercritical and the magnetic 
field is unable to significantly impede gravitational collapse. On the other hand, 
if the objects in his sample are in fact sheet-like, then the median value of 
is reduced to 0.8, and the typical core is about critical. However, it should be 
noted that none of the cores have observed line-of-sight fields strong enough to 
ensure that they are subcritical, and for many cases only upper limits on the 
magnetic field stren gth are obtained. Subsequent OH Zeeman observations by 
Bourke et al.l (|200ll ) have strengthened these conclusions, although these authors 



suggest that observations with higher spatial resolution are needed to determine 
whether the relatively low fields they infer (mostly upper limits) are in part due 
to variation s in th e field structure within the telescope beam. 

Crutcher (Il999l 'l also reached a number of other conclusions on the role of 
magnetic fields in cores and clumps within molecular clouds from his sample: 
the observed structures are in approximate virial equilibrium; the kinetic and 
magnetic energies are in approximate equipartition, as expected theoretically 
(jZw eibel &: McKed . 1995 ): correspondingly, the Alfven Mach number is Ma — 1; 
the observed motions are highly supersonic, with A^s = \/3cJnt/cs ^ 5; and, to 
within the errors, B oc p^^^, which corresponds to a constant Alfven velocity (for 
sources with measured fields, as oppo sed to upper limits , the average value is 
— 2 km s^^, as found previously by Heiles et al.l . 19931 ). Basul (2000) showed 
that the dispersion of the Alfven Mach number is significantly less than that in 
the Alfven velocity in this sample. He argued that a constant value of Ma is 
to be expected if the clouds are strongly bound, so that the surface pressure is 
negligible , and if fj,^ is about constant. Adopting a median value Ma = 1-0 from 
Crutched (|l999f ) gives a median value for the magnetic field of 
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(21) 



The value of the density in this relation is A'^h/(4-R/3), where R is the mean 
projected radius. Projection effects could cause the actual density to differ from 
this, b ut the change is not large for triaxial clouds of the type considered by lBasu 

feood ). 

As yet, observations of the mass-to-flux ratio on large scales, up to that of 
GMCs, are not available. The definition of /i<j> implies 
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where the numerical evaluations are based on c$ = l/27r, the visual extinction is 
Ay = A^H'5gr/(2 X 10^^ cm~^), and Sgj- is the dust-to-gas ratio normalized to the 
local interstellar value. Typical Galactic GMCs have A^h = 1-5 x 10^^ cm~-^ (see 



§3.ip . corresponding to critical magnetic field strength (i.e., such that = 1) of 
Bcr = 57 nG for the large-scale mean field. In regions with densities tih ~ 2 x 
10^ cm~^ , the l owest for which molecular- line Zeeman observations are available, 
Crutcher reports line-of-sight magnetic field strengths of < 21/iG. Allowing 



for an increase of up to a factor of two for projection effects, and for the fact that 
the mean magnetic field strength will not increase as the density is reduced by a 
factor of ~ 10 to reach the volume-averaged value in GMCs, we infer that GMCs 
are supercritical. CMC magnetic fields are not too weak, however: 450 /xm 
polarimetry of four GMCs shows that the orientation of the field appears to be 
preserved during the formation of th e GMCs and t hat the energy in the field is 
comparable to the turbulent energy (|Li et al.l . [200t ). 



Theoretical arguments are consistent with the empirical evidence that GMCs 
as well as their sub-parts are supercritical with respect to their mean magnetic 
fields. Models of self-gravitating, isothermal, magnetized clouds show that large 
pressure contrasts between the center of the cloud and the edge occur only when 
the cloud is near its critical mass; furthermore, if the kinetic energy is comparable 
to the magnetic energy, the n large pressu r e cont r asts occur only for M > . Ex- 
tendin g the earlier work of Mouschoviad ( 1976f ). Tomisaka. Ikeuchi. &: Nakamural 
( 19881 ) found that for the cases they considered with SttP/B'^ = 1, the central 
pressure significantly exceeds the surface pressure only when M is quite close to 
Mcr, and that ii i these c ases the cloud is magnetically supercritical, M > M$. 
Using this work, iMcKeel (Il989l ^ showed that the critical mass is Mcr — -\- Mbe 
for quiescent clouds; he assumed that this relation applies to turbulent clouds as 
well, with (Tth replaced by the total velocity dispersion a, but the validity of this 
assumption remains to be demonstrated. Since, on large scales, the turbulent 
magnetic energy is likely comparable to or larger than the mean magnetic en- 
ergy, and the kinetic energy is at least as large as the magnetic energy (and much 
greater t han t he thermal energy), then clouds with a^ir ~ 1 have M > 2M$. 
Nakanol ( 19981 ) has given a similar, more precise argument that the smaller-scale 
and less-turbulent cores that form stars are also magnetically supercritical. In 
both cases, the basic argument is that if gravity is strong enough to overcome 
both kinetic energy (turbulent plus thermal) and magnetic fields (turbulent and 
ordered) in order to form a bound object, then it is certainly strong compared 
to the support from mean magnetic fields alone. Note that this argument does 
not apply to objects that are not bound, but instead are the result of colliding 
fiows ( ^3.2.ip . It is of great importance to determine observationally the relative 
importance of magnetic fields and gravity in the large scale structure of molecular 
clouds. 

Most detailed modeling of magnetic fields in non-turbulent cloud s is based on 
the assumption that the field is poloidal (e.g., Mouschoviad . 1987 ): such fields 
always tend to support clouds against gravity. On the other hand, the toroidal 
compoi ient of a helical field exerts a confinin g force, and can lead to prolate 
clouds (iTomisakal . [ l99ll: iFiege fc Pudritj.l2000l) . From a virial analysis of several 
filamentary cloudsT fFiege Sz Pudritz ( 2000l ) find that the self-gravity and the 
pressure of the ambient medium are inadequate to account for the high mean 
pressures that are observed in the clouds; they conclude that the data can be 
explained if these clouds are confined by helical fields. The principal uncertainty 
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in this analysis is that in most cases there is no direct measurement of the ambient 
pressure. 

There are two mechanisms for increasing the mass-to-flux ratio, flows along 
magnetic fields and ambipolar diffusion. In the part of a bound molecular cloud 
that is shielded from the interstellar radiation field so that the ionization is due 
to cosmic rays, the ambipo lar diffusion t i me is about 10 times the free-fall time in 
the absence of turbulence (IMquschovias . 1987) and several times faste r than this 
in t he presence of turbulence (IZweibel 12002: .Fatuzzo fc Adamsl. 120021: Nakamura 
& Li, 2OO5I ). Howeve r, most of the mass of a GMC is ionized primarily by FUV 
radiation from stars (|McKeel . [l989l 'l. and in this gas the ambipolar diffusion time 
is much longer. GMCs are very porous, and as a result an even larger fraction 
of the volume of the cloud is likely to be ionized above the level set by cosmic 
rays. It follows t hat flux - freezi ng is a good approximation on large scales in 
molecular clouds. iMestell (|l985l ) introduced the concept of the "accumulation 
length," Lq, the size of the region required to achieve a given mass-to-flux ratio 
when flux-freezing applies, = M/M$ oc uoLq/Bo. In our notation this yields 
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(23) 



where -Bq, -6 = Bq/{1 /xG). Using ng ~ 1 cm^ for the mean density in the 
diffuse ISM (since GMC columns are much greater than those of individual CNM 
clouds) and -Bq, -6 ~ 6 for the mean fiel d in the solar vicinity (si nce the mean 
field should be similar to the CNM field— IPiontek fc Ostrikeil . l2005f ) gives a large 
value for this length, ~ 1 kpc if GMCs have ~ 2. In fact, as we shall discuss in 
^3.2.H GMC formation from large-scale self-gravitating galactic disk instabilities 
indeed involves very large accumulation lengths, and yields supercritical clouds. 

As discussed above, current observations do not determine whether ambipo- 
lar diffusion is necessary for the initiation of gravitational collapse. Theoreti- 
cal simulations suggest that in the absence of ambipolar diffusion, star forma- 
tion is strongly suppress ed in magnetically subcrit i cal re gions, even if /i$ is only 
slightly less than unity (jKrasnopolsky &: Gammiel . [2005h . However, similar sim- 
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higher masses. Simulations with ambipolar diffusion in weakly ionized plasmas 
are very challenging. In the strong-coupling approximation, in which the ions 
are not treated as a separate fluid but the fleld diffuses relative to the flow, ex- 
plicit MHD codes have time steps oc Ax^, which is prohibitive at high resolution 
(|Mac Low et al.l . ll995h . S the ions are treated as a separate fluid, explicit codes 



must resolve Alfven waves in the ions as well as Alfven waves in the coupled 
ion-neutral fluid. For ionizations < 10~^, the Alfven velocity in the ions can 
exceed 10^ km s~^, leading to very small time steps. A potential way around 
this problem is to increase the ion mass and decrease the ion-neutral coupling 
constant so that the momentum exchange rate between the ion s and neutrals is 
unchanged (|Oishi Mac Lowl . I2OO6I : iLi. McKee. fc Kleinl . l2006l ^. 



One regime in which ambipolar diffusion (or the lack of it) could have a strong 
effect on the star formation rate is in the outer layers of GMCs, which are domi- 
nated by FUV ionization. As remarked above, these regions constitute the bulk 
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of the mass of a GMC, as much as ~ 90%. FUV photoionization slows ambipolar 
diffusion, and therefore star formation, when it dominates cosmic-ray ionization, 
which occurs for visual extinctions Ay < 4 mag f rom the surface or ~ 8 mag along 
a line of sig ht through the cloud (|McKeel . Il989h . Suppression of star formation 
i n the outer layers of GM Cs has been con firmed in the L1630 region of Orion 



( Li. Evans. &: Lada . 1997 ) and in Taurus ( Onishi et al. . 19981 ). To the extent 



that ambipolar diffusion is essential for forming molecular cores, the absence or 
near absence of s ulj-min cores in the outer lavers of Oohiuchus {Johns tone, Di 
Francesco, & Kirk.l2004ll and Perseus (|Enoch et a l.1. 12006: Hatch eh et al.l .[2005) is 
qualitati vely consistent with this prediction. On the other hand. Strom. Strom, 
& Merrill dlHsJ" find that there is a substantial distributed population of young 
stars in L1641, although this population is relatively old (5 — 7) Myr. 

2.3.1 Ionization The chemistry of molecular clouds is a full subject in its 
own right. Here we summarize several developments that affect the ionization, 
which governs the coupling between the gas and the magnetic field. (1) Photodis- 
sociation regions (PDRs) are regions of the ISM that are predominantly neutral 
and in which the chemist ry and heating are predomin antly due to far-UV radi- 
ation (see the review by iHollenbach &: Tielend . 19991 ) . Most of the non-stellar 
infrared radiation and most of the millimeter and submillimeter CO emission in 
galaxies originates in PDRs. In the typical interstellar radiation field, photoion- 
ization dominates ionization by cosmic rays for e xtinctions Ay < 4 mag, which 
includes most of the molecular gas in the Galaxy (iMcKeel . [iS . (2) Polycychc 
aromatic hydrocarbons (PAHs), which contain a few percent of the carbon atoms, 
often dominate the mid-IR spectrum of star-forming regions and galaxies. It is 
frequently assumed that PAHs have a low abundance in molecular clouds due to 
accretion onto dust grains; if this is not the case, they ca n dominate the io niza- 



tion balance, since electrons react with them very rapidly ( Lepp et al. . 19881 ). (3) 



Hg is a critical ion in initiating ion-molecule reactions in molecular clouds. For 
many years, the rate of dissociative recombination, H|^ + e — > H2 +H or H+H+H, 
was uncertain, but careful laboratory experiments ha ve shown that the ra te co- 
efficient for this reaction is large: a fit to the results of iMcCah et"al] (|2003l ^ gives 
arf(Hj^) = 4.0 X 10^^(r/10 K)^°-^^ cm^ s~^. In order to maintain the observed 
abundance of HjJ" in the face of this high recombination rate, these authors in- 
ferred a very high cosmic-ray ionization rate, CcR = 6 x 10^^^ s^^ per H atom (in- 
cluding secondary ionizations), in a diffuse molecular cloud along the line of sight 
to C Per. Model s involving two gas phases give somewhat lower values of CcR (e.g., 
but the correct value is now quite uncertain. In dense clouds. 



Dalgarnc^, 

Dalgarno^ (|2006l ) concludes that the ionization rate is CcR — 2.5 — 5 x 10"^'' s 



(4) Recent observations have established that carbon-bearing molecules freeze 
out onto dust grains at high densities (nn ~ 10^ cm~^) in l ow-mass cores, with 



nitro gen-bearing molecules freezing out at higher densities (jdi Francesco et al. 
20071 ^. This affects the ionization, since it removes abundant ions such as HCO"*" 



from the gas. 

Although the chemistry determining the ionization in molecular clouds is com- 
plex, simple analytic estimates are possible. In the outer layers of PDRs, carbon 
is photoionized so that rig ~ n{C). In regions ionized by cosmic rays, the degree 
of ionization is given by 



CcR 



1/2 



(24) 
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if the ionization is dominated by molecular ions (including PAHs), where a is 
the relevant recombination rate in the chemistry that determines the ionization 
fraction. If PAHs are depleted, then a ~ 10~^ cm^ s~^ is the dissociative re- 
combination rate for heavy molecules provided the density is high enough that 
Hjj' is destroyed primarily by reactions with such molecules; for lower densi- 
ties, where the ionization is dominated by HJ^, one has a = ad(H^)- If PAHs 
are sufficiently abunda nt that most o f the electrons are attached to PAHs, then 
a ~ 3 X 10~ cm s' (iTielengl . \m)^ ) and Ue in equation (l24l) includes the elec- 
trons attached to PAHs. Metal ions can be readily included in the analytic theory 
(jMcKed . Il989l). but thev do not appear to be important in dense cores f Maret , 



Bergin. k Lada. 12 006^. E quation (|2^ is consistent with the results of Padoan 
et al. ( 20041 ) at late times and at high densities for a ~ arf(HCO"'"), which they 
took to be 2.5 x 10~^ cm'^ s~^. 



3 MACROPHYSICS OF STAR FORMATION 

3.1 Physical State of GMCs, Clumps, and Cores 

The molecular gas out of which stars form is found in molecular clouds, which 
occupy a small fraction of the volume of the ISM but, inside the solar circle, 
comprise a significant fraction of the mass. The terminology for the structure of 
molec ular clouds is not fixed: here we follow the discussion in Williams. Blitz, &: 
McKee (l20oJ~ Giant molecular clouds (GMCs) have masses in excess of 10^ Mq 



and contain most of the molecular mass. Molecular clouds have a hierarchical 
structure that extends from the scale of the cloud down to the thermal Jeans 
mass in the case of gravitation a.lly bound clouds, and down to much smalle r 
masses for unbound structures ( Langer et al. . 19951 : Heithausen et all 19981 ). 



Overdense regions (at a range of scales) within GMCs are termed clumps. Star- 
forming clumps are the massive clumps out of which stellar clusters form, and 
they are generally gravitationally bound. Cores are the regions out of which 
individual stars (or small multiple systems like binaries) form, and are necessarily 
grav itationally bound. As r emar ked above, this terminology is not universal; 
e.g., Ward-Thompson et all ( 2007 ) use "pre-stellar core" to refer to a core, and 



"cluster-forming core" to refer to a star-forming clump. 

A molecular cloud is surrounded by a layer of atomic gas that shields the 
molecules from the interstellar UV radiation field; in the solar vicinity, this layer 
is observed to have a column densi ty A^h — 2 x 10^*^ cm~^, corres ponding to 
a visual extinction Ay = 0.1 mag ( Bohlin. Savage, Drakg . 19781 ). A larger 



column densit y. Nvi 1.4 x 10^^ cm ^. is required for CO to form ( van Dishoeck 



& Black, 1 19881 ). The layer of gas in which the hydrogen is molecular but the 
carbon is atomic is dif ficult to observe, and has been termed "dark gas" (' Grenier. 
Casandjian, & Terrier, |20oJ^ 



The mass of a molecular cloud is generally inferred from its luminosity in the 
J = 1 — line of ^^CO or ^^CO. Because ^^CO is optically thick, estimating 
the column density of H2 molecules from the ^^CO line intensity Iqo (in units 
of K km s~^) requires multiplication by an "X-factor," an appropriate name 
since it is not well understood theoretically; this is defined as X = A^(H2)//co- 
Various methods have been used to infer the value of X in the Galaxy. In one 
method, observations of 7-rays emitted by cosmic rays interacting with the ISM 
give the total amount of interstellar matter; the mass of molecular gas follows by 
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subtracting the neutral a tomic hydrogen (H I) contribution. With this technique, 
Strong Mattoxl (|l996l ) infer X = 1.9 x lO^o cm-2(K km 8"^)-^ In another 
method, subtracting the H I-associated dust emission from the total observed dust 
emission in the infrared gives a local value X = 1.8 x 10^" cm~^(K km s 



( Dame. Hartmann. Sz Thaddeud . 2001 ). Note that both of these methods account 
for all the molecular hydrogen gas, including the "dark gas." Allowing for the 
atomic shielding layer around a molecular cloud (but not the "dark-gas" layer), 
Elmegree"nl ( 19891 ) predicted X oc {Gq/Z)'^/^ /Th, where Gq is proportional to the 
intensity of FUV radiation that can photodis sociate H2, Z is the met allicity, and 
Th is the brightness temperature of the line. iMalonev &: Black ( 19881 ) concluded 
that Tfj should be substantially reduced in regions of low metallicity. Observing 
the ^^CO line is advantageous in that it is optically thin in all but the high- 
density cores. Conversion from ^^CO intensity to column density involves an 
assumption of LTE (using temperatures derived from ^^CO), and a fixed H2 to 
^^CO abundance. Because ^'^CO may be subthermally excited in diffuse regions, 
however, column densities there will be un derestimated. Near-infrared extinction 
mapping ( Lada. Alves. &: Lombardil . 2007 ) offers the prospect of obtaining more 
accurate masses, at least for nearby molecular clouds. 

The observed mass distribution of GMCs is a power law with a relatively 
sharp cutoff. Let dMc{M) be the number of GMCs with masses in the range M 
to M + dM. Observations of GMCs inside the solar circle (but excluding the 
Galactic Center) are consistent with the mass distribution of the form ( Williams 



& McKee, Il997f ) 



dMc 
dlnM 



cu y 



(M < M,), 



(25) 



with no GMCs above M^. Here Ncu/ot is equal to the number of clouds elimi- 
nated from the distribution by the cutoff at M^- With Mcu = 63, a = 0.6, and 
M„ = 6 X 10^ Mq, this cloud mass distribution accounts for all the molecular 
mass observed in side the sola r circle excluding the Galactic Center. An indepen- 
dent analysis by Rosolowskv ( 20051 ) finds a similar slope (a = 0.5 it 0.1), but a 
somewhat smaller maximum mass {Mu = 3 X 10^ Mq, ahhough this does not 
include the several most massive clouds). These results are necessarily approx- 
imate due to the difficulties in identifying clouds from position-velocity data in 
the inner Galaxy — in particular, blending of cl ouds along the line of sight is likely 
to make the true value of the slope steeper fiRosolowsky . 20051 ). However, the 
main implications are likely to be robust. First, most of the mass in GMCs is in 
large clouds — a significant fraction is in clouds with M > 10^ Mq, and > 80% 
is in clouds with M > 10^ Mq (see also Stark Led . 2006 ). And second, since 
Mcu ^ 1, the upper limit of th e mass distribution, M„, has a physical signifi- 
cance (|McKee fc Williamsl . \l99% . If there were no cutoff to the distribution, one 
would expect about 100 GMCs more massive than 6 x 10^ Mq in the Galaxy, 
whereas there are none. This upper mass limit may be set by the processes 
that form GMCs out of diffuse gas (see ^3.2.ip . It should be noted that the 
GMCs are embedded in more massive HI "superclouds" (sometimes encompass- 
ing multiple GMCs). which also appear to be gravitationallv bound f Elmegreen 
& Elmegreen, Il987l ). In other Local Group galaxies, CMC mass distributions 
have similar power laws to that i n the Milky Way, with the exception of M33, 



which has dMc/ dlnM oc M'^-^ (jBlitz et al.l . l2007l ). In more distant galaxies, 
giant molecular associations (GMAs) with masses up to ~ lO'' Mq have been 
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observed ( Vogel. Kulkarni. &: Scovill^ . Il988l : ISakamoto et alj . [199 91) . 

3.1.1 Dynamics of GMCs In a seminal paper, iLarsonl ([1981. ) summarized 
some of the key dynamical features of GMCs in what are often referred to as 
"Larson's laws." The first result is that GMCs obey a line width-size relation: 
GMCs are supersonically turbulent with velocity dispersions that increase as a 
power of the size. For G MCs in the first Galac tic quadrant, almost all of which 
are inside the solar circle, I Solomon et al.l (|l987l ) found 



a = (0.72 ± 0.07)R\ 



0.5±0.05 
pc 



km s 



(26) 



where Rpc = -R/(l pc). (Note that this value for Upc is based on a distance 
to the Galactic Center of 10 kpc; we have not adjusted this value for a more 
accurate distance since the change is within the errors.) iHever BruntI (j2004l ) 



find that this cloud-to-cloud relation extends to the structure functions within 
individual GMCs as well (see eq. [6] in ^2.1.5p , and argue that this demonstrates 
the universality of the turbulence in moderate-density gas in molecular clouds 
(see below). 

Larson's second law is that GMCs are gravitationally bound (ovir — 1; see 
eq. [TT]) . (It should be noted that while molecular gas is generally bound in 
the Galaxy, different physical conditions ca n lead to substantia l amounts of un- 
bound molecular gas or bound atomic gas — Elmegreenl . 1993bl .) Solomon et al. 



(119871 ) determined the masses of clouds in their sample using the virial theorem 
with CKvir = 1-lj and then determined the X-factor. Including He and adjusting 
the distance to the Galactic Center to 8.5 kpc from 10 kpc, their value of the 
X-factor corresponding to a typical CMC with a mass of 10^ Mq (see above) is 
1.9 X 10'^'^ cm~^(K km s^^)^^, the same as the value determined from 7-ray obser- 
vations; hence, the GMCs in their sample are gravitationally bound on average. 
(Note that this argument is approximate since the 7-ray value for the X-factor 
includes the "dark gas," whereas the value from the virial theorem includes only 
part of this gas, depending on the morphology of the CMC.) Observations of 
^■^CO, which is optically thin, permit a direct measurement of the mass, provided 
the abundance is known. Such observations of a sample of GMCs in the outer 
Galaxy, where blending of different clouds along the line of sight is negligible, 
confirm that molec ular clouds with M > 10^ Mr:^ (i.e.. GMCs) are bound f Hever. 
Carpent er, &: Sne ll, 200ll) . Lower mass clouds become progressively less bound 
(see also Malonev . 1990l ). and unbound molecular clouds are for many purposes 
equivalent to non-self-gravitating clumps within larger GMCs. Based on observa- 
tions in ^^CO and other species that are believed to be optically thin, clump mass 
functi o ns wi t hin GMCs follow dM/dlnM oc M -"ciump ^ith adump = 0.3-0.7 
(|Bhtd . I1993I : IWilhams. de Geus. Blitd . Il994l ). The slope of the clump mass 
function is similar to that for GMCs as a whole (see eq. [25]) . possibly because 
both are determined by turbulent processes within larger, gravitationally-bound 
systems. 

Larson's third law is that GMCs all have similar column densities. For the 
Solomon et al. ( 19871 ) sample, the mean column density is iVn = (1.5 it 0.3) x 
10^^i?p(?^*^'^ cm~^; this corresponds to an extinction Ay = 7.5 mag with the 
local dust-to-gas ratio. The corresponding mean surface density of GMCs is 
S = 170 Mq pc~^. Howe ver, GMCs in the outer Galaxy are observed to have 
smaller column densities ( Heyer. Carpenter. &: Snell . I2OOII ). in part because of 
the greater sensitivity of these observations. 
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As Larson pointed out, these three relations are not independent; any two 
of them imply the third. Indeed, if we express the line width — size relation as 



a = a 



pci?pc^, then 



vr pc 



3.7 



pc 



1 km s 



-1 



100 Mq pc 



-2 



(27) 



relates the three scaling laws. Observations supporting a "universal turbulence 
law" (eq. [6]) in the Ga laxy, and thus small di f ferences in a-^c between inner- an d 



I 1 I 1 I ^ 1 I 1 

outer- Galaxy GMCs (jHever fc Bruntl . 12004 : iHever. Williams, fc Bruntl . l2006|), 
then imply that the value of S is about the same for all GMCs with a^h ~ 1, 
regardless of Galactic location. Observational confirmation of this conclusion 
would be valuable. Provided Larson's Laws apply, the mean kinetic pressure 
within GMCs is independent of mass and size, and is given by Pkin = pc^ = 
3Scr^J(4 pc). For inner-Galaxy GMCs, this is Pkin/fcB « 3 x 10^ K cm^^. 

These results can also be expressed in terms of the sonic length £s (see §2.1.3p , 
since dpc = Cs{2/3is,pc)^^'^ if cr dnt ^ Cs, and i = 2R. Gravitationally bound 



1) that obey a line width-size relation with an exponent ~ 1/2 



' pc 

objects (avir 

necessarily have surface densities S = (10/37ravir)c^/(G^s) ~ cj/{G£s)- The 
small observed variation in S for the set of inner-Galaxy GMCs is then equiva- 
lent to a small variation in ig in those clouds (since Cs is observed to be about 
constant). In terms of £s, the mean kinetic pr essure in GMCs is P = Sc^/(2^s). 

Do Larson's laws apply in other galaxies? iBlitz et al.l (|2007l ) summarize ob- 
servations of GMCs in galaxies in the Local Group, in which the metallicity 
varies over the range (0.1 — 1) solar. They find that the GMCs in most of these 
galaxies would have luminous masses within a factor two of their virial masses 
if X = 4 X 10^*^ cm^^ (K km s^"*^)^^; alternatively, if X has the same value 
as in the Galaxy, then the GMCs are only marginally bound (ovir — 2). They 
conclude that metallicity does not have a significant effect on X since the ratio 
of the virial mass to the CO luminosity is constant in M33, despite a factor 10 
variation in metallicity. (Note, however, that Elmegreen 1989 argues that X de- 
pends on the ratio of the metallicity to the intensity of the FUV radiation field, 
which is not addressed by these results.) Although there is insufficient dynamic 
range for clear evidence of a relationship between linewidth and size based on 
current observations, the data are consistent with a oc E}^'^ but wi t h valu es of 
(Tpc (and therefore ig) that vary from galaxy to galaxy. iBlitz et al.l (|2007l ) also 
find that CMC surface densities have a relatively small range within any given 
Local group galaxy, while varying from ~ 50 Mq pc^^ for the SMC (L. Blitz, 
personal communication) to > 100 Mq pc~^ for M33. 

There are currently two main conceptual frameworks for interpreting the data 
on GMC properties. One conception of GMCs is that they are dynamic, transient 
entities in which t he turbulence is driven by large-scale colliding gas fl ows that cre- 
ate the cloud (e.g. Heitsch et al. 2005 : Vazguez-Semadeni et al. 20061: Ballesteros- 
Paredes et al. l2007h . This picture naturally explains why GMCs are turbulent 
(at least in the initial stages), and why the line width-size relation within clouds 
has an exponent of 1/2 - simply due to the scaling properties of supersonic tur- 
bulence. However, it is less obvious why a^ir ~ 1 and why S has a particular 
value, since small-scale dense structures may form (and collapse) at stagnation 
points in a high-velocity compressive flow before sufficient material has collected 
to create a large-scale GMC. Indeed, based on simulations with a converging flow 
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of ~ 20 km with no stellar feedback, IVazquez-Semadeni et al.l ( 20071 ) find 
that star formation occurs when the column density is Nh ~ 10^^ cm~^, a factor 
of ten below the mean observed value for GMCs. They also find that Ovir remains 
near unity after self-gravity becomes important, although the kinetic energy is 
primarily due to the gravitat ional collapse of the cloud, not to internal turbulence. 



Zuckerman Sz Palmed (|l974l ) argued many years ago that GMCs cannot be in a 



state of global collapse without leading to an unrealistically high star formation 
rate. Proponents of the transient CMC picture counter by po inting out that mos t 



Clark et al.l . l2005l l: 



of the gas in GMCs is unbound and never forms stars (e.g., 
the global collapse is reversed by feedback from stars that form in the fraction of 
the gas that is overdense and bound. Indeed, individual star formation proceeds 
more rapidly than global collapse in essentially all turbulent simulations (see also 
^3.2.2p . However, dominance of global collapse and expansion over large-scale 
random turbulent motions has not been confirmed from observations. 

In the second conceptual framework, GMCs are formed by large-scale self- 
gravitating instabilities (see ^3.2.ip . and the turbulence they contain is due 
to a combination of inheritance from the diffuse ISM, conversion of gravita- 
tional energy to turbulent energy during contraction, and energy injection from 
newly formed stars ( ^3.2.21) : th e bala n ce a mong these terms presu mably shifts 
in time. In the work of Chiez j (Il987l|: [Ehn cgrccn (1989); Malone3Jl988); Mc- 
Kee & Holhmanllii^; IMcK^ (|l999l ). GMCs are treated as quasi-equilibrium, 
self-gravitating objects, so that the virial parameter is near-unity by definition. 
Whether or not equilibrium holds, the virial parameter is initially of order unity 
in scenarios involving gravitational instability because GMCs separate from the 
diffuse ISM as defined structures when they become gravitationally bound. For a 
quasi-equilibrium, the mean surface density is set by the pressure of t he ambient 
ISM (see §2.2p . which in turn is just the weight of the overlying ISM. lElmegreen 



(119891 ) has given explicit expressions for how the coefficient in the line width-size 
relation and the surface density depend on the external pressure, finding results 
that are comparable with observed values. In particular, the cloud surface den- 
sity scales with the mean surrounding surface density of the ISM. Even if GMCs 
are not eq uilibria, if they are for i ned d ue to self-gravitating instabilities in spiral 
arms (e.g. iKim fc OstriQl2002l . l200fil ) they must initially have surface densities 
a factor of a few above the mean arm gas density, consistent with observations. 
Provided that stellar feedback destroys clouds within a few (large-scale) dynami- 
cal times before gravitational collapse accelerates, the mean surface density would 
never greatly exceed the value at th e time of formation. Simple niodels of cloud 
evolution with stellar feedback (e.g., Krumholz. Matzner. &: McKed 20061 ) suggest 
that the scenario of slow evolution with Ovir = 1 — 2 is self-consistent and yields 
realistic star formation efficiencies, but more complete studies are needed. 

The two approaches to inte rpreting CMC dy namics correspond to two alter- 
nate views on CMC lifetimes. lElmegreenI (|2000l ) argued that, over a wide range 
of scales, star formation o ccurs in about 1 — 2 dynamical crossing times of the sys- 
tem, t nrnss ^ 2R/ (^/Sa). iBallesteros-Parcdes. Hartniann. Sz Vazquez-Semadeni 



( I999I ) and Hartmann. Ballesteros-Paredes. &: Bergin (2001) focused on the par- 
ticular case of star formation in Taurus, and argued that it occurred in about one 
dynamical time. The alternate view is that GMCs are gravitationally bound and 



live at least 2 — 3, and possibly more, crossing times, tcross — lOMg'^^ Myr, where 
Mq = M/(10^ -^0) and a virial parameter Ovir ~ 1 — 2 is assumed. (Note that 
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the crossing time in the nearby star-forming region in Taurus is ~ 10^ yr, whereas 
in a large GMC it is ~ 10^ yr.) However, GMCs (as opposed to structures within 
them) cannot be too close to being equilibria, since they do not appear to have 
a systematic, global density stratification, nor does the line width-size relation 
within individual clouds differ from that in unstratified clouds. (Note that lo- 
gatropic clouds can account for the observed relation 5v oc l^^"^ only if they are 
unbound — see §2.2p . Estimates (empirical and theoretical) of GMC lifetimes will 
be discussed in §3.2.2[ It should be borne in mind that the difference between the 
two scenarios is only a factor ~ 2 — 3 for GMC lifetimes, which makes it difficult 
to obtain an unambiguous observational resolution purely based on timescales. 
However, there are major physical distinctions between the limiting cases of the 
scenarios that are under consideration - e.g. collapse triggered in colliding flows 
vs. a quasi-steady state supported by internally-driven turbulence. As complete 
numerical simulations are developed to flesh out the current proposals, it will be 
possible to distinguish among them using detailed kinematic observations. 
3.1.2 Clumps and Cores GMCs are highly clumped, so that a t ypical 



molec ule is in a region with a density significantly greater than average. iLiszt 



finds that th e typical densi t y of m olecular gas in the Galactic plane is 



-3. 



! typical cLensi t y or m olecular gas m tne Lialactic plane is 
Sanders et all (|l993h find a somewhat higher value from a 



TiH — 3 X 10 cm" 

multi-transition study, nn — (4 — 12) x 10"* cm""^. However, the mean density in 
GMCs is considerably less: since M oc nuR^ and Nn oc urR, 



84 



Vl.5 X 1022 cm-2 



3/2 



cm 



(28) 



wher e we have normalized the column density to the typical value in the Solomon 



et al. (|l987h sample. The effective filling factor of this molecular gas is then 



nn _ 0.028 /3000 cm^^ 



1.5 X 1022 cm 



-2 



3/2 



(29) 



Note that si nce f < 1, clouds wi th M < 10^ Mq must have column densities 
less than the Solomon et al. ( 198?! ) value if their typical density is ~ 3000 cm~^. 
The small filling factor of molecular gas in GMCs is expected in turbulent clouds 
( §2.1.4p . It should be noted that star-forming clumps are themselves clumpy, and 
contain the cores that will evolve into stars. 

The nature of the i nterclump medium is uncer t ain: it i s not even known if it is 
atomic or molecular ( Williams. Blitz. &: McKeel . [200nh . iHennebelle &: Inutsukal 
(|200(ih have suggested that the damping of hydromagnetic waves incident from 
the ambient ISM could maintain an interclump medium made up of warm H I. 

The physical condition s in clumps and cores have been th oroughly reviewed by 
di Francesco et al. (|2007l ^ and I Ward-Thompson et aD (|2007l ^. and we shall address 
only a few issues here. First, how well are Larson's laws obeyed in clumps and 
cores? Most_Jf COclumps are unbound, and therefore do not obey Larson's 
laws (e.g., Carr . 19871 ): the mass distribution of such clumps can extend in an 



unbroken power law fro m several tens of s olar masses down to Jup iter masses 
( Heithausen et al. . 19981 ). On the other hand. Bertoldi &: McKed (Il992t ) :bund that 
most of the mass in the clouds is concentrated in the most massive clumps, and 
these appear to be gravitationally bound. The virial parameter for the unbound 
clumps decreases with increasing mass, in a manner similar to that observed for 
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both the small molecular clouds a nd clumps within GMCs in the outer Galaxy 
( Hever. Carpenter. &: Snell . l200ll ). They found that the velocity dispersion in 
the unbound clumps is approximately independent of clump mass (or, since the 
clump density is also about constant in each cl oud, of clump size): the unbound 
clumps do not obey a line width-size relation. IHeyer. Carpenter. &: Sne 
find the same re sult for clumps in the outer Galaxy. By contrast. Falgarone. 
Puget, k Perault dlOoJ" found that unb ound clumps do ob e y a li ne-width size 
relation, albeit with considerable scatter. iBertoldi &: McKeel (Il992l ) showed that 
the kinetic pressure in the unbound clumps in their study is comparable to that 
in the host molecular cloud, which is P ~ GS^^ (eq. [T2|) . Further eyidence 
on whether clumps or cores are bound is imprinted in their shapes and density 
structure and is discussed below. 

It is difficult to determine from the data whether there is a line width-size 
relation within indiyidual clumps and cores. For low- mass cores. Barranco &: 
Goodman llOOSi ) (see also lCoodman et al.lll998l : iTafalla et al.1 120041 ) found that 
the nonthermal linewidth decreases and then reaches a minimum "plateau" leyel 
at a finite impact parameter ~ 0.1 pc from the center of the core. Because of 
projection effects, howeyer, it is not possible to determine whether the observed 
turbulence pervades the whole volume interior to that radial impact parameter, 
or whether the turbulence is primarily in a shell surrounding a more-quiescent 
core; it is also pos sible that the non- thermal line width is due to coherent oscilla- 
tions of the cores (iKeto et al.1 . l2006l ). A line width-size relation in the ensemble 
of different gravitationally bound cl umps and cores is expected only if they have 
similar surface densities (eq. [27]). Ijijina. Myers. &: Adamd ( 19991 ) carried out 



a comprehensive study of cores and star-forming clumps (in our terminology; 
"dense cores" in theirs) observed in NH3 and found that the objects with and 
without associated IRAS sources each obeyed a nonthermal line width-size rela- 
tion with slopes of about 0.5 and 0.8, respectively. When the sample was divided 
into objects associated with or without clusters (defined as having at least 30 
embedded YSOs), the cluster sample had a weak correlation between line width 
and size with a slope of only about 0.2, whereas the non-cluster sample had a 
stronger correlation with a slop e of about 0.6. However, as remarked above, 
Heyer. Carpenter. Sz Snell ( 200ll ) found no evidence for a line width-size relation 
for small (< 10^ -^0) molecular clouds in the outer Galaxy; furth ermore, they 



did no t find evidence for a constant surface density at any mass. I Plume et al 
(Il997l ) observed a sample of clumps that are forming high-mass stars, and did 
not find a line width-size relation. 

The lack of an observed linewidth-size relation in observed unbound clumps 
within a given cloud is at first puzzling, since defined volumes should sample 
from the overall structure function of the CMC, which follows 6v oc i^'^ ( ^2.1.5p . 
Analysis of turbulence simulations offers a resolution to this puzzle, suggesting 
that many apparent clumps in moderate-density tracers such as ^^CO are not in 
fact single physical entities. Observationally, clumps are generally identified as 
connected overdense peaks in position-velocity data cubes, with the line-of-sight 
velocity acting as a surrogate for line-of-sight position. Analysis of simulations 
shows, however, that many "position-velocity" clumps in fact consist of separate 
physical structures superimposed on the sky; correspondingly, many physically- 
coherent structures h ave two or more separate components when observed in 
hne-of-sight velocity (Pichardo et 311.120001 : lOstriker. Stone, Gamml3 . I2OOI 



Ballesteros-Paredes &: Mac Low . 20021 ). Because low-contrast apparent clumps 
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with any plane-of-sky size may sample from the velocity field along the whole 
line of sight, the linewidth varies only very weakly with size. Since a fraction of 
the apparent clumps sample velocities from a range of line-of-sight distances no 
larger than their transverse extent, however, lOstriker. Stone. &: Gammiel (|2nnih 
argued that the lower envelope of the "clump" linewidth-size distribution should 
follow the scaling defined by the true t hree-dimensional power spe ctrum; this is 
generally con sistent with observations (Stutzki &: Guestenl. 199d: Williams, de 
Geus, & Blitz, ll9y). 

What about Larson's third law? Since gravitationally bound clumps have 
P ~ G^^bd clump' mean pressure in a bound clump cannot be much 

greater than the ambient pressure for a stable structure without an internal 
ene rgv source, it follows that tvpicallv Shri ..i„mp is comparable to SnA/rn fMc 



Kee, [19991). The high -mass, star-forming clumps studied bv lPlume et al.l (|l997l ) 
violate this conclusion: they have S ~ 4800 Mq pc~^ — 1 g cm~^ with consid- 
erable dispersion, which is much greater than the typical GMC surface density 
~ 170 M0 pc~^. There are several possible explanations for this, and it is impor- 
tant to determine which is correct: Are these clumps just the innermost, densest 
parts of much larger clumps? Do they have much higher pressures than their 
surroundings but are avoiding gravitational collapse due to energy injection from 
star formation? Or are they the result of a clump-clump collision that produced 
unusually high pressures? 

The density structure, velocity structure, and shape of cores offer potential 
means for determining whether they are dynamic objects, with short lifetimes, 
or quasi-equilibrium, gravitationally bound, objects. The observation of the Bok 
globule B68 in near-infrared absorption revealed an angle-averaged density profile 
consi stent with that of a Bonnor-Ebert sphere to high accuracv f Alves. Lada, & 
Lada,l200l|)." Since then, a number of other isolated globules and cores have been 
studied with the same technique and fit to Bonnor-Ebert profiles, showing that 
starless cases are usually cl ose to the critical limit, while cases with stars ofte n 
match supercritical profiles ( Teixeira. Lada. &: Alves . 20051 : Kandori et al. . 20051 ). 
Profiles of dense cores ha ve also been obtaine d using sub-mm dust emission (see 



di Francesco et al.ll2007l ). A recent study by Kirk. Ward-Thompson. &: Andr^ 
(|200,5h found that "bright" starless cores have density profiles consistent with 
supercritical Bonnor-Ebert spheres. 

Consistency of density profiles with the Bonnor-Ebert profile does not, however, 
necessarily imply that a core is bound. Analysis of dense concentrations that 
arise in turbulence simulations show that Bonnor-Ebert profiles often provide 
a good fit to these structures (provided they are averaged over angles), even 
w hen thev are transients rather than true bound cores ( Ballesteros-Paredes et 
al.. l2007f ). Even if a cl oud wit h a Bo nnor- Ebert profile is bound , however, it need 
not be in equilibrium: Mverd ( 20051 ) and Kandori et al. I (120051 ) have shown that 
density profiles of collapsing cores initiated from near-critical equilibria in fact 
follow the shapes of static supercritical equilibria very closely. The reason for 
this is that initially these cores collapse slowly, so that they are approximately 
in equilibrium; at later times, they evolve via "outside- in" collapse to a state 
that is marginally Jeans unstable everywhere ( ^4.ip so that p oc except in 
a central core; highly supercritical Bonnor-Ebert spheres have profiles with the 
same characteristic shapes. Thus, not only the density structure but also the level 
of the internal velocity dispersion and detailed shape of the line profiles must be 
used in order to distinguish between transient, truly equilibrium, and collapsing 
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objects (|Keto Field . l2005h . 

Core shapes also provide information on whether cores are transient or are 
bound, quasi-equilibrium objects. In the absence of a magnetic field, a quasi- 
equilibrium, bound cloud is approximately spherical. If the cloud is threaded by 
a magnetic field that tends to support the cloud against gravity, it will be oblate; 
if the field tends to compress the cloud (as is possible for some helical fields- Fieee 



& Pudritzl20oj7 

it will be prolate. If one assumes axisymmetry, t he distr i butio n 



of observed axis ratios implies dense cores are primarily prolate (iRydenl . Il996l ) . 
However, this conclusion appears to be an artifact of the assumpti on of axisyin - 
metry: using the method o f ana lysis f or triaxial clouds deve loped by Basu ( 2000l ) . 
Jones. Basu. fc Dubinskl (|200lh and I Jones &: Basul (|2002h concluded that cores 
with sizes < 1 pc are in fact oblate. iBasul (|2000l l showed that if the magnetic 
field is aligned with the minor axis, as in most quasi-equilibrium models, the 
projection of the field on the plane of the sky will not generally be aligned with 
the projection of the minor axis, and he argued that the limited polarization 
data available are consistent with the theoretical ex pectation that the fie ld in the 
cloud is aligned with the minor axis of the cloud. iKerton et aD (|2003l l showed 
that larger structures, extending up to GMCs, are intermediate between oblate 
and prolate, and are clearly distinct from the smaller objects. T his is consistent 



with the analys e s of c lump shapes in turbulence simulations by iGammie et al 



iLi et al.l who found that the majority of objects are triaxial. The 

data on cores and small clumps are thus consistent with (but do not prove) that 
they are bound, quasi-equilibrium objects. Large clumps and GMCs appear to 
be farther from equilibrium. 

A key feature of the cores that form individual low-mass stars is that they have 
low nonthermal v elocities, whether these co r es are found in isolation or clu stered 
with other cores (|di Francesco et al.l . lioOTl : IWard-Thompson et"all . l2007l ). The 
mean one-dimens i onal v elocity dispersion in starless cores based on the sample of 
Benson fc: MversI (|l989h is 0.11 km s ^, such that the three-dimensional velocity 
dispersion is approximately sonic. This places constraints on theo retical models, 
and in particular may constrain the nature of turbulent driving. iKlessen et al 



(120051 ) compared the results for cores identified in two (unmagnetized) simula- 
tions with the same RMS Mach number ~ 10, one driven on large scales and the 
other driven on small scales; the time correlation of the driving force is short for 
both cases. They found that only with large-scale driving is the mean turbulence 
level within cores approximately sonic; in the s mall-scale driving case the prepon- 
derance of cores are supersonic. Klessen et al.l (j2005) also found that the starless 
cores in their large-scale-driving models are within a factor of a few of kinetic 
and gravitational energv eauipartition. In the 2D MHD simulations of Nakamura 
& Li (|2005h that implement driving by instantaneous injection of radial "wind" 
momentum when (low-mass) stars are formed, the dense cores that are identified 
also primarily have subsonic internal motions. Importantly, both types of models 
show that dense, quiescent cores can form in a turbulent environment; the slow, 
diffusive formation of quiescent cores central to the older picture of star formation 
does not seem to be required. 

What happens to dense cores once they form? Cores that have sufficient in- 
ternal turbulence compared to their self-gravity will redisperse within a crossing 
time. Cores that reach low enough turbulence and magnetization levels (allow- 
ing for dissipation) withi n a fe w local free-fall times will collapse if M > Mcr- 



Vazquez-Semadeni et al.l (j2005l ) found that in globally supercritical 3D simula- 
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tions with driven turbule nce, cores that co l lapse do so within 3-6 local free-fall 
times of their formation. Nakamura &: Li (|2005h found via 2D simulations in- 
cluding ambipolar diffusion that even when the mass in the simulation volume is 
20% less than critical, supercritical cores can form; these then either collapse or 
redisperse wit hin several local free-fall times. In both cases fsee also Krasnopol- 
sky Sz Gammie I2OO5I ) ■ only magnetically supercritical cores collapse, as expected. 
Quiescent cores that ar e stable against grav itational collapse could in principle 
survive for a long time ( Lizano &: Shul . 198S), undergoing osc i llations in r e spons e 
to fluctuations in the ambient mediuni lKeto k Field . l2005l : iKeto et all . I2OO6I I. 
Because they are only lightly bound, however, such "failed cores" can also be 
destroyed relatively easily by the larger-scale, more powerful turbulence in the 
surrounding G MC. This process is clearlv seen in numerical simulations: Vazguez- 
Semadeni et al. (|2005l l and iNakamura &: Lil (|2005l l found that the bound cores 
that subsequently disperse do so in 1 - 6 xtg. Quiescent, magnetically subcrit- 
ical cores with thermal pressure PcoreC^ exceeding the mean turbulent pressure 
pcT^t (so that the core would collapse in the absence of magnetic support) can- 
not easily be destroyed, however, and it is likely that they remain intact until 
they merge with other cores to become supercritical. Simulations have not yet 
afforded sufficient statistics to determine the mean time to collapse or dispersal 
as a function of core properties and cloud turbulence level, or whether there is a 
threshold density above which ultimate collapse is inevitable. 

Observationally, core lifetimes can be estimated by using chemical clocks or 
from statistical inference. The formation of complex molecules takes ~ 10^ yr at 
typical core densities, but this "clock" can be reset by events that bring fre sh C 



and C"'' into the core, such as turbulence or outflows (iLanger et ai.1 . l2nnnl ^. A 



potentially more robust clock is provided by observations of cold H I in cores: 
Goldsmith fcLil ^200^ infer ages of 10^'^ yr for five dark clouds from the low 
observed values of the H I /H2 ratio. These age estimates would be reduced if 
clumping is significant and hence the time-averaged molecule formation rate is 
accelerated, but, as in the case of complex molecules, they would be increased 
if turbulent mixing were effective in bringing in fresh atomic hydrogen. In sim- 
ulations of molecule forma tion in a turbulent (and therefore clumpy) medium. 



Glover &: Mac Low! (|2007l ) find that II2 formation is indeed accelerated when 



compared with the non-turbulent case, although the atomic fractions th ey found 
are substantially greater than those observed by Goldsmith Sz Li ( 20051 ). If con- 
firmed, these ages, which are considerably greater than a free-fall time, would 
suggest that these dark clouds are quasi-equilibrium structures. 

Statistical studies of core lifetimes are based on comparing the number of star- 
less cores with the number of cores with embedded YSOs and the number of 
visible T Tauri stars. The ages of the cores (starless and with embedded YSOs) 
can then be inferred from the ages of the T Tauri population, provided that 
most of the observed starless cores will eventua lly become stars. The result s 
of several such studies have been summarized bv IWard-Thompson et al.l (|2007l ). 
who conclude that lifetimes are typically 3 — 5 for starless cores with densities 
= 10^'^ — 10^'^ cm~'^. This is not consistent with dynamical collapse, nor 
is it consistent with a long period (> btg) of ambipolar diffusion. It is consis- 
tent with the ambipolar diffusion in observed magnetic fields ( ^2.3p . which are 
approximately magnetically critical. Of course, cores are created with a range of 
properties, and observational statistics are subject to an evolutionary selection 
effect: cores that are born or become supercritical evolve rapidly into collapse, 
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and are no longer counted among the starless population. Given a population 
with a range of intrinsic lifetimes (but similar birth rates), the longest-lived ob- 
jects will be the best represented. The data rule out the possibility that most 
cores are born very subcritical and lose their magnetic flux slowly, over ~ lOtfj. 

The angular momentum of cores was initially regarded as a bottleneck for 
star formation, but extensive theoretical analysis led to the conclu sion tha t mag- 



Mestei 



1985 



netic fields would provide an effective braking mechanism (e.g., 

Mo uschoviasl I l987 ). Observations have established that the angular momentum 
or equivalentl v. the rotational energv. of cores is indeed sinall (e.g.. Goodman e t 
al.ll993l:Ijiuna Mvers. k Adamd . ll999l : ICaselh et al.1 . 12OO2I : IPirogov et al.l . l2003l l. 
Goodman et al. ( 19931 ) characterized the rotational energy by the parameter 



rot 



3 \GM/R 



^rot 



(30) 



which is the ratio of the rotational energy to the gravitational binding energy for 
a uniformly rotating, constant density sphere; they found a median value /?rot — 
0.03. The specific angular momenta j in this sample range from 6 x lO^'' — 4 x 10^^ 
cm^ s~^, and increase wi t h size approximately as j oc E?/"^ . Interestingly enough, 
Burkert &: Bodenheimer (|2000l ) showed that rotation arising from sampling tur- 
bulent fluctuations with a Burgers power spectrum (and normalization matched 
to observations) is adequate to account for the observations; in this picture, the 
role of magnetic braking on small scales is unclear. (On the other hand, magnetic 
braking appears to be clearly sign i ficant in regulating the sp i n of G MAs and hence 



GMCs - iRosolowskv et al.l . l2003l : iKim. Ostriker. k Stond . I200I I Since j oc vR 



and V oc R^/"^ for large-scale turbulence, the observec l .7 oc R?/^ rela tion is what 
would be expected if core turbulence scales similarly. Li et al.l ( 2004i ) indeed find 
agre ernent with this scaling frorn cores identified in their simulations. Gammie 



et al. (|2003h and lJaopsen et al.l (|2005i y both find that the mean specific angular 
momentum of cores in their models (using grid-based MHD and [unmagnetized] 
SPH, respectively) is given in terms o f the sound speed and large-scale Jeans 
length by ~ 0.1c<jAj; Jappsen et al.l ( 20051 ) show that if the mean density is 
adjusted so that core masses match those in observed regions, then the mean 
angular mome ntum distributions match as well. For cores that collapse. Jappsen 
et al. T2OO5) also fo u nd th at the distributions of /3rot are similar to those obtained 
bv lGoodman et al.1 (Il993l ). 



3.2 Formation, Evolution, and Destruction of GMCs 

3.2.1 CLOUD FORMATION In principle, GMCs could form either by 
"bottom-up" or by "top-down" processes. In bottom-up formation, successive 
inelastic collisions of cold H I clouds would gradually increase the mean cloud 
size a nd mass until that of a fself-gravitating) GMC is reached fe.g. Field & 



Saslaw. Il965l : iKwanl . Il979l ^. The difficulty with this coagulat ion scenario 



as 



was early recognized, is that it is very slow; e.g. iKwan ( 19791 ) found that the 
time needed for the peak of the mass distribution to exceed 10^ Mq is more 
than 2 x 10^ yr. The binary collision time for spherical clouds of radius Rc\ 
and density pci is icoiUs = (\/^/3)(Pci/p)(-Rci/o")) where p is the density averaged 
over large scales and a is t he one-dimensional velocity dispersion over the mean 
intercloud separation (see iBinnev fc Tremainj Il987 . eq. 8-122; note that for 
considering agglomeration we neglect grazing collisions, choosing a maximum 
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impact parameter Rd)- Expressed in terms of the cloud "gathering scale" i?gath = 
[3Mci/(47rp)]^/3 = 190 pc(Mci,6/nH)^/^ in the diffuse ISM, or in terms of the cloud 
surface density = Mci/(7ri?^i), the collision time is 



^coUis 



Pcl\ 
P J 



2/3 



gath 



4 pa ' 



(31) 



The mean intercloud separation is c omparable to 2 R^ath , which exceeds the 
atomic disk scale height H « 150 pc (iMalhotral . Il995l ^ for M^fi = M^/IO^ Mq 
^ 0.04. We can use equation (fSTI) to estimate the collision time if all the dif- 
fuse ISM gas were apportioned into equal-mass clouds with equal surface density. 
Using fj ~ 7 km s~^ fo r the nonthermal velocit y dispersion in the diffuse ISM 



at large { }t H) scale s (IHeiles &: Tro^ 



mean GMC column (Solomon et al 



anl iooS), Sci « 170 Mq pc^^ for the 



1987h . and mean density nn = 0.6 cm 



typical of the diffuse ISM at the Solar circle ( Dickey &: Lockmanl . 1990l ). this 
yields a collision timescale > 5 x 10^ yr. Gravitational focusing in principle de- 
creases the cloud-cloud collision time, but in practice this does not help in form- 
ing GMCs from atomic clouds since the reduction factor for the collision time, 
[l-|-7rGi?ciSci/c"^]~^) is near unity until the clouds are quite massive ( ^ 10^ -^o)- 
Even if the background density were arbitrarily (and unrealistically) enhanced 
by a factor 100 to approach pd, the total time of 40 Myr required to build clouds 
from 10"^ Mq to 5 x 10^ Mq (by successive stages of collisions) would still exceed 
the estimated GMC lifetimes. These lifetimes are set by the time required to 
destroy clouds by a combination of photodissociation and mechanical unbinding 
by expanding HII regions (see ^ ^3.2.2p . Thus, if coagulation were the only way 
to build GMCs, the process would be truncated by destructive star formation 
before achieving the high GMC masses in which most molecular mass is actually 
found. 

Given the timescale prob lem and other difficulties of bottom-up GMC forma- 
tion fe.g. lBlitz fc Shul . ll980l ^. starting in the 1980's the focus shifted to top-down 
mechanisms involving large-scale instabilities in the diffuse ISM (e.g.. lElmegreenl . 
19791 . Il99,'5l ;i. The two basic physical processes that could trigger growth of mas- 
sive GMCs involve (1) differential vertical buoyancy of varying-density regions 
along magnetic field lines parallel to the midplane, or (2) differential in-plane 
self-gravity of regions with varying surface density . The first type of instability 
is generically termed a Parker instability ( Parker . 19661 ). The second type of 
instability is generically a Jeans instability, although the simplest form of Jeans 
instability involving just self-gravity and pressure cannot occur, due to galactic 
(sheared) rotation (see §2.2p . If the background rotational shear is strong, as 
in the interarm regions of grand design spirals or in flocculent galaxies, there is 
no true instabilitv but instead a process known as swing amplification ( Goldre- 
ich &: Lynden-Bell, 19651 : Tbomrel . 1981 ): t he dimensionless s hear rate must be 
dlnn/dlnR < -0.3 for "swing" to occur (iKim k Ostriked . l200lh . If, on the 
other hand, the mean background dimensionless shear rate is low (as in the inner 
parts of galaxies where rotation is nearly solid-body, or as in spiral arms), another 
type of gravitational instability can develop provided magnetic fields are present 
to transfer angu l ar mo mentum out of growing condensations (jElmegree nl. 1 19871 : 
Kim k Qstrikeil . l200lh : this is referred to as a magneto- Jeans instability (MJI). 

The char acteristic azimuthal spatial scale for Parker instabilities is A,^ ~ AttH 
(jShul . Il974l ). Growth rates are oc va/H, which tends to increase in spiral arms; 
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thus these region s have traditionally been considered m ost favorable for growth 
of Parker modes (jMouschovias. Shu. &: Woodward! . |l97J) . Numerical simulations 
have shown, however, that Parker instability is not on its own able to create 
structures resembling GMCs, because the instabilit y is self-limi ting and saturates 
wi th only order-unitv surfa ce densi ty enhancement (Kim et al . Il998,: Santillan et 
al.. l2nnnl : lKim. Rvu. fc .Tmi es. 20nil: iKim. Ostriker. fc Stonel . 12002^ Spiralarms 



are a lso the most favorable regions for self-gravitating instabilities (jElmegreen 



since the characteristic (thin-disk) growth rate oc GSgai/c^ is highest there. 
(Here, Sgai is the mean gas surface density averaged over large [~ kpc] scales in 
the plane of the disk.) Since the spatial wavelengths of Parker and MJI modes 
are similar, i n principle growth of the former could help trigger the latter within 
spiral arms (|Elmegreenl . Il982al lbll . In fact, it appears that turbulence excited in 
spiral shocks, together with vertical shear of the horizontal flow, may s uppress 
growth of large-scale Parker modes in arm regions (iKim k Ostrikei] . l2006l l. Thus, 
while the Parker instability is important in r emoving excess rnagnet ic flux from 
the disk and in transporting cosmic rays (e.g. Hanasz &: Lesch . 20001 ). it may be 
of limited importance in the formation of GMCs. 

Self-gravitating instabilities, unlike buoyancy instabilities, lead to ever-increasing 
density contrast if other processes do not intervene. The same is true for the swing 
amplifier if the (finite) growth is sufficient to precipitate gravitational runaway. 
The notion that there should be a threshold for star formation depending on the 
Toomre parameter. 
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is based on the idea that star-forming clouds can form by large-scale self-gravitatinj 
collective effects only if Q is sufficiently low. Here, = R~^d{^^ R^) /dR is the 
squared epicyclic frequency, and is the mean sound speed of the gas. Numer- 
ical simulations have been used to determine the nonlinear instability criterion, 
finding that gravitationally bound clouds form provided Q < Qcrit ~ 1.5 in model 
disks that allow for realis tic vertical thickness, turbulent magnetic fields, and a 
"live" stellar component ( Kim. Ostriker. &: Stonel 20031 : Li. Mac Low, fc Klessen 
2005b : Kim &: Ostrikeil 2007 : these models do not include global spiral structure 
in the gas imposed by variations in the stellar gravitational potential - see below.) 
These results agree with empirical findings for th e mean valu e of Q at the star 
formation threshold radii i n nearby galaxies (e.g. Quirkl . 1972 : Kennicutt , 19891 : 
Martin fc Kennicuttl . [2OO1I ) . The masses of bound clouds formed via self- gravity 
in galactic disk models where the background gas surface density is relatively 
uniform are typically a few to ten times the two-dimensional Jeans mass. 
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depending on the spec i fic ing redients of the model (|Kim. Ostriker. Sz Stond . |2002| . 
20031 : iKim Ostritol . l2007t ). 

Observations of external galaxies with prominent spiral structu re show that 



most of the molecular gas is concentrated in the spiral arms (e.g. iHelfer et al. 



2OO3I : Engargiola et al. . 20031 ) . and within the Milky Way the most massive clouds 
that contain most of the mass and forin i ng stars are strongly associate d with 
spiral arms (jSolomon. Sanders. &: Rivold . Il985l : I Solomon &: Rivolol . Il989l : Heyer 
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& Terebev. [l998l : IStark fcTe3 . 12OO6I I. The observed relationship between GMCs 
and spiral structure suggests that molecular clouds are preferentially born in 
the high density gas that makes up the arms; this is consistent with theoretical 
expectations since growth rates for all proposed mechanisms increase with the 
gas surface density. As noted above, collisional coagulation is expect ed to be too 
slow in spiral arms; gravitational instabilities are, however, faster (e.g. lElmegreenl . 
1993). Taking the ratio of the collision rate t^^^y^^ to the characteristic growth rate 

Cg and H ^ c^/(7rGIlgai) (since gas gravity 
the result is tMJi/icoUis = 2Sgai/(0rSci) 



of the MJI, vrGSgai/cs, and setting a 
dominates stellar gravity in the arm) 
Thus, the collision rate is lower than the self-gravity contraction rate by roughly 
the surface filling factor of clouds in the arm, ~ 0.2 — 0.5 if the arm surface density 
is enhanced by a factor 3-6 above the mean value. 

To obtain realistic estimates of the masses and other properties of clouds formed 
via gravitational instabilities, it is necessary to include the effects of spiral struc- 
ture in detailed numerical models. Diffuse gas entering a spiral arm will i n general 
unde r go a shock, significantly increas ing the background density (e.g. Roberts! . 
1969 : Shu. Milione. &: Robert^ . 1973f ): gas self-gravity enhances the maximum 



compress ion factor and also tends to sy mmetrize the gas density profile across 
the arm ( Lubow. Cowie. &: Balbusl . [l986l l. In addition to strong variations in the 
gas surface density, spiral structure induces corresponding local variations in the 
gas flow velocity (both compression and streaming). Since the Jeans length is 
not small compared to the scale of these variations, the background arm "pro- 
file" r nust be t aken in to account in studying growth of self- gravitating condensa- 



tions (|Balbusl . [T98^ . iKim fc Ostrikerl (j20o3) performed 2D MHD simulations of 



this process, showing that bound condensations develop both within the spiral 
arms themselves, and also downstreai n from the arms in tra iling gaseous "spurs". 
Based on 3D local MHD simulations (iKim Ostrikeil . I2OO6I ) and 2D "thick disk" 



global simulations (IShetty &: Ostriker 



bound gas condensations formed m 
spiral arms (and arm spurs) have typical masses 1 — 3 x IO'^Mq. This value is 
~ lOx the thin-disk 2D Jeans mass using the peak arm density in equation (p3l) . 
or comparable to the value of the "thick disk" Jeans mass Mj^ thick = 2ttc^H/G 
which is obtained using the gravitational kernel = — 27rGSfc/(A; + k^H). 

The masses of the bound structures formed via self-gravitating instabilities 
are comparable to the upper end of the mass function of GMCs in the Milky 
Way (see eq. [25l) . allowing for H I envelopes; they are also comparable to the 
masses of GMAs that have been observed in ext ernal spiral g alaxies fe.e. Vogel, 
Kulkarni, & Scoville, ,1988; Aalto et al.. . .1999 : Rand. Lord, fc Higdon . .19991 ). In 
addition, the morphology and spacing of spiral-arm spurs predicted to form via 
self-gravity effects are con sistent with structures that have been observed at a 
variety of wavelengths (e.g. Elmegreen . 1980l : La Vigne. Vogel. &: Ostrikei] . I2OO6I ) . 
This spacing (of several times the Jeans length in the arm, / [GSgai, arm] ) is sim- 
ilar to that of giant HII regions arranged as "beads on a s tring" along spiral arms 



19831 ). and also similar 



in many grand design spirals (jElmegreen Sz Elmegreen . 
to the spacings of giant infrared clumps observed with Spitzer along th e spira l 
arms of interacting galaxies IC 2163 and NGC 2207 ([Elmegreen et all . I2OO6I ). 
These giant IR clumps typically host a number of individual (optically-observed) 
H II regions associated with star clusters. While current mm-wavelength obser- 
vations have insufficient resolution to identify sub-condensations within GMAs 
in external galaxies, it is expected that their internal turbulence would create 
density substructure, just as the internal turbulence of GMCs fragments them 
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into clumps. Since the mean density within GMCs is comparable to the typical 
density of cold clouds in the atomic medium, the pre-existing cloudy structure 
of the diffuse ISM would contribute to, but not dominate, the internal structure 
within GMCs. In this "top-down" picture, the more massive, self-gravitating, 
substructures within GMAs (or analogous atomic "superclouds" ) would then be- 
come gravitationally bound GMCs. 

Although large-scale self-gravitating instabilities appear necessary for forming 
massive GMCs, and many low-mass GMCs may form via fragmentation of mas- 
sive GMCs or GMAs, it remains possible that a proportion of the low-mass GMCs 
form through other mechanisms. Several recent studies have explored the pos- 
sibility of GMC assem blv via colliding supersonic flows fe.g Chernin. Efremov, 



& Voinovich, il995. : Vazquez-Semadeni. Passot. Sz Pouauetl. Il995i: B allesteros 



Paredes, Hart mann. &: Vazquez-Semadeni. 199S : iHeitsch et al. ^ 20051: Vazquez- 
Semadeni et al., 200?! ): in this scenario the post-shock gas in the stagnation region 



(which in fact becomes turbulent) represents the nascent GMC. For diffuse ISM 
gas at mean density p with relative (converging) velocity Vj-^i, a total column of 
shocked gas builds up over time 

note that, modulo order- unity coefficients, this time is the same as the result 
in equation ([3T]) . with the velocity dispersion of the cloud distribution replaced 
by the relative velocity of the converging flow. Correlated flows can only be 
maintained up to the flow timescale over the largest spatial scale of the turbulence, 
~ 2H ~ 300 pc. With Uj-ei equal to the RMS relative velocity V6a for a Gaussian 
with ID velocity dispersion o" ~ 7 km s~^, this is ~ 2 x 10^ yr, yielding a column 
~ 10^^ cm~^ for n ~ 1 cm~^ (note that the shock velocity is about Urei/2). 
If the interstellar magnetic field does not limit the compression of the shocked 
gas (an artificial assumption, requiring fiow along field lines only), the post- 
shock gas would have high enough density for significant amounts of H2 to form 
within the overall accumulation tim e, and the shielding from the diffuse UV is 
suffic i ent for CO to beg in to form ( Hartmann. Ballesteros-Paredes. &: Berginl . 



2OOII : iBergin et al.l . l2004l ). However, it should be noted that for a shock velocity 



of 10 km s ^, corresponding to a relative velocity of 20 km s ^, less than half 
the C is in CO after 10^ yr according to the ID calculations of iBergin et al 



( 2004') . Tu r bulence-induced clumping can accelerate molecule formation rates 



(lElmegreenl . l200nl : IClover fc Mac Lowl . l2007h . alleviating the timescale problem. 



The molecule formation rate is proportional to the mass-weighted mean density 
{n)M, which is larger than the volume- weighted mean density n = {n)y in a 
turbulent fiow (see §2.1.4p . Since {n)M/n ~ 10 for typical turbulence le vels 
in GMCs, this reduces the typical molecule formation time ( Tielens . 20051 ). 



2 X 10^yr(T/10 K)^-'^/^/(n)j\/, to 1-2 Myr. Even so, the discussion above shows 
that the maximum column density produced in the colliding-fiow scenario is ~ 
10^^ cm~^, which is lower by an order of magnitude than the mean value of the 
column of molecular gas in Milky Way GMCs; thus, this process can account for at 
most a small fraction of the molecular gas mass in GMCs. Because gravitational 
instabilities are suppressed by the high Q values in interarm regions, on the 
other hand, the turbulent accumulation mechanism may be more important there. 
Potentially, this may account for the observed difference (see above) between arm 
and interarm GMC masses in the Milky Way, as well as for the very low surface 
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densities obse rved for many of the outer-Galaxy molecular clouds f Hever. 
Carpenter, & Snell, l200l|). 

Finally, we note that the dynamical considerations for grayitationally-bound 
cloud formation apply whether the diffuse gas is primarily atomic, as is the case 
in the Solar neighborhood and the outer portions of galaxies more generally, or 
whether the diffuse gas is primarily molecular, as is true in the inner portions of 
many galaxies. The time and length scales involved depend on the effective pres- 
sure in the diffuse gas, which includes thermal as well as turbulent and magnetic 
terms. If the diffuse gas is primarily molecular (or cold atomic) by mass, then the 
mean turbulent and Alfven speeds will exceed the thermal speed in the dense gas. 
The thermal sound speed Cs in equations ([32]) and ([33|) must then be replaced 
by an appropriately-defined Ceff that incorporates the effects of turbulent kinetic 
and magnetic pressures (the form of Cefj would depend on the detailed multiphase 
structure of the gas). Similarly, the characteristic timescale for self-gravitating 
cloud formation becomes 

Turbulent velocity dispersions and magnetic field strengths are observed to be 
similar in the cold and warm diffuse gas in the Sola r neigh borhood f Heiles & 
Trola ndv 200 3, 2005' ). and both observations and si mulatio ns f Piontek & Os- 
triker, |2005| ) show that magnetic pressure is generally a factor two larger than 
the thermal pressure. 

The transition from having primarily atomic to primarily molecular gas typ- 
icall v occurs where the total gas surface densitv ~ 12 Mrr^ pc~^ f Wong & 



Blitz. I2OO2I : iBlitz k Rosolowskvl . l2004h and where the mean midplane pre s sure is 



inferred to lie in the range P/k = 10^ — 10^ Kcm" -3 (jBlitz k Rosolowskvl . [2OO6I ). 



This transition occurs due to a combination of increased self-shielding (hence a 
lower H2 dissociation rate) as Sgai increases, and increased density (hence in- 
creased H2 formation rate) as both Sga.] and the stellar surface density incr ease 
toward the center of a galaxy (lElmegreenl . Il993al : iBlitz k E,osolowskvl . l200A . 



3.2.2 CLOUD EVOLUTION AND DESTRUCTION GMCs are born in 
spiral arms downstream from the large-scale shock fronts, and begin life in a very 
turbulent state. As they contract under the infiuence of gravit y, this turbulence 



decays, although the rate of decay is slowed by compression. iMestel k Spitzer 



conjectured that turbulence would decay in about a crossing time, and 



for that reason rejected turbul ence as a mechanism for supporting clouds against 
gravitational collapse (see also Mouschovias. Tassis. k Kunj . 2006 , who argue for 



magnetic support). Indeed, in simulations that do not include energy injection, 
the c ontraction eventuallv evolves into free-fall collapse fcf. Vazguez-Semadeni 
et al.. l2007l . who simulated the formation of molecular clouds in colliding flows. 



as discussed above), which is generally not observed. Furthermore, as discussed 
in ^3.H turbulence in molecular clouds is observed to be ubiquitous, suggesting 
that there is some mechanism acting to inject turbulent energy into clouds. How 
important is energy injection to the structure and evolution of molecular clouds? 

Broadly speaking, there are two modes of energy injection, external and in- 
ternal. External mechanisms tap the turbulence in the diffuse ISM, and because 
these modes are large scale, external driving would tend to yield a power spec- 
trum that rises all the way to the largest scale in the CMC (see ^2.1.ip . In terms 
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of total amplitudes, however, external driving may have limited practical im- 
portance. For example, while cloud-cloud collisions could drive turbulence, they 
may be too rare to be important (except possibly within the denser portions of 
spiral arms; see above). M agnetorotational instability (MRI) in the Galactic disk 
(jSellwood fc Balbud . Il999l ) connects GMCs to the diffuse ISM by threaded field 
lines and could therefore help drive CMC turbulence, but it is difficult for this 
to be effective since GMCs live for only a small fraction of a rotation period (see 
below), and sin ce MRI is modest compare d to other kinetic turbulence drivers in 
inner galaxies ( Piontek &: Qstriked . 20051 ). Superno yae are the dominant energ y 



source in most of the diffuse interstellar medium (|Mac Low &: Klessenl . |2004| ). 



with ins tabilities in spiral shocks makin g a significant contribution in spiral arm 



regions ( Kim. Kim. &: Ostriker . 20061 ). It is difficult, however, for these (or 



other) processes to trans mit energy from th e diffuse ISM into molecular clouds. 



which are much denser ( Yorke et al. . 19891 ). In fact, the density contrast be 



tween molecular clouds and the ambient medium means that energy tends to be 
reflec ted from clouds rather than b eing transmitted into them (e.g., lElmegreen . 
19991 and iHeitsch k Burkertl . l2002l showed this for externally generated Alfven 
waves). Thus, "external" energy is primarily limited to the turbulence GMCs 
inherit from their formation stages. 

Internal energy injection is due to feedback from protostars and newly formed 
stars. This mechanism is observed to be important, but it remains to be shown 
that it can account for the ubiquity of turbulence given that star formation i s 
intermittent in both space and time. For example, Mooney &: Solomon ( 19881 ) 
find that 1/4 of a sample of inner-Gala xy GMCs show no evidence for the pres- 
ence of O stars. Norman &: Si i3 (Il980l ) were the first to analyze the importance 
of energy injection by stellar outfiows. At the time of their work, bipolar out- 
fiows from protostars were unknown, and they focused on winds from T Tauri 
stars. They suggested that these winds w ould blow cavities that w ould govern 
the structure of the clouds. iFrancol (jl98.ll ) and iFranco &: Coxl (Il983l ) considered 
rotationally driven winds from protostars as well as T Tauri winds. They es- 
timated the star formation rate required to keep swept-up shells colliding at a 
rate high enough to keep the cloud turbulent, and showed that this was roughly 
consistent with estimates of the Galactic star formation rate. The effect of stellar 
energy injection on the surrounding molecu l ar cloud ca n be described in terms 
of an e nergv equation for the cloud (iMcKeel. Il989l. Il999l: _Krumholz, Matzner, & 
McKee, [200^ de/dt = Q — C, where e is the energy per unit mass (including 
gravitational energy) and G and C represent energy gains and losses, respectively. 
The injection of energy into a cloud by stars is often accompanied by mass loss 
from the cloud. Under the simplifying assumption that mass lost from the cloud 
does not change the energy per unit mass, the specific energy losses are due to 
the decay of MHD turbulence, which occurs at a rate (see ^2.1.2p 



<C4 



(36) 



For a cloud of fixed size, the largest driving scale is A ~ 2R; for a cloud undergoing 
global expansion and contraction, the largest scale is A ~ 4i?. Next, consider the 
energy gains. Since the shocks associated with the energy injection are radiative, 
most of the energy injected by outfiows is radiated away. The outflow energy 
available to drive turbulence in the cloud is about (-v/3/2)p^(T, where p^j = Tn^Vw 
is the momentum, the mass, and w^, the velocity of the (proto)stellar outflow; 
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as a result, G = {V^/2){M^/M){pu,(y /m^), where is the star formation rate 
and M is the cloud (or clump) mass. Balancing the energy gains and losses, 
Q = t hen gives the star formation r a te ne cessar y to ma i ntain the turbulent 
motions. iNorman SilS (|l980f ). iFrancd (| 19831 ^. and lMcKed (| 19891 ^ all estimated 
outflow momenta p«,/m* ~ 50 — 70 km s~^ for a typical stellar mass = O.SM© 
and found that the ene rgy injection rat e was suffic ient to support s tar-fo rming 
clouds against collapse. Li &: Nakamura ( 20061 ) and Nakamura &: Li ( 2007 ) have 
carried out 3D MHD simulations of a forming star cluster, and found that the rate 
at which energy is input from pro tostellar winds maintains the surrounding gas 
in approximate virial equilibrium. Matzner ( 20071 ) has given a general discussion 
of turbulence driven by protostellar outflows. In particular, he has shown on the 
basis of dimensional analysis that if outflows occur QbXi cl Tcltc per unit volume 
S and inject an average momentum X into a medium of density pQ, then on 
scales small compared to that at which the outflows overlap, the line width — size 
relation is cr oc {Sir / po)^^"^ , where the coefficient is of order unity. 

There a re both obser v ation al and theoretical caveats to this picture. Obser- 
vationally, [Richer et al. 1 (|2000l ^ cite Pw/iTi* — 0-3vk, where vk is the Keplerian 
velocity at the stellar surface; for vk — 200 km s~^, this is Pw/m* — 60 km s~^, 
in agreement with the values used in these models of energy injection and in 
agreement with both X-wind and disk models of protostellar outflows. How- 
ever, some recent observations are in strikin g disagreement wi t h thes e estimates: 



based on observations of CO outflows bv Bontemps et al. ( 19961). Walawen 



der, Bally, &: Reipurth (2005!) infer a much lower average outflow momentum 
Pw = 1.2M0 km s~^ (it should be noted, however, that th ey infer a much larger 



Quillen et all (|2005h 



momentum, p^ = 18 Mq km s~ , in a protostellar jet), 
discovered a number of CO cavities in NGC 1333, which they identified as fossil 
outflows with ~ 1 Mq km s~^; this estimate of the momentum has bee n con- 
firmed in numerical simulations of fossil outflows ( Cunningham et al. , 20061 ). Like 
Walawender et al., they concluded that these outflows could support a region of 
active star formation like NGC 1333 against gravity, but outflows could not sup- 
port the larger Perseus cloud in which it is embedded. Clearly, more observational 
work is needed to determine the rate of protostellar energy injection. 

The theoretical caveat is that protostellar outflows are unlikely to be effective 
on the scale of GMCs. Turbulent driving yields a flat power spectrum at scales 
larger than the input scale of turbulence, regardless of magnetization (see §2.1.ip . 
Because the scale of protostellar jets and outflows is small compared to that of a 
CMC, driving by low- mass stars is inconsistent with observed turbulence spectra 
that continue rising up to scales of tens of pc (see §2.1.5p : this effect is partly 
ameliorated by the clustering of stars, since protostellar outflows from a cluster 
will extend to larger scales than those from individual stars. Protostellar outflows 
remain a viable energy source for clumps and cores within GMCs, however. 

Massive stars can inject more momentum into GMCs through H II re gions than 
do th e much more numerous low-mass stars through their outflows (jMatzner . 
2002); in addition, H II regions can inject energy on the scale of the CMC, 
overcoming the limitation of protostellar outflows in this regard. The dominant 
destruction mechanism for GMCs is via photoevaporation by blister H II regions 
(see below). The momentum given to a CMC by the loss of a mass 5M in a 
blister H II region is about 2cii5M, where cn — 10 km s~^ is the sound speed in 
the H II region (the factor 2 represents the sum of the thermal and ram pressures 
in a blister H II region). If the overall star formation efficiency is ecMC) then a 
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cloud of initial mass M will form a mass of stars egmc-^ and will lose a mass 
(1 — ecMc)-^ via photoevaporation. The ratio of the momentum given to the 
cloud by H II regions to that given by protostellar winds is then 

(1 - ecMc) f 2cii \ (1 - ecMc) 



Pw 



ecMC 



60 km s 



3eGMC 



(37) 



where we used the value Pw/m* — 60 km s ^ from Richer et al. ( 2000l ): if prO' 



tostellar momentum injection is less efficient than this, then H II regions are 
correspondingly more important. (Note that if the cloud is disrupted before it 
is photoevaporated, as can happen to smaller GMCs — see below — both the mass 
loss and the star formation will be reduced, but pnu/Pw will be relatively unaf- 
fected.) For GMCs, which have star formation efficiencies ecMC ~ a few percent, 
H II regions dominate the energy injection by an order of magnitude. Large OB 
associations do not occur i n small molecul ar clouds, so photoevaporation is less 
important in such clouds; iMatznerl (|2002l ) estimates that protostellar outflows 
dominate the energy injection for clouds with masses ^ 4 x 10^ Mq. 

The same H II re gions that inject energy to support GMCs also destroy them. 
Blitz fc Shul (|l980l ) estimated that H II regions would inject enough energy to 
unbind a GMC in about 10'' yr. U sing a simp l e anal ytic model for the evolution 
of blister H II r egions developed bv lWhitworthI (Il979l) and confirmed in numerical 
simulations by Yorke et al. ( 1989f ). Williams &: McKed (|l997l l concluded that an 
expanding H II region would sweep up more mass than it ionized, so that a very 
large H II region would disrupt the cloud before ionizing it. The condition for 
cloud disruption — that the cloud be engulfed by the H II region — is difficult to 
meet for massive GMCs (> 10^ ^q), but relatively common for small GMCs. 
Indeed, the Orion molecular cloud may well have been disrupted by previous 
generations of star formation. If one assumes that the specific star formation 
rate is independent of GMC mass, then the observed rate of star formation in 
the Galaxy irn plies that GMCs with masses ~ 10^ Mq live for about 30 Myr. 
MatzneJ (2002) assumed that the star formation rate in a cloud is self-regulating 
and found that the specific star formation rate increases with cloud mass; as 
result, he obtained smal ler lifetimes for large GMCs. ^ 20 Mvr. Krumholz. 
Matzner, & McKee ^20061 ) obtained a similar value with a more complete model 
for GMC evolution (see below). 

Observational estimates of GMC lifetimes are difficult, although chemical clocks 
can be used to measure t he lifetime of clurn ps and cores within them (see §3.1.2p . 
For the LMC and M33, iBlitz et al.l (|2007l ) discuss empirical measures of GMC 
lifetimes based on their spatial correlation with H II regions and young clusters 
and associations. About 25% of the GMCs show no evidence for high-mass star 
formation. This can be interpreted as a delay in the onset of star formation 
due either to the effects of magnetic fields (iMcKed . [19891 : iTassis fc Mouschoviad . 
20041 ). or to the time required to create cluster- forming clumps in a turbulent 
clo ud ffrom simulations this time is ~ 1 — 3^ff: e.g. Ostriker. Stone, & Gam- 



mie, 2001 : Heitsch. Ma c Low, Klessenl . I2OOII : iKrasnopolskv fc Gammid . l2005l : 
Vazquez-Semadeni et a l.. 2005); alternatively, if the star formation ra te under- 
goes significant fluctuations (e.g.. [Krumholz. Matzner. &: McKed . [2006h . it could 
simply represent a lull in the star formation rate. In the LMC, about 60% of 
star clusters with ages < 10 Myr are within 40 pc of a GMC, wh i le old er clusters 
have no significant spatial correlation with GMCs; Blitz et al. ( 2007[ ) therefore 
infer that GMCs are destroyed within about 6 Myr of cluster formation. There 
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are also slightly more than twice as many clouds harboring small H II regions as 
those containing large H II regions and clusters; they infer a lifetime of 14 Myr for 
this stage. These statistics imply that the typical time interval between when an 
H II region turns on and when the cloud is destroyed is ~ 20 Myr. Including the 
GMCs without high-mass stars, they infer a total GMC lifetime of 27 Myr. There 
are several caveats to this analysis, however. First, the GMCs are identified only 
by their CO emission; since CO is more read ily destroyed in the Iqw-met allicity 
environment of the LMC than in the Galaxy (jvan Dishoeck fc Blackl . Il988r ). some 
GMCs could have been missed, both in the early stages of evolution when the 
density is low and in the late stage when the UV flux is high. Second, the mean 
mass of the clouds increases in going from the starless sample and the small-H II 
sample to the cluster sample; in fact, the two largest clouds are in the cluster 
sample, and overall just 10-15% of massive (M > 10^-^ Mq) GMCs in the LMC 
and M33 lack (high-mass) star formation. The naive interpretation of this secular 
trend is that massive GMCs (which contain most of the molecular mass) have a 
more rapid onset of star formation than do low-mass clouds, although this is not 
a unique explanation. Next, the associations are unbound and dissolve rapidly; 
clusters dissolve more slowly, but one still cannot assume that their relative num- 
bers accurately track the relative lifetimes. It is not clear how these latter two 
issues affect the analysis. Finally, large associations could displace the clouds by 
th e rocket effect rat her than destroy them (a process termed "cloud shuffling" 
by Elmegreen . 19791 ). Nonetheless, observations of extragalactic GMCs offer the 
most promising avenue for getting an observational handle on GMC evolution. 

How do GMCs and the star-forming clumps within them evolve in the presence 
of stellar and protostellar feedback? In the quasistatic approximation, a molecular 
cloud will be in approximate virial equilibrium. Under the additio nal assurnption 
that the rate-limiting step in star formation is ambipolar diffusion, McKee ( 19891 ) 
found that GMCs contract under the influence of their self-gravity until the con- 
traction is halted by stellar feedback; the equilibrium is stable and the column 
density is Ay ~ 4 — 8 mag, comparable to the observed value. Dropping the as- 
sumption of quasi-static evolution and using the time - depen dent virial theorem 
for a spherical, homologous cloud, iMatzner fc McKeel (Il999l ^ found that a star- 
forming clumo u ndergoes several bursts of star formation. Krumholz. Matzner, 
& McKee (2006) extended this work by using a theor y for the star formatio r i rate 
that is consistent with the Kennicutt-Schmidt law (iKrumholz &: McKeel . 12005 
— see §3.4p and the full time-dependent virial and energy equations to solve for 
the evolution of GMCs that are large enough (> 10^ -^0) that H II regions dom- 
inate the energy injection ( Matznen . 20021 ). Their time-dependent integrations 
assume spherical, homologous evolution for each GMC, and follow the formation 
and dynamical effects of many individual H II regions, with stars selected from 
the IMF. Blister H II regions act to destroy the clouds, but they also provide a 
confining pressure due to the recoil associated with the mass loss. The prinicipal 
results of the time-dependent models are (1) clouds live for a few crossing times, 
~ 30 Myr for clouds with M > 10^ Mq, in agreement with observational esti- 
mates; (2) clouds are close to equilibrium, with virial parameters Ovir ^1 — 2; 
(3) the column density of the clouds is A^h — 10^^ cm~^, in agreement with ob- 
servation; (4) large clouds are destroyed by photoevaporation, but small clouds 
(M < 2 X 10^ Mq) are disrupted before half their mass is photoionized; and 
(5) GMCs convert ~ 5 — 10% of their mass into stars before they are destroyed. 
H II regions are unable to support GMCs with columns significantly greater than 
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10^2 cm 2. Krumholz. Matzner. &: McKed ( 20061 ) conjecture that such clouds can 



occur in regions in which the mean density is not much less than the density in 
the GMCs, so that external driving is more efficient; such conditions could occur 
in starbursts. Testing and extension of these cloud evolution/destruction models 
via full 3D numerical simulations has not yet been attempted, but development 
and verification of the necessarv computational codes is well underwav (' Mellema 
et al. . 120061 : iMac Low et al.l . l200fil : iKrumholz. Stone, fc Gardineil . l2006h . 



3.3 Core Mass Functions and the IMF 

3.3.1 OBSERVATIONS OF THE STELLAR IMF AND THE CMF 
How is the distribution of stellar masses, or initial mass function (IMF), estab- 
lished? This is one of most basic questions a complete theory of star formation 
must answer, but also one of the most difficult. Current evidence suggests that 
the IMF is quite similar in many different locations throughout the Milky Way, 
with the possible exception of star clusters formed very near the Galactic Cen- 
ter (Scalq. 1998b presents evidence for significant variations in the IMF, but 



Elmegreen . 19991 argues that much, if not all, of t his is consiste nt with the ex- 



pected statistical variations). The standard IMF of Kroupal (2001) is a three-part 
power-law with breaks at 0.08 Mq and 0.5 M©; i.e. dV^/dlnm* oc m~°^ with 
a = 1.3 for 0.5 < m,/ Mq < 50, a = 0.3 for 0.08 < m*/ Mq < 0.5, and 
a = -0.7 for 0.01 < m j Mc^ < 0.08. The slope of the IMF at > Mq was 
originally identified by Salpeted ( 19551 ). who found a = 1.35. Up to ~ 1 Mq, 



a log-normal functional form ciA/'*/dln(m^,) cx exp[— ( Inm^, — Inrrir)'^ /(2a'^ )] pro- 
vides a smooth fit for the observed mass distribution (iMiller fc Scald . Il979l ). with 
Chabried (|2005l ) finding that « 0.2 Mq and a 



0.55 applies both for indi- 
vidual stars in the disk and in young clusters; the system IMF (i.e., counting 
binaries as a single systems) has rric = 0.25Mq. Thus, the main properties of the 
IMF that any theory must explain are (i) the "Salpeter" power-law slope at high 
mass, (ii) the break and turnover slightly below ^ 1 Mf:^ , (iii) the upper lim it on 
stellar masses ~ 15OM0 (lElmegreenl . I2OO0I : \FiseA l200,4 lOev fc Clarkd . \2Q0^ ) . and 



(iv) the universality of these features over a wide range of star-forming environ- 
ments, apparently independent of the mean density, turbulence level, magnetic 
field strength, and to large extent also metalli city. Theory predicts that there 
should be a lower limit on (sub)stellar masses (ILow fc Lvnden-Beli Il976l ). but 
this has not been confirmed observationally. 

Important additional information has been provided by recent mm and submm 



systems fe.e:. 'Motte 


. Andre. & Neril 19981: Testi & Sareent"l998l: Johnstone et 


al. i2000,. 200L Motte et al.i,200L iBeuther & Schilke .2004: E,eid & WilsonI 200,4 


2006a: 


Stanke et al.l 


20061: Enoch et al.l 20061: Nutter k Ward-ThompsonI l2007l) . 



Within continuum maps, high-density concentrations representing (starless) cores 
have been identified in sufficient numbers (and with sufficent resolution) that 
core mass functions analogous to the IMF can be defined. Similar core mass 
functions (CMFs) may be derive d using extinction data from well-sampled maps 
( Lada. Alves. &: Loinbardi . 20071 ). and molecular line maps in high-density tracers 



Onishi et al.1 . l2002h . Studies of the CMF using extinction maps are only just 



beginning, but they promise to be very important given the lower systematic 
errors that are possible with this method. An e xcellent recent summary of th e 
statistical properties of observed cores is given by Ward-Thompson et al. ( 20071 ). 
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The CMFs derived from many independent studies and methods are in good 
agreement with each other, and are remarkably similar in functional form to the 
stellar IMF. In particular, regardless of the total mass and size of the star- forming 
cloud, and regardless of whether cores are well separated or highly clustered, the 
high-end CMF (above 1 M©) is consistent with a power law. App lying a uniform 
analysi s to data from 11 high- and low-mass star- forming regions. iReid &: Wilson 
(j2Q06bl ) find a = 0.8 - 2.1, with the mean value a = 1.4. Observed CMFs 
for relatively nearby clouds in the references cited above also show a peak and 
turnover at low mass in the range ~ 0.2 — 1 M©. For distant clouds, the peak core 
mass is larger, but lack of resolution and hence low- mass incompleteness affects 
these results. Observed well-resolved CMF distributions are thus very similar 
to the stellar IMF, but shifted to higher mass by a factor of a few. For CMFs 
derived from mm and submm observations, this factor involves some uncertainty 
associated with conversion from dust emissivity to total mass. The CMF derived 
from extinction in the Pipe nebula, which is not subject to this uncertainty, is 
shifted to higher mass by a facto r of 3 with respect to the standard stellar IMF 
(jAlves. Lombardi. k Ladal . l2007l ). 

The mirroring of the "universal" IMF by the (possibly also universal) CMF 
suggests that the stellar mass distribution is imposed early in the star-forming 
process. The final mass of a star appears to be controlled by the available reser- 
voir of the core from which it forms, rather than, for example, being defined 
by a termination of accretion due to internal stellar processes. The shift of the 
observed CMF relative to the IMF nevertheless implies that stellar feedback and 
other processes in the collapse or post-collapse stage affect stellar masses. Magne- 
tized protostellar disk winds are believed to reduce the stellar mass compared to 
core mass b v a factor of a few fsee discussion in ^4.2.61). In particular. Matzner &: 
McKee (j200(]|) predicted that the efficiency of a single star formation event in an 
individual core is Ccore — 0.25 — 0.7, depending on the degree of flattening, which 
is comparable to the values implied by the observations cited above. Because 
the efficiency is not sensitive to the parameters involved, this implies a similar 
shift from CMF to IMF at all masses. Given the uncertainty in the CMF nor- 
malization, the inefficiency of single star formation may account for essentially 
the whole CMF — > IMF shift. Some further fragmentation of presently-observed 
massive cores during their collapse may also occur, but provided that the major- 
ity of the mass goes into a single object, this will leave the high-mass end of the 
CMF relatively unchanged. Since the CMF is already dominated by low-mass 
cores (by mass as well as by number), the addition of low-mass stars formed as 
fragments from collapsing high-mass cores would negligibly affect the low-mass 
end of the IMF. 

Molecular line observations of low- mass cores, whether found in isolation (as 
in Taurus) or in close proximity to other cores in a dense, cluster-forming clump 
(as in p Oph), sho w that these cores have very low nonthermal internal velocities 
( Andre et all . 20061 ). Since weak internal turbulence implies that little density sub- 
structure is present within these cores, they are unlikely to undergo subsequent 
fragmentation during collapse, except to form binaries. The low-mass portion of 
the CMF should therefore be conserved in mapping to the IMF, modulo mass re- 
moval by outflows. Although cores in the high-mass end of the CMF are turbulent 
and thus in principle subject to further fragmentation, the agreement between 
the CMF and IMF suggests that this is not a dominant effect. 

The environments of observed prestellar cores provide further clues to the pro- 
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cesse s involved in their formation. Most stars form in clusters (jLada Sz Ladal . 
2OO3I : see ^4.3.5p and correspondingly, most (starless) molecular cores are part of 



larger cluster-forming dense clumps. These cluster-forming clump^, as observed 
for example in Ophiuchus, Serpens, Perseus, and Orion, have supersonic internal 
turbulent linewidths (even though the individual cores within them are subther- 
mal). Compared to isolated cores, the cores in clusters tend to be more compact 
in overal l size and have higher densitie s and column densities; they are also lower 



in mass (IWard-Thompson et al.l . 120071 ) . The column densities of cluster-forming 



clumps are generally quite large, and in particular they exceed the mean column 
densities of the GMCs in which they are forme d. In Perseus , wher e 80% of the 
mm cores lie in groups and 50% are in clusters ( Enoch et al. . |2006|). 50% of the 
total cloud mass is at Ay < 4 and 80% is at Ay < 6, whereas 90% of the mass in 
prestellar cores is in larger structures th at have Ay > 6, and 50% is at Ay > 8 
( Kirk. Johnstone. &: Di Francescol . 20061 ) . Similarly in Ophiuchus, the prestellar 
cores are found in high-column density regions {Ay > 15 for > 90% of the core 
mass), while most of the cloud's mass has much low er column densities (70% is 
at Ay < 7) ( Johnstone. Di Francesco. &: Kirkl . |2004| ) . The prestellar cores them- 
selve s represent onlv a tinv fraction of the t otal cloud mass: 5% in Perseus (E noch 
et al.. l2006l ). and 3% in Ophichus ([Johnstone. Di Francesco. &: Kirkl . |2004| ) : this 
is comparable to the net observed star formation efficiency over the lifetime of a 
GMC (see ^3.4p . On the largest scales, GMCs generally consist of collections of 
filaments, and both the clusters of cores and most of the individual isolated cores 
are embedded in these filaments. The structure formation that produces cores, 
and eventually stars, is therefore clearly a hierarchical process. 

3.3.2 THEORETICAL PROPOSALS AND NUMERICAL RESULTS 
Many theories have been proposed that aim to expl ain the IMF or so me aspect of 
it, and more recentl v to explain the CMF as well (see Elmegreenll200ll and Bonnell. 
Larson, & Zinnecker 20071 for recent reviews). While none of the proposals to date 
have won general acceptance, several have introduced elements that are likely to 
be important in the eventual theory that is developed. Numerical simulations 
have been valuable in demonstrating that the general characteristics of observed 
CMFs arise naturally in turbulent, self-gravitating flows, and they have also been 
useful in testing certain specific hypotheses. However, many features that are seen 
in the simulations are not yet understood in a fundamental sense, and limited 
numerical resolution may affect some existing results. 

A variety of different numerical models have been used in computational stud- 
ies of the mass distributions of bound and unbound condensations in turbulent 
systems. M ost models have adopted a n isothermal equation of s tate: using SPH 
techniques, iKlessen fc BurkertI (I2OOII]. iBonnell. Bate, k Vind (120031'). Bonnell. 
Clarke, k Bate ([20061), and|KlesseJ (120011) analyzed d ecaying-turbulence mod- 
els w ith a varietv of power spectra, and iKlessenI (l200lh and Ballesteros-Paredes 
et al. ( 20061 ) analv zed driven turbulence models. U sing grid-based codes in the 
unmagnetized case, Ballesteros-Paredes et al. ( 20061 ) and Padoan et al. (2007) an- 
alyzed dnven^turbuleii^ Using grid-based codes and including magnetic 
fields, Gammie et al. (j2003l ) analyzed decavi ng-turbulence models, and Vazauez- 
Se madeni. Ballesteros-Paredes. k Rodriguez (Il997l). Ballesteros-Paredes k Mac 
Low (l2002l).lLi et al.l (l2004l) andlPadoan et al.l (l2007l) analvzed driven-turbulence 



models. 



Tillev fc Pudritd (|20ol )" analyzed decaying-turbulence unmagnetized 



Referred to as "cluster-forming cores" bv lWard-Thompson et all |20o3) 
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models from a grid-based code. 

Oth er simulations have invest i jaiated the effects of non-isothermal equations of 
state. Li. Klessen. &: Mac Lowl ( 20031 ) analyze d driven-turbulence SPH s imula. - 
tions th at used a ra nge of polytropic indices. Bate. Bonnell. &: Bromm ( 20031 ) 
and Bate Bonnelll ((2005.) analyzed the results of SPH decaying-turbulence sim- 



ulations with a switch from isothermal to T oc /j"'^ at density 10 ^'^ gem to 



-13 



repres ent t he transition from optical l y-thin to -thick conditions. iJappsen et al 
(|200,^ and iBonnell. Clarke. &: Bate! (|200fil ;i investigated the result of switching 
from a weakly cooling to weakly heating barotropic equation of state at a range 
of densities n ~ 10^ — 10''cm~^, using driven- and decaying-turbulence SPH sim- 
ulations, respectively. 

The distributions obtained by applying clump-finding techniques to simulation 
"data cubes" share many characteristics, generally showing clump mass functions 
dominated by the low-mass end and tails at high mass that are (marginally) con- 
sistent with a power laws having indices similar to the Salpeter value. In detail, 
however, the mass functions depend on the adopted clump-finding algorithm and 
on parameters such as density threshold levels and smoothing scales, as well as 
on physical properties including the Mach number and the history of a system. 

In many simulations that include self-gravity, the high-end slope tends to be- 
come shallower over time, as massive objects grow larger. This change in slope 
may not represent realistic evolution, if massive condensations in fact should 
undergo fragmentation that the simulations do not follow. Failure to capture 
fragmentation during collapse could affect results from either grid-based or SPH 
simulations. F ragmentation is seeded by turbulence, which imposes fluctuations 
in the density ( Sasaol . 19731 ). These fluctuations grow as a condensation collapses, 
and in principle could ultimately result in fragme ntation if they become locally 
Jeans unstable ( Hunter . Il962l : Lynden- Bdl . ll973h . Fluctuations at smaller and 
smaller mass scales would grow to be highly nonlinear if collapse were to proceed 
unchecked, so in order to capture this numerically, turbulence at scales below 
the sonic scale would have to be resolved before collapse commences in a given 
region. However, it is likely that in reality fragmentation of collapsing high mass 
condensations is prevented by real physical effects, rather than numerical effects: 
accretion onto stars formed early in the collapse process heats the surrou nding 
gas signiflcantly, which helps limit further fragmentation (lKrumhold . l200fih . and 
for condensations in cluster-forming regions, outflows from nearby stars inject 
small-scale turb ulence that may provide support sufficient to pr event rapid lo- 
calized collapse (jTan. Krumholz. McKee 2006. : INakamura &: Lii ,2007 : see also 



Klessenll200ll ). Until physical processes enter to limit further breakup of massive 



condensations during their evolution, self-similarity implies they would fragment 
due to the same turbulent processes that produced the massive condensations 
in the first place. This is presumably why the IMF in clusters is the same as 
that in distributed star formation. Observed dense clumps break up into indi- 
vidual small cores when imaged at high resolution, suggesting that much of the 
fragmentation is in place prior to collapse. Indeed, the fact that the turnover 
of the IMF is similar to the Jeans or Bonnor-Ebert mass evaluated at the mean 
turbulent kinetic pressure within GMCs (see ^3.ip . -Pkm/^B ~ 3 x 10^ K cm~^, 
suggests that the ambient pressure that sets the "typical" star's mass is not sig- 
nificantly increased above this level by collapse prior to fragmentation. However, 
note that the correspondence between the turnover in the IMF and the Bonnor- 
Ebert mass evaluated at the mean turbulent pressure appears to break down in 
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star clusters like the Orion Nebula Cluster (Hillenbrand &: Hartmann . 19981 ) and 
globular clusters ( Paresce &: De Marchi . 20001) . which a re believed to have formed 
at substantially greater pressures (|McKee k Ta^] . l2003h : the reason for this is not 
clear. 

A common numerical "shortcut" to studying cluster formation is to focus on 
just a single cluster, rather than the whole hierarchical system; this allows the 
collapse and fragmentation to be better resolved. Models of this kind initiate 
a simulation at high density with comparable internal turbulent and gravita- 
tional energy. However, this approach misses an aspect of the real situation 
which may be quite important: self-gravitating massive condensations develop 
out of non-self-gravitating gas in which pertubations have already been imposed 
by turbulence. In simulations where the initial kinetic energy does not exceed 
the gravitational energy, collapse occurs before the turbulence is able to imprint 
a realistic density structure on the system, such that the subsequent fragmenta- 
tion may also be unrealistic. In particular, this may lead to massive fragments 
continuing to grow over time as they capture low-turbulence unstructured gas 
from their surroundings ("competitive accretion" — see ^4.1.2p . To obtain a re- 
liable measure of the high-end CMF from numerical models, it will be necessary 
to perform simulations that include large scales as well as cluster scales, and 
adequately resolve massive condensations both prior to and during collapse. In 
addition, physical processes representing the feedback from star formation must 
be properly included in order to impose realistic limits on fragmentation, coales- 
cence, and accretion after collapse begins. 

Another feature of numerical simulations that is at least qualitatively in accord 
with observations is the presence of a resolved peak and turnover in the CMF. 
Exactly how the location of this peak depends on model parameters, however, is 
not well yet determined. In some simulations, the CMF peak is found to be at 
masses comparable to the initial Jeans mass of the system (these are primarily 
low-Mach-number simulations), while in other simulations the peak is at much 
lower mass (these are primarily at high Mach number). The turbulent power 
spectrum can also affect the position of the CMF peak, and in some simulations 
the peak is seen to move to larger mass over time. In fact, the position of the 
peak for an isothermal simulation with a fixed turbulence scaling law must be 
a function of two dimensionless parameters, the ratio of the total mass in the 
system to the initial Jeans mass, and the turbulent Mach number on the largest 
scale. For magnetized simulations, an additional parameter is the ratio of mass to 
the magnetic critical mass. Although limited dependence on parameters has been 
explored, a comprehensive and controlled study has not yet been performed. Note 
that the mass-weighted density in a turbulent system increases as the turbulent 
Mach number increases (see ^2.1.4p . so that the Jeans mass at the "typical" 
(mass-weighted) cloud density decreases as the turbulence level increases, for a 
given mean (volume- weighted) density and Jeans mass. This probably accounts 
for why the peak of the CMF was found to be far below the mean Jeans mass in 
studies with high 7W, and close to the mean Jeans mass in studies with lower M. 

A recurrent theme in star formation theory is that the characteristic mass - 
defined by the peak of the IMF - is the Jeans mass at some preferred density. 
An upper limit on the preferred density, and hence a lower limit on the fragment 
mass, is the value at which which the optical depth is unity over a Jeans length ; 
this yields a n iinimum fragm ent mass ~ 0.007 M0 (|Low fc Lvnden-BelilT976l ). 
More recently, Larson ( 20051 ) has argued that the thermal coupling of gas to dust 
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at densities above nn = nc ~ 10^ cm~^ results in a shift from weakly-decreasing 
to weakly-increasing temperature as a function of density (T cx p""'^^ changes to 
to T oc pO"^ at Tinin ~ 5 K), and that the Jeans mass ~ 0.3 Mq at this inflection 
point sets the preferred mass scale in the IMF. Part of Larson's argument is 
that if structure is filamentary, then the filaments will contract radially while 
7 < 1; fragmentation into protostellar cores would occur when the filament's 
central density reaches ric and 7 exceeds unity. This argument does not take into 
account, however, that the mass per unit length of a filament may be determined 
primarily by the turbulence which originally creates it. In this case, the density 
ric defines a Jeans length (see eq. [20] in ^2.2p , so that the mass scale that emerges 
would be set by this (fixed) length scale ^ X.jirir) times the (variable) filament 
mass per unit length. The simulations of Jappsen et al.l (200^), which vary the 
density ric at which the temperature minimum occurs, provide qualitative support 
for Larson's proposal in that the peak of the CMF moves to lower mass as ric 
increases. The scaling of peak mass with ric in the simulations is not consistent 
with the predicted mpeak oc n"''-^^ scaling, however. In addition, these models 
did not test dependence on other parameters that may be important, such as the 
Mach number of the turbulence or the total mass of the system. 

A recen t comprehensive proposal to expla in the CMF and IMF has been ad- 
vanced bv IPadoan k Nordlundl (|200l hOPj ) (hereafter "PN"). They argue that 
because the strength of any given compression (in a shock) is related to its corre- 
sponding (pre-shock) spatial scale £, a power-law turbulence spectrum \ v{i)\ oc 
will result in a distribution of clump masses that itself follows a power law. In 
particular, they propose that the clump mass function produced by turbulence 
in a magnetized medium will obey dM{m)/dhim oc m~^^^'^~'^'^\ They further 
propose that at a given mass m, the fraction of clumps created by turbulence 
that collapse is obtained by integrating the density PDF down to the density at 
which that mass would be Jeans unstable, i.e. pmin = '/r^(T^j^/(36m^G^). With 
this prescription, at high mass the limit of the integral Pmin and PN find 
a = 3/(3 — 2q) ~ 1.4. The position of the CMF peak would depend on the 
properties of the density PDF; for a log-normal PDF (/m; see eq. [5] in §2.1.4p 
with = 0.5 — 2, the peak mass would be between 0.8 — 0.1 times the Jeans 
mass at the mean (volume-weighted) density in the cloud. 

The propo sal of PN is at t ractiv e in its overall thrust, and analysis of numerical 
simulations ( Padoan et al.l . [20071 ) shows promising consistency with some of the 
model predictions, such as a steepening of the CMF (larger a) with steeper 
velocity power spectrum (larger q). The PN proposal, however, also suffers from 
missing links in its theoretical underpinnings: (1) The effective value of va is 
defined by PN such that the typical compression p' / p in a shock moving at u is a 
factor v/vA (in fact, compression factors depend on the magnetic field direction as 
well as strength). This effective va is assumed to be independent of scale, and for 
numerical comparisons with data they adopt a value small compared to the typical 
value in a CMC of ~ 2 km s~^. (2) The argument used to obtain a = 3/(3 — 2g) 
for turbulent clumps assumes that each pre-shock volume maps to a number of 
post-shock volumes of mass m that is independent of £; i.e. i'^M{m)/ = const. 
While this is plausible, other arguments can be n iade that dra w on the scale-free 
nature of turbu lence, vet vield different results. Fleckl (19961) and Elmegreen & 
Falgarone (1996 ) have argued that in non-self gravitating turbulence one obtains 
mM{m) = const. This scaling corresponds to converting a constant fraction of 
the mass or volume behind every shock into clumps, l'^ p' J\f {m) / {L^ p) = const.. 
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where f = £va/v = ip/p' is the post-shock scale. One might also propose 
that the filling factor of post-shock clumps within the whole volume should be 
constant, i.e. £'^Af{m)/L'^ = const. This leads to Af{m) oc m"^^"^'?)/^^"^'?) , 
or a = 0.75 for q = 1/2. While the assumption i^J\f{m)/L^ = const, in the 
PN formulation yields results that are in agreement with measured CMFs, a 
physical argument is needed to explain why this is the correct choice among 
several plausible alternatives. In particular, since PN's argument for the slope 
a = 3/(3 — 2q) involves only turbulence, why does this value of a disagree with 
the distinctly-shallower empirical mass spectrum (a ~ 0.5; see ^3.ip of non-self- 
gravitating clumps in GMCs? (3) The argument PN use to obtain a formula 
for the mass function does not appear to take account of substructure within 
clumps at a given mass scale although the presence of substructure is implicit 
in their picture. In particular, they assume that any region that is unstable 
by the thermal Jeans criterion will collapse. An implicit requirement for this 
is that at each density, a contiguous volume containing a mass in excess of the 
Jeans mass is present. More generally, since hierarchical density structures are 
clearly important in nature (most cores and stars are clustered), any fundamental 
theory should identify how this this comes about. Given these difficulties, it 
appears premature to accept the PN proposal in its current form, although it is 
promising as a basis for future development. 



3.4 The Large-Scale Rate of Star Formation 

Much of this review focuses on the detailed physical processes of star formation at 
and below GMC scales. To understand the structure of a given galaxy, however, 
or the evolution of a population of galaxies over cosmological timescales, often 
only a very gross characterization of the star formation processes - such as the 
overall star formation rate (SFR) and the resulting IMF - is adequate. Many 
empirical studies of disk galaxies characterize the SFR in terms of the number 
of stars formed per unit time per unit area S*; this is usually reported using 
either averages over the whole of a galaxy within some outer radius R, or using 
azimuthal averages over an annulus of width dR to give $]*(i2). Both of these 
methods average over regions that may have widely varying SFRs, and the results 
must be carefully interpreted as strong nonlinearities are involved. Fortunately, 
with the data becor ning available from l arge-scale galactic mapp ing surveys (e.g. 
SONG and SINGS; iHelfer et all . l2003l : iKennicutt et al.l . l2003h . it will soon be 



possible to characterize SFRs on scales large compared to individual GMCs but 
small enough to separately measure, e.g., SFRs for arm and interarm regions. 

More fundamental than S^, is the star formation or gas consumption timescale. 
This is defined by t^* = S^/S* = Mg/M^,, where T,g is the gas surface density; 
the second equality assumes that the same area average is used for the total gas 
mass Mg and star formation rate M*. The resulting timescale depends on the 
gas tracer(s) chosen, which determines the range of gas densities included in T,g. 
For a chemical species tracing gas in a class of structures denoted by S that have 
mean internal gas density {p)v = PSi and total mass Ms, a convenient fiducial 
time for comparison to ts* = Ms/M^, is the free-fall time obtained by using ps 
in equation (|14p . The star formation or gas consumption rate is then 

= eff,5-^, (38) 
ts,s 
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where the efficiency over a free- fall time is eff^.s' = s/ts ^, = AM^{ts^s)/^s (see 
Krumholz k McKed . l2005l and iKrumholz Tanl . 120071 : note that they denote 



this quantity by SFRg 5). Note that the star formation efficiency eg^s over the 
free-fall time at the mean local density of structures S differs from the star for- 
mation efficiency es over the mean lifetime of individual structures in class S, 
which is discussed below. The definition in equation (i38l) is particularly useful 
for describing star formation on local scales within GMCs, in which different 
molecular transitions trace a relatively limited range of densities, and in which 
densities can be obtained for individual structures that are spatially resolved and 
have mass measurements from molecular line, dust continuum or extinction ob- 
servations. Since most of the molecular gas, and essentially all star formation, 
is found within GMCs, the SFR in a region with local surface density in GMCs, 
Sgmc, is given by = eff,GMcSGMc/iff,GMC- Here, %,gmc is calculated using 
the free-fall time within GMCs in a given region. Typical mean densities within 
GMCs are njy ~ 100 cm~^, implying tg^GMC ~ 4 Myr, but this may vary due to 
the effects of spiral arms, for example. In clumps or cores within GMCs, ps can 
be larger by orders of magnitude compared to /OgmC; yielding a corresponding 
decrease in %. 

The values of efj^s are generally low ( ^ 0.01 ) over a wide rang e of de nsity trac- 
ers (see below), and vary only weakly with ps- iKrumholz &: Tan ( 2007 ) point out 
that this suggests that turbulence is limiting star formation, although magnetic 
regulation is also possible (but probably not on CMC scales, since they appear 
to be magnetically supercritical - §2.3p . In the turbulence-regulation picture, the 
low overall efficiency of star formation on GMC scales (over their own free-fall 
times) is dictated by the low fraction of gas that concentrates into structures that 
are sufficiently dense to collapse before being redispersed by turbulence. The weak 
variation of e^^s with density follows naturally if the density obeys a log-normal 
distribution, which is consistent both with numerical simulations of supersonic 
turbulent flows and with observations of extinction statistics (§ §2.1.4|2.1.5p . For 
a log-normal distribution defined by equation ([5]), let Ms be the mass with den- 
sities in the range 6xs surrounding xs = ln{ps/p), where p = {p)v is obtained by 
dividing total GMC mass by total GMC volume. Then since the star formation 
rate M* is independent of tracer, 

\xs-2p^f 



— ■ exp 



(39) 



eff.GMC ^xs 

where px = (hi p/p)m is the (mass- weighted) mean within a GMC. With px ~ 1.5 
[corresponding to mass-weighted mean density {p/p)m = ^wC^Px) ~ 20, typical 
of GMCs] and 6xs ~ 1, efr.s/cff.GMC is between 1.4 and 3.4 for 1 < ps/{p) m < 10; 
larger values of px keep es^s ~ eGMC,fr over a larger range of densities. Approxi- 
mate constancy of eg ^5 over a range of densities implies the approximate relation 

Ms (X tg (X pg from equation ([38j) . Physically, this is because the equilib- 
rium fraction of mass in a GMC in structures at densities significantly above p 
is equal to the ratio of the destruction time to the formation time of those struc- 
tures, tdest,S'/*form,s- In & turbulent medium, the destruction time is of order 
the dynamical time of the structure, which decreases with increasing density and 
decreasing size, whereas the formation time is of order the dynamical time of the 
GMC for all structures, since the large-scale flow dominates. Note, however, that 
this discussion does not apply to regions in which self-gravity is strong but turbu- 
lence is weak, as occurs in low-mass pre-stellar cores. In such cores, eg rises by an 
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order of magnitude or more to ~ 0.1. Quiescent cores have individual lifetimes of 
a few iff (see ^3.1.2p , and net efficiency of star formation in each core ~ 1/3 (see 
^3.3.11 and ^4.2.6p . These structures have evolved to have internal densities (and 
hence self gravity) high enough that they can resist destruction by the ambient 
turbulence. In regions such as forming clusters, where self- gravity causes strong 
departures from the overall log-normal density distribution in GMCs and high 
gravity is offset by locally-driven turbulence, the relation ()39p would also not be 
expected to apply. 

Even within a given density regime, there may be significant cloud-to-cloud 
variations in local conditions such that ts* need not be a universal quanti t y even 
for structures observed in a given tracer. Indeed, iMoonev &: Solomon (Il988h 
showed that for Milky Way GMCs with virial masses (traced in CO) M(jo = 10^ — 
5 X 10^ Mq and infrared luminosities Ljr cx M,= , the ratio tcMC,* oc Mco/Lir 
varies over two orders of magnitude and is not correlated with Mr.n. Williams & 
McKee (jl99j" came to a similar conclusion from their analysis of OB associations 
and GMCs in the Galaxy. With a total CMC mass ~ IO^Mq in the Galaxy and 
a star formation rate of several Mq yr~^, the mean value of ^gmc,* ~ 3 x 10*^ yr, 
which translates to efj^QMC ~ O-d if ~ 100 cm~^ in GMCs. For dense gas 
clumps in GMCs, however, it appears that conditions are more uni form, such 



that t here is less scatter in ts* for dense gas tracers. In particular, IWu et al 



(|2005l ) show that the ratio -Lhcn/-^ir oc Mdcnsc clumps/-^* measured in Milky 
Way star -forming regions agrees with the same values measured in high-redshift 
galaxies ( Gao &: Solomonl . l2004l ) , for which there is only one order of magnitude 
scatter. IWu et al.1 (l2005l ) estimate a corresponding star formation timescale of 
^HCN,* = 8 X 10^ yr. If the typical density of HCN-emitting gas is ^ 10^ cm~'^, the 



corres ponding efficiency per free-fall time is eff^HCN ~ 0.002. iKrumholz Sz Tan 
(120071 ) apply slightly different factors to convert total HCN and IR luminosities 
to gas masses and star formation rates, and obtain efj^ncN ~ 0.006. These values 
of Eff are small compared to those for individual cores (~ 0.1), which in clustered 
re gions (where most stars form) have densities ^ 10^cm~^ f Ward-Thompson et 
al., 120071 ) that are large compared to the densities traced by HCN. 

In spite of the large scatter in ts* from one local region to another (in various 
density tracers), empirical studies have shown that when averaged over large 
scales, tg* is correl a ,ted with th e global properties of gas in a galaxy. The early 
studies of lSchmidtl (jl959l . Il963h sought to characterize the star formation rate as 
a power law (with index > 1) in the mean gas density (both volume and surface 
density) ; this would then translate to tn* (or iff/eff) t hat v aries as a negative power 
of gas density. More recently, following KennicuttI ( 19891 ). a number of empirical 
studies of disk galaxies have identified and explored "Kennicutt-Schmidt" (or KS) 
laws of the form Ti* cx S^"*"^, for which tg* oc Sg^. The original study of Kennicutt 
investigated correlations of 'E*{R) (based on Ha) with the total Y^g{R) (including 
both atomic and molecular gas); he found an index p = 0.3 for Sg(i?) above a 



threshold level. iKennicuttI (|l998l ) studied correlations of global averages of T,* 
with Tig (again combining atomic and molecular gas). For the whole sample 
including normal galaxies, the centers of normal galaxies, and starbursts, the 
fitted index is p = 0.4; the index is slightly larger for just normal spirals. Recent 
years have seen a number of other studies of the T,g - T,* relationship based on 
annular averages in galaxies, using Ha, radio continuum, or far-IR to measure 
star formation, and using either the total gas surface density or just the molecular 
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gas contribution from CO observat i ons (Wong Blitz . 20021: Murgia et al. . 2002 : 



20031 : iHever et all . l2004l : iKomugi et al.l . l2005l : ISchuster et al 



Boissier et al. 

20071 ^. Most of these studies have found p in the range 0.3 — 0.4, although larger 
values of p have been obtained in some analyse s that include both ato mic and 
molecular gas. For dense gas as traced by HCN, iGao &: SolomonI (j2004l ) found a 
linear relationship between the integrated star formation rate and the total mass 
of dense gas, i.e. p = 0, based on a sample including both normal galaxies and 
luminous/ultraluminous IR galaxies. For the same sample, the fitted SFR-gas 
mass index is p = 0.7 for less-dense molecular gas observed in CO lines. All of 
these fits involve (at least) an order of magnitude scatter about the mean relation. 
Taken together, these results imply that the amount of dense gas available for 
star formation increases nonlinear ly with the global amount of lower-density gas, 
but that the star formation rate in this dense gas is independent of global galactic 
properties. 

A second approach to characterizing global SFRs introduces the global timescale 
associated with the galaxy, the orbital period torb = 27r/r2. For grand design spi- 
rals, the SFR is expected to be proportional to the rate at which gas passes 
through spiral arms, since GMCs are expected (and obser ved) to form ra pidly in 
the high-su rface-densitv gas behind the spiral shock (e.g. iRobertd 19691: Kim & 
Ostriker |2002|. l2006l : IShettv k Ostrikei]l2006f ). IShul (|l973l l appears to"have been 
the first to propose this idea, and showe d that i t is ro ughly consistent with obser- 
vations of star formation in the Galaxy. Wvsd ( 19861 ) proposed that GMCs, and 
hence stars, are the result of atomic cloud-cloud c ollisions at a ra t e oc Op), 
where Qp is the pattern speed. More generally, Wyse &: Silk ( 19891 ) suggested 



that the star formation rate should scale T,„Q,. This has been confirmed 



by Kennicutt ( 19981 ): the resulting two forms for the KS law are 



E* 



0.017SgJ] 



(2.5±0.7)xl0" 



1 Mq pc- 



1.4±0.15 



Mq yr-1 kpc~2_ (49) 



The fact that there are two forms of the star formation law implies that there 



is a correlation between S^, and IKrumholz &: McKed (|2005h found O oc E„ 



for a sample comprised of b oth normal and starburst galaxies ([Kennicuttl . 119981 : 
Downes &: Solomon . 19981 ). The reason for this correlation is not known at 
present, but may be related to an overall tendency for velocity dispersions to in- 
crease at large surface densities (see below). The corresponding gas consumption 
time is ig*/iorb ~ 10 with tg^, evaluated for the entire galaxy and torb evaluated 
at the outer edge of the star formation. Subsequent observati ons have found 
^Tnni,*/^nrb ~ 10 — 100 wh eu cousidcring the molecular gas alone ( Wong &: Blitj . 



2OO2I : iMurgia et al.l . l2002h . 



Since most star formation is observed to take place within bound GMCs, it is 
useful to introduce /gmc = ^GMc/^t/; i-e- the fraction of gas that is found in 
GMCs. The surface densities must be averaged over a region containing a large 
number of GMCs, since the specific star formation rate has very large fiuctuations; 
the average can be over a local patch of a galaxy, an azimuthal ring, or an entire 
galaxy. Equation (f38|) implies 



= eg GMC 



%,GMC 



(41) 



This form of the star formation law is particularly useful if most of the gas is in 
GMCs, /gmc — 1- Since the gas density in the midplane pg oc Q^/GQ^ in terms 
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of the Toomre Q parameter, and since q^c °c Pquc Pg^"^' follows that 



oc eff^GMcSg/GMc/(Q*orb) ( Krumholz &: McKed . 20051 : see below), which is 



similar to the "orbital time" form of the KS law. 

An alternative expression for the SFR follows by noting that if GMCs form 
from diffuse gas at a rate Mdifjuse/^diflfuse and are destroyed by star formation at 
a rate McMc/icMC, then /gmc = iGMc/*ic, where tic = ^diffuse + ^gmc is the 
life-cycle time for gas in the galaxy. The mean efficiency of star formation in 
any GMC over its lifetime tcMC is egmc = fff nMc(toMc/^f F,nMc); in the Milky 



Way, the observed average value of ecMC is about 0.05 (e.g., IWilliams &: McKee 



19971 ). corresponding to iGMc/iff,GMC ~ 5. The star formation rate is then 



= EGMC^ (42) 

tic 

This equation leads to a simple interpretation of the empirical result oc 
for grand design spirals. In this situation the mean lifecycle time of the gas 
should be equal to the timescale between successive encounters with spiral arms, 
tic = (27r/m)(r2 — Op)~^ for an m-armed spiral. If egmc varies only modestly 
with radius, then well inside corotation (which is most of the star-forming disk) 
the overall star formation rate should obey oc S^fi. More generally, con- 
sider an arbitrary disk galaxy in which the gas is primarily diffuse, so that the 
GMC formation time tdiflfuse is much greater than the GMC destruction time 
(or lifetime) tGMC) and as a result the life-cycle time tic — ^diffuse- The char- 
acteristic timescale tdiffuse for formation of self-gravitating structures in a disk 
with surface density is the two-dimensional Jeans time tj,2D = Ceff/(GSg) 
(eq. [35l) . (Actual GMC formation timescales differ from tj^2D due to rotation 
and disk-thickness effects - see references in §3.2.11) . Using the definition of the 
Toomre Q parameter (eq. [32]) . torb = (ij,2D/Q)(2K/J^), so that from equation 
(jl2j) . ~ 3eGMcSg(Q*orb)~^- Thus, both the diffuse-dominated and GMC- 
dominated cases yield S,, oc ^^/(Qtorb)) assuming that the efficiency factors 
are comparable in different regions of a galaxy and from one galaxy to another. 
Since star formation tends to depl ete the gas in any region until Q is near the 
crit ical value Qr-rit — 1.5 (theory: iQuirk^. 19721: observation: Martin fc K enni- 
cutt. I2OOII : IWong Blitd . l2002l : iMurda e t al.l . I2OO2I : iBoissier et all . l2003h . this 



yields the "orbital time" form of the KS law (including the normalization) when 
^GMC ~ 0.05. GMC formation on a timescale ~ tj^2D, implying a star formation 
rate T,^ oc S^/ceff if egmc is weakly- varying, also yields the other form of the KS 
law if the effective velocity dispersion increases with surface density according to 
Ccff oc ^. A significant increase in the gas velocity dispersion at small radii, 
where Tig is generally larger, has been noted in several galaxi es (Kennev. Carl 



Strom, k Young, il99 3: Sakamoto, 1996; Walsh_et ah, 2002; L undgren et al.l . 12004 



Schuster et al.l . 120071 ). although there is no quantitative theory for this increase. 

A quantitative theory for the galactic star formation rate must determine the 
star formation efficiency (e.g., eg, gmc o r epMc) as well as the corresponding over- 
all rate. (An exception is the theory of lSiM 119971 . who notes that the porosity of 



hot gas in a galaxy is determined by the SFR; the SFR can th us be expressed in 
terms of the porosity, but this remains uncertain.) iTaiil tOO&t proposed that the 



overall star formation rate is determined by cloud-c loud collisions, but he s et the 
efficiency based on comparison with observations. lElmegreenI (|200l 120031 ) sug- 



gested that the star formation rate per unit volume is p=K ~ ecorc/corc(G'/9corc)"'^^^ 
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where /core is the fraction of gas in dense c ores; the value o f this was set by com- 
parison with^_obsCTvatioii^^ Mac Low, & 
Klessen (|2005aH bl. I2OO6I I . and bv lTasker k BrvanI (|2006l l showlhat the fraction of 



high-density gas scales as S^'^, but the definition of "high-density" is arbitrary 
and the dependence of the SFR on this definition is not known. 

A theory for the star form ation efficiency per free-fall time has been given by 
Krumholz fc McKed (Hooi); for galaxies in which /gmc — 1; this is proposed 
as a complete theory of the KS law. The first three assumptions underlying 
the theory have been discussed above: they assume that star formation occurs 
primarily in GMCs, so that the star formation rate is described by equation (|^T]) . 
that the density PDF in GMCs is log normal, as inferred from simulations of 
turbulence in gas that is approximately isothermal f ^2.1.4p . and that the IMF 
has the standard form. The final assumption is that low-mass stars form in all 
gas dense enough that the sonic length in the surrounding turbulent gas exceeds 
the Jeans length (Aj < £.) (IPadoan l 119951). with an efficiency ecore ~ 1/2 from the 



theoretical estimate of iMatzner fc McKee (2000). The condition that Aj < £s 
ensures that critical Bonnor-Ebert spheres are not torn apart by turbulence; 
the corresponding critical density implies that the thermal pressure in the cores 
matches the turbulent pressure in the environment, Pcore/p — ■M'^- An important 
part of this last assumption is that the regions that are dense enough to satisfy 
Aj < is have masses large enough to collapse. The normalization for the star 
formation rate is based on the simulations of Vazquez-Semadeni. Ballesteros- 
Paredes, & Klessen tooK " These assumptions lead to a star formation efficiency 
efr,GMC - 0.017a7°-^^(7\/l/100)"°-3^ Since the virial parameter in GMCs is of 
order unity and the Mach numbers are somewhat smaller than 100 in regions 
where they have been observed (and ^ a few 100 even in unresolved starbursts), 
this corresponds to a typical eff^cMC ~ 0.02. For galaxies in which the gas is not 
fully molecular, Krumholz and McKee ado pt the phenomenological result for 
/gmc obtained by Blitz &: Rosolowsky ( 20061 ) . They show that the resulting star 
formation rate agrees well with Kennicutt's observed relations (eq. [40|) . 

Finally, we remark that controversy continues to surround the question of what 
physical pr ocess defines the obser yed outer-disk thresh o lds R th for active star 



formation. Kennicutt ( 19891 ) and Martin &: Kennicutt ( 200ll ) argue that disk 



thresholds are set by gravitational stability considerations in shearing, rotating 
disks, and find a mean value of Q ~ 1.4 when they adopt a constant value 
Ceflf = 6 km s^^ for their sample. Numerical simulations of isothermal gas disks, 
including both disk thickness effects an d the gravity from an act i ve stel lar disk, 
quantit ativelv support this conclusion (Li. Mac Low. &: Klessenl. 2005al; Kim & 



Ostriker, 2007h. On the other hand, ISchavd ( 20041 ). building on the suggestion of 
Elmegreen fcParravan^(|l994l ). argues that star formation thresholds are defined 
by the condition that the pressure is high enough that a cold component of the 
atomic ISM can exist. This transition point depends on the UV intensity and 
metallicity (e.g., Wolfire et al. . 20031 ). but typically corresponds to threshold 
surface density ~ 3 — 10 Mq pc~^. Schaye essentially reverses the argument for 
a Q threshold: he argues that when a significant fraction of the ISM becomes 
cold, Q drops significantly and gravitational instability ensues. An advantage 
of this proposal is that it can natu rally account fo r the isolated patches of sta r 



formation that occur outside Rth ( Ferguson et al. . 19981 ; Boissier et al. . 20061 ) 



since star formation occurs wherever the pressure of the gas exceeds the critical 
value. However, while the model gives a necessary condition for star formation. 
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it does not give a sufficient condition: some of the galaxies in the Martin & 
Kennicutt (,20011 ) sample have -Rth inside the radius at which the gas becomes 
molecula r, which in turn is inside the radius at which cold atomic gas first appears 
(see also de Blok fc Walter! . \m)^ . who find evidence of a cold atomic component 
even in non-star- forming regions). In these cases, it is possible that MRI-driven 
turbulence in the outer disk maintains t he effective Q greater tha n the critical 
value even when some of the gas is cold (jPiontek &: Qstriked . 120071 ) . 



4 MICROPHYSICS OF STAR FORMATION 



4.1 Low-Mass Star Formation 

Star formation is traditionally divided into two parts: Low-mass stars form in 
a time short compared to the Kelvin-H elmholz time , tKU = Gm1/RL, whereas 
high-mass stars form in a time > ixH ( Kahnl . 19741 ). This distinction between 
low-mass and high- mass protostars is not fully satisfactory, however, since for a 
sufficiently high accretion rate any protostar would be classified as "low-mass." 
We somewhat arbitrarily divide low and high-mass stars at a mass of 8 Mq. 
Protostars that will form stars with masses significantly below this value have 
luminosities dominated by accretion, and they form from cores that have masses 
of order the thermal Jeans mass. Protostars above this mass have luminosities 
that are dominated by nuclear burning unless the accretion rate is very high, and 
if they form from molecular cores, those cores are significantly above the thermal 
Jeans mass. Low-mass stars undergo extensive pre-main sequence evolution in 
the Hertzsprung-Russell diagram, from th e poiii t on the " birthlin e ," wh ere they 
cease accreting and are revealed ( Stabler . 1983 : see also Larson . 19721 ). to the 
main sequence. Here we briefly review the current understanding of how such 
stars form. 

4.1.1 Theory of core collapse and protostellar infall As dis- 
cussed above, low-mass stars appear to form from gravitationally bound cores. 
The time scale for the collapse of these cores determines both the time scale 
for the formation of a star and the accretion luminosity. Note that the rate of 
infall onto the star-disk system, rhin, can differ from the rate of accretion onto 
the protostar, rh^, since some of the infalling gas can be temporarily stored in 
the disk. The collapse of such cores and the growth of the resulting protostars 
has been reviewed by Larson ( 20031 ). and we draw on this work here. At the 
outset of theoretical studies of star formation, it was realized that isothermal 
cores undergoing gravitational collapse become very ce ntrally concentrated, with 
a density profile tha t becomes approximately p tx ( Bodenheimer &: Sweigartl . 
19681 : Larsonl . 19691 ). Prior to the formation of the protostar, there is a central, 
thermally supported region of size r ~ Aj. Collapse of a marginally unstable core 
begins near the outer radius. The density gradient is created as the wave of 
collapse propagates i nward, leaving every scale marginally unstable as the col- 
lapse accelerates (cf. Larsonl . [2003 ). That is, since Aj ~ Cs/(G/>)^/^ (eq. [20|) . a 
sphere that is marginally unstable at each scale, r ~ Aj, will have p ~ c^/{Gr'^) 
when the protostar is first formed; the corresponding infall rate is 
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where the gravitational mass and radius are defined in equation (fT3|) and is a 
numerical factor that is typically > 1. (When the effect of protostellar outflows 
is included, the infall rate is reduced by a fact or emre < !■) Althou g h this 



result was first derived for an isothermal sphere. Stabler. Shu. &: TaamI ( 19801 ) 



emphasize that it should apply approximately to the collapse of any cloud that is 
initially in approximate hydrostatic equilibrium, with — > c^g = + v\ + w^urb 
including the effects of magnet ic fields and turbulence as well as thermal pressure; 
Shu. Adams. &: Lizanol (| 19871 ) suggest that Ceg < 2cs, however. This infall rate 



explicitly depends only on the sound speed, but it implicitly depends on the 
density of the core: since the core was assumed to be initially in hydrostatic 
equilibrium, equation (|i3|) is equivalent to rhin ~ Mcorc/tc oc McoreP^^'^- 

There are two limiting cases for the gravitation al collapse of an is othermal 
sphere . In the first ca se, originally considered by iLarsonl (|l969l ) and iPenstonI 



(|l969l ) and extended bv lHunted (|l977l ). one begins with a static cloud of constant 



density and follows the formation of the r density profile. At the time when 
the protostar first forms (i.e., when the central density reaches infinity in this 
idealized calculation), the collapse is highly dynamic, with an infall velocity of 
3.3cs. The infall rate onto the star is large, rapidly increasing from rhin = 29c^/G 
at the moment of protostar formation to rhin = 47c^ /G. In the physically unreal- 
istic case of an infinite, uniform medium, the accretion rate would remain at this 
high value; in practice, the accretion rate rapidly declines after the format ion of 
a point mass (see below). In the opposite case, considered by Shul ( 19771 ). one 



assumes that the evolution to the density profile is quasi-static (most likely 
due to the effects of magnetic fields — see below), so that the infall velocities are 
negligible at the moment of protostar formation. The resulting initial configu- 
ration is the singular isothermal sphere (SIS), which is an unstable hydrostatic 
equilibrium. The collapse is initiated at the center, and the point at which the 
gas begins to fall inward propagates outward at the sound speed (the "expansion 
wave"): iicw = Cst. This solution is therefore termed an "inside-out" collapse. 
For r > Rew, the density is that of a SIS, p = c^/(27rGr^); for r < Rcw, the 
gas accelerates until it reaches free fall, with v = —(2Gm i, /r)^^'^ and po oc r~^^'^. 
The generalized post-core-formation solutions of iHuntei] h97l\ ) share the same 



density and velocity scalings at small radii. The infall rate for Shu's expansion 
wave solution is constant in time, 

min = 0.975c^/G = 1.54 X 10-^(r/10 K)3/2 Mq yi-\ (44) 

The total mass inside the expansion wave at time t is 2 mmt, so that about half 
this mass is in the protostar (i.e., few = m^,/mew — 1/2). iLarson ( 20031 ) describes 



the Larson-Penston-Hunter (LPH) and Shu solutions as "fast" and "slow" col- 
lapse, respectively, and suggests that reality is somewhere in between. A general 
discussio n of the family of self-similar , isothermal collapse solutions has been 
given bv lWhitworth &: Summer 2 (|l985h . 



Observations suggest that the cores that form low-mass stars initially have 
density p rofiles that approximate those of Bonnor-Ebert spheres f^3.1D. Foster & 



Chevalier ( 19931 ) used time-dependent simulations to follow the collapse of such 



spheres under the assumption that support is by thermal pressure alone. They 
found that the collapse of the innermost, nearly uniform, part of a critical Bonnor- 
Ebert sphere (i.e., one with a center-to-edge density contrast of 14.1) approaches, 
but does not reach, the Larson-Penston (LP) solution prior to and at the time of 
core formation. Shortly thereafter, the infall rate begins to decline; there is no 
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phase of constant infall for a critical Bonnor-Ebert sphere. On the other hand, 
a sphere that is initiahy in an unstable equilibrium with a larger center-to-edge 
density contrast has an extended (outer) region in which the density scales as 
r~^. In this case the infall rate starts off as in the critical Bonnor-Ebert case 
and then declines to the constant value for an SIS. The infall rate eventually 
decreases below the SIS val ue when a rarefaction wav e from the boundary of the 
cloud reaches the origin (see Vorobyov &: Basu , 2005al ) . Numerical simulations of 
gravitational collapse in an unmagnetized, turbulent mediu m show that the initial 
spike and subsequent decline of the infall rate are typical (jSchmeia &: Klessen . 
20041 ). 

Most of the theoretical work (except for simulations) on low-mass star for- 
mation has neglected the role of turbulence in the core. This is generally a 
valid approximation for low-mass cores, but it becomes increasingly inaccurate 
as the core mass increases. Wh en turbulence is ir icluded, it i s generally in the 
microturbulent approximation. Bonazzola et al. ( 1987 . 19921 ) treated the tur- 
bulent pressure as being scale-dependent, and suggested that turbulence could 
stabilize GMCs whi le allowing smaller scales to undergo gravitational collapse. 
Lizano fc Sh^ (|l989l ) introduced a phenomenological model for turbulence, a lo- 
gotro pic equation of state f^2.2l). to treat the contraction of the core. Mvers & 



Fuller (|l992h and ICaselh fc Mverd (|l995l l modeled cores that are supported in 
part by turbulent motions with a density distribution that is the sum of an 
power law for a thermal core and a flatter power law for the turbulent envelope. 
Turbulent cores also can be approximately modeled as polytropes with 7p < 1 
( §2.2p . an d when cores collapse, the adiabatic index ^7 can exceed unitv f McKee 



— I I I ^ ^ III 

&: Zweibel, '1995: Vazo uez-Semadeni. Canto. &: Liza no. 1998). Ogino, Tomisaka, 

&: Nakamura ((1999 ) generalized the iFoster &: Chevalier, f.1993, ) calculation and 

found that both the pea k infall rate and the rate of de cline of the infall rate are 



increased for 7 = 7p > 1. McLaughlin &: Pudritd (jl997h generalized the Shu solu 



tion to singular polytropic and singular logatropic spheres. They showed that the 
expansion wave accelerates in time as -Rew oc t^"'^^ and the infall rate increases 
as rhin oc t^^^^'^p^ (logatropes correspond to 7p — > 0). The ratio of the mass in 
the protostar to that engulfed by the expansion wave is few — 1/2, 1/6, 1/33 for 
7p = 1, 2/3 and a logatrope, respectively. The infall rate for a singular poly- 
tropic sphere can also be expressed as rhin = (/)*m*/iff, where ts is the free-fall 
time measured at the initi al density of th e gas j ust accreting onto the star and 
(p^ ~ 1.62 - 0.96/(2 - 7p) (iMcKee fc Tanl . I2OO2I : this is valid for < 7p < 1.2). 
Inside-out collapse solutions for cloud s that are initially contracting an d that 



have 7 / 7p have been developed by iFatuzzo. Adams. &: Mvers I (|2004l ). For 



clouds that are supported in par t by turbulence, the deca y of the turbulence can 
initiate the collapse of the core ( Mvers Lazarianl . 19981 ). 

In the innermost regions of the collapsing core, the opacity eventually be- 
comes large enough that the gas switches from approximately isothermal behav 
ior to adiabatic behavior. The initial calculati ons were carried out by iLarson 



1969), and recent calculations include thos e bvlMasunaga. Mivama. &: Inutsuka 
1998f i. iMasunaea k Inutsukal (|2000l ). and IWuchterl fc Tscharnuterl (|2003l ): all 
assume spherical symmetry. The gas begins to become adiabatic at a density 



p ~ 10~ g cm~"^. The "first core" forms when the gas becomes hot enough to 
stop the collapse, and an accretion shock forms at a radius ~ 5 AU and with an 
enclosed mass ~ 0.05 Mq. Once the gas is hot enough to dissociate the molecular 
hydrogen, a second collapse ensues and the protostar is formed. When opacity 
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effect s are included, the maximum infall rate is limited to about ISc^/G ( Larsonl . 



20031 1. and the average infall rate over the time requir ed to assemble 80% of the 



final stellar mass is about 1.5-3 times the SIS value (jWuchterl Sz Tscharnutei . 
20031 ). 



Effects of Rotation The two classical problems of star formation are the 
angular momentum problem and the magnetic flux problem: a star has far less 
angular momentum and magnetic flux than an equivalent mass in the interstellar 
medium. Magnetic flelds effectively remove angular momentum so long as the 
contraction of the core is sub-Alfvenic and the neut ral and ionized components 
of th e infalling gas are reasonably well coupled (e.g., Mestel , 19851 : Mouschoviad . 



Il987l ). Once either of these conditions breaks down, the gas will collapse with 
(near-)constant specific angular momentum, j = wv^f,, where vj is the cylindrical 
radius, provided the transport of angular momentum by turbulence and gravita- 
tional torques is unimportant. For collapse at constant j, a disk will form with a 
radius 



Rd = 'TT' = = ^ = 3t^o/3rot(^o), (45) 



where VKep = {Gm^d/ RdY^"^ is the Keplerian velocity, m^.^ is the mass of the 
star and disk (assumed to be equal to the initial mass M[ci7o]), /3rot is the rota- 
tional energy parameter defined in equation (j30p . and vjq and are the initial 
cylindrical radius and angular velocity. In the collapse to a disk, the radius 
shrinks by a factor 3/3rot- Note that if the rotational velocity is proportional to 
the veloc ity dispersion, as might b e expected for a cloud supported by turbulent 
moti ons ( Burkert &: Bodenheimei . [200Q'). then /3rntfron) is constant ( Goodman 



et al., 19931 ). and the disk radius is a fixed fraction of the initial radius. On 



the other hand, clouds supported primarily b y thermal pressure are g enerally as- 



sumed to be in uniform rotation. Recall that iGoodman et al.l (|l993l ) found that 
cores typically have /3rot(-R core ) ^ 

0.02. 

As in the non-rotating case, two limits for rotating collapse have received the 
greatest attention. These studies have generally assumed isothermality and have 
focused on inviscid, axisymmetric fiow, although the latter conditions are likely 
to be violated in real disks, as discussed in §4.21 below. If the core initially has 
constant density and is rotating slowly, then it collapses to a disk that evolves 
to a configuration with a singular surfa ce densitv profile. S oc f Norman. 



Wilson, & Barton, 1980; Narita. Havas hi. fc Mivamal . Il984 ). The self-similar 



soluti on for the collapse of a rotating disk has been obtained by ISaigo &: Hanawa 



( 19981 ). who pointed out that this solution is the analog of the Larson-Penston- 



Hunter (LPH) solution for non-rotating collapse (i.e., it includes the time after the 
formation of the central singularity in S). A quasi-equilibrium disk with a radius 
Rd ~ j'^/Gm^.d (eq. l45l) grows after formation of the central singularity. Since 
both M{w) and j scale as zu'^ in the inner part of the initial spherical cloud, it 
follows that j oc M{taJq). Angular momentum is conserved during disk formation, 
so when a mass M{wo) = m^:^. has collapsed into the disk, Rd oc f' jm^d ^ rn^^d, 
which grows linearly in time in the isothermal case. Note also that since S oc 
in the disk, it follows that after disk formation M and therefore j oc ro; as a 
result, the rotational velocity in the disk is constant, independent of w. The 
infall rate into the central disk is about (3 — ll)c^/G, depending on the angular 
momentum; this is significantly less than that for the non-rotating LPH solution 
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( Saigo &: Hanawa , 19981 ). In this solution the gas outside the equilbrium disk is 
dynamically contracting and is assumed to be itself in a thin disk. Numerical 
calculations indicate that relaxation of the thin disk approximation increases the 
accretion rate by about a factor 2 for the case they considered. 

Alternatively, if the core settles into a centrally concentrated, spherical, quasi- 
equilibrium state prior to collapse, a slow, inside-out collapse ensues. The density 
distribution of the supersonically infallin g gas in the vicinity of th e disk has 
been determined by UlrichI ( 19761 ) and by Cassen Sz Moosman ( 1981 ) under the 
assumptions that the mass is dominated by the central protostar and that the gas 
is spherically symmetric far from the protostar. The outer radius of the disk is 
given by equation (j45p , but the disk is far from Keplerian — there is a large inward 
velocity th at leads to a dynami cally contracting outer disk and quasi-equilibrium 
inner disk ( Stahler et al.l . 1994). This solution for the inner part of the infall can 



be joi ned snioothlv to the solution for the collapse of an SIS ( Terebev. Shu, & 
Cassen, ligsj" More generally, if the cloud initially has a power-law density profile 
(p oc r~''p) with kp > 1, then it is straightforward to show that, for Qq = const, 



the disk radius is Rd oc m 



(fcp+l)/(3-fep) 
*d 



For the collapse of a slowly rotating SIS 



(kp = 2), this equat i on im plies that the disk radius varies as oc m^^ oc r 



(|Cassen &: Moosmanl . Il98ll ) . This rapid increase in disk radius with time is based 
on the assumption that the cloud can evolve to a rigidly rotating SIS. Subsequent 
work (described below) shows that even when magnetic fields are included, this 
condition is difficult to realize, and R^ tends to increase only linearly with time. 



Effects of Magnetic Fields Poloidal magnetic fields prevent gravitational 
collapse when they are sufficiently strong (subcritical cores), and they inhibit 
contraction otherwise (supercritical cores), as discussed in §2.2[ Magnetic ten- 
sion acts to dilute the force of gravity. In nonrotating disks, this effect can be 
modeled approximately by adopting an effective g ravitational constant (jBasul . 
19971 : iNakamura k Hanawal . Il997l : IShu k hi Il997l l. G^s = (1 - /^$^)G', where 
= M/M^ ( ^2.2p is assumed to be independent of r and must be greater than 
unity for gravitationa lly bound clouds; this equation is exact if the disk is also 
thin (|Shu Li[l997l l. As a result, the mass of a thin, nonrotating isothermal. 



magnetic ally supercritical disk in equilibrium is Mir) = [1/fl — ')]2c?r/G f Li 



k Shu, 11993), which can be much larger than in the absence of magnetic support. 
If such a disk is initially in static equilibrium (which is difficult to arrange), the 
infall rate resulting from an inside-out col l apse has (j)m = 1/(1 ~ M j^) iii equation 
H to within about 5% (iLi k Shul . [19971 : 1 Allen. Shu, k Li 12003 ). 



Mouschovias and his students have carried out an extensive set of calculations 
of the evolution of a magnetized disk assuming that the disk is thin and axisym- 
metric, which reduces the calculation to one spatial dimension. They followed 
the evolution from a subcritical initial state to supercr i tical collapse under the 
influence of ambipolar d iffusion (IFiedler k Mouschoviasl. Il993l). in cluding the ef- 
fects of charged grain s (ICiolek k Mouschoviasl . Il994l . Il996r Il998l ) and rotation 
(iBasu k Mouschoviasl . Il994l . Il995al lb[r" [n these calculations, the magnetic field 
has a characteristic hour-glass shape in which the field is normal to the disk 
and flares above and below it; observations that are consistent with this geom- 
etry have been o btained recentlv at a resolution of several hundred AU f Girart. 
Rao, k Marrone~Eo06|). lGani_&.Sliu| (ll993a|lbl) show that even if the magne- 
tized core began with a spherical shape, it would collapse to a disk, which they 
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term a "pseudodisk" since it is not rotationally supported. The calculations of 
Mouschovias and his students cited above typically began in a very subcritical 
state, with fi^ ~ 0.25, and stopped when the central density reached 10^'^ cm~^, 
which is about the point at which the central regions are expected to become 
opaque and non-isothermal. They found that thermal pressure exerts an out- 
ward force ~ 30% of that due to gravity, whereas centrifugal accelerations are 
negligible in this phase of evolution. The central part of the core undergoes an 
extended phase of evolution until it becomes supercritical, at which point the 
contraction ac celerates and mass-to-flux ratio increases more slowly. 

Basu (|l997h has given a semi-analytic treatment of these results. He showed 
that the surface density profile in the inner core is S(r, t) ~ T,c{t) /[I + (r/iZ)^]^/^, 
where Sc is the central surface density and R{t) = Ic^/GTidt) is the radius 
of the region in which therma l pressure is sufficiently strong t o maintain an 
approximately constant density ( Narita. Havashi. &: Mivamal . 1984 found a similar 
result for rotating collapse without a magnetic field). The supercritical core 
has a radius i?crit obtained by setting the central surface density equal to twice 
the critical value [Sc = h^Bq/ with /i^ = 2, where Bq is the initial 
field strength in the core]. He showed that the slow increase in the mass-to-fiux 
ratio, //$ oc S"-*^^, results in a significant reduction in magnetic support at high 
densities. The density profile in the inner part of the disk (r ^ Rent) has kp ~ 2, 
but the increasing relative importance of magnetic forces in the outer regions 
cause it to fiatten out so that the mean value in the entire core is ^ ~ 1.6. Basu 



found that the rotational velocity is independent of r, just as ISaigo &: Hanawa 



( 19981 ) did for the non-magne tic case. Extending the problem to include the 
time after protostar formation, Contopoulos. Ciolek. &: Konigll ( 19981 ) obtained a 
similarity solution to the non-rotating collapse problem with ambipolar diffusion 
and found an infall rate rh-in = 5.9cf/G at the time of protostar formation. Two- 
dimensional numerical calculations have confirmed this result and have shown 
that the infall ra te subseauentlv drops bv somewhat less than a factor 2 f Ciolek 
Konigl. 1998). 

Shu, Li, &L Allen (|2004l ) have considered very different initial conditions, in 
which a uniform field threads a singular isothermal sphere. Since the flux-to-mass 
ratio is zero at the origin and increases outward, magnetic effects are negligible 
at the center and become important only at a characteristic length scale iZch = 
vrCg/G^/^i?, corresponding to the condition that Mq ~ M$ (a similar length scale 
arises in studies of collapse with ambioolar diffusi on, as mav be inferred from Basu 
& Mouschovias, ,1995b. ). They follow the collapse under the assumption that the 
flux is frozen to the gas and find that the infall ra te declines after the expansio n 
wave reaches Rch: this is analogous to the result of ICiolek &: Mouschovias (|l995h . 
who found a similar result for the case of collapse with ambipolar diffusion when 
the expansion wave reached a point at which the ambipol ar diffusion was iiihibited 
by photoionization. The initial conditions assumed by IShu. Li. &: AllenI (j2004l ) 
lead to a poloidal field that decreases inward, whereas calculations that start 
from non-singular initial conditions and include ambipolar diffusion find that the 
poloidal field strongly increases inward. 

A full similarity solution for the evolution of the collapsing core after it has 
fallen into a thin disk and a protostar has formed at the center, including rotation, 
magne tic fields and ambipolar diffusion, has been obtained bv Krasnopolskv & 
Konigl (l200i)~ They assumed that the gas is in a thin disk with a constant rota- 
tional velocity (see above); how this assumption would be affected by turbulence. 



62 



McKee k Ostriker 



which would thicken the disk and transport angular momentum, is unclear. The 
infalling gas goes through two shocks, a C-shock ( which has a structure dominated 
by ambipolar diffusion — e.g., Draine &: McKe^ . Il993l ) and a shock at the outer 
edge of the centrifugally supported disk. When the protostar reaches IMq, the C- 
shock is at about 10'^ AU, and the centrifugal shock is at about 10^ AU, consistent 
with data on T Tauri systems (see §4.2.11 below). Within the self-similar frame- 
work, they find that magnetic braking can be adequate to maintain accretion 
onto the central protostar; in this case there would be no need for internal disk 
stresses to drive accretion. The infall rate in their fiducial case is 4.7c^/G; for a 
gas at 10 K, this corresponds to a star formation time tgf = 1-3 x lO^(m*/M0) yr. 
Their solution does not include an outflow, but they show how one might be in- 
cluded and estimate that this could reduce the accretion rate by a factor < 3. 
In sum, based on the theoretical work to date, it is clear that the infall rate is 
prop ortional to c^g/G. where c^et is an effective sound speed ( Stabler. Shu, & 
Taam, |l98cl)" but the value of the coefficient and its time dependence have yet 
to be determined in realistic cases. 

The magnetic flux problem in star formation is that stars have very large 
value s of the rnass-t o-flux ratio (/x$ ~ 10^ — 10^ in magnetic stars, ~ 10® in the 



Sun — Nakano . 19831 ) . whereas they form from gas with ~ 1. This problem 
does not have an adequate solution yet, but it appears that it must be resolved 
in part on scales < 1000 AU and in part on smaller (~ AU) scales. Detailed 
calculations of the ionization state of the infalling and accreting gas show that the 
ionization becomes low enough that the field decouples from the gas a t densities 



10.5 



10 



11.5 



cm (INishi. Nakano. &: Umebavashil. Il99ll: Desch & 



of order 10 

Mouschovias7 l200ll : iNakano. Nishi. Sz Umebayashil . I2OO2I ): decoupling occurs at 
a somewhat lower density after the formation of t he ce nt ral protostar, due to 
the stronger gravitational force ( Ciolek &: Konigj 19981 ). Li &: McKee (|l99(ih 
showed that once the field decouples from the gas, magnetic flux accumulates in 
the accretion disk as the gas flows through the field and onto the protostar. The 
pressure associated with this field is strong enough to drive a C-shock (which has 
a structure dominated by ambipolar diffusion) into the infalling gas. The radius 
of the shock is predicted to be several thousand AU at the end of the infall phase 
of a 1 Mq star; inside the shock, the field is approximately uniform (except close 
to the star) and the gas settles into an inf alling, dense disk that they identifie d 
with the "outer disk" observed in HL Tau feayashi. Ohashi. &: Mivamal . [T99^ . 

These results have b een confi rmed and improved upo n bv Contopoulos. Ciolek, 
k Konigl (1998). Ciolek fc Konigl (1998. ) and Krasnopolskv fc Konigll ^002 ). 



Tassis &: MouschoviasI (j2005l ) have carried out 2D axisymmetric calculations with 



careful attention to the evolution of the ionization and find that the location of 
the shock oscillates, leading to fluctuations in the accretio n rate; it is important 
to dete rmine if this effect persists in a full 3D simulation. Tassis fc MouschoviasI 
(|2007al ]bll3^ ind that the magnetic field in the central region (r < 10 AU) is 
about 0.1 G at the end of their calculation, when the central star has a mass 
~ O.OIMq; this is at the low end of the fields inferred in the early solar nebula 
from meteorites, which are in the range 0.1 — 10 G ( Morfill. Spruit. &: Levvl . 
I993I ). They show that ohmic dissipation becomes as important as ambipolar 



diffusion at densities > 10 cm~'^, but it does not affect the total magnetic 
fiux. However, even though these processes significantly reduce the field within 
a few AU of the protostar, they are not sufficient to reduce t he magnetic flux in 
the protostar to the observed value ( Nakano &: Umebavashi . 19861 : Li &: McKee . 
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19961 : Q, Il998l : ICiolek fc Konigill998l:[Tassis fc Mouschoviad . l2005h . It is possible 
that turbulent diffusion ( Li &: McKeeir 1996 ) or magnetic reconnection f Mestel 
& Strittmatter. Il967l : iGalli &: Shul . Il993bl ) plavs a role in further reducing the 
magnetic flux. Reconnection alters the topology of the field and can displace 
the region in which the flux crosses the forming or accreting disk. However, 
reconnection cannot actually destroy flux (a common misconception), since at 
sufficient distance from the protostar the plasma is a good conductor and the 
total flux inside this conductor must be conserved. At the present time, the 
solution to the magnetic flux problem remains incomplete. 

As remarked above ( ^4.1.ip . magnetic fields are thought to play a critical role in 
solv ing the the classi cal angular momentum problem by means of magnetic brak- 
ing ( Mestel . [l985 : Mouschoviad . 1987 ). I ndeed, magnetic brakin g wh en the field 
is frozen to the matter is so effective that Allen. Li. Shul (|2003f ) andlGalli et al 



12006") have argued that magnetic reconnection is required to reduce the field and 
th erefore the braking enough th at a Keplerian disk can form. The infall solution 
of iKrasnopolskv &: Konigll (120021) . which incl udes ambipolar diffusion, and the nu- 
merical simulations of Huieirat et al. ( 2000f ). which include both turbulence and 
ambipolar diffusion, suggest that Keplerian disks can form without reconnection, 
but nonetheless indicate that predicting the evolution of the specific angular mo- 
mentum of the infalling gas is a complex problem. However, it is not clear that 
any of these theoretical models are consistent with the observations of Ohashi 



et al. (|l997l ). which show that the specific angular momentum in gas associated 
with several protostars in Taurus is constant for 10~^ pc < r < 0.03 pc. 

Numerical simulations, as opposed to numerical integration of the underlying 
partial differential equations, are required to study core collapse in 2D or 3D 
without additional assumptions (such as self-similarity or a thin-disk condition). 
A critical review of n umerical simulations of low-mass star formation is given 



by iKlein et al 



(j2007f ). To date, such simulations have not included ambipolar 
diffusion, nor have they simultaneously included radiative transfer and magnetic 
fields; most simulations have also stopped prior to the formation of the protostar. 
A prediction of these simulations is that a slow (v ^ c„ ~ 0.2 km s~^) outflow 
should occur at large radii (~ 10^ AU: iTomisafe] . Il998l . liooi : iBanerjee fc Pudritd . 
20061 ). These authors suggest th a t this outflow is related to the observed bipolar 
outflows, but lAllen. Li. fc Shul (l2003l ) disagree. In any case, this large scale 
outflow could be important in setting the outer boundary conditions for the jets 
and higher- velocity outflows that are observed (see § §4.2.41 14.2.5p . 
4.1.2 BONDi-HOYLE Accretion Once a protostar star has formed by grav- 
itational collapse of a core, it can continue to grow by gravitational accretion from 
the ambient medium. Most treatments of this process do not distinguish between 
the g as that accretes directly onto the star and the gas that first falls onto the 
disk. Hovle &: Lvttleton ( 19391) fir st developed the theory of accretion by a mov- 
ing point mass, and Bondi ( 19521 ) extended the theory to the case in which the 
star is at rest in a medium of finite temperature. Today, gravitational accretion 
by a stationary object is generally referred to as Bondi accretion, whereas that 
by a moving object is referred to as Bondi-Hoyle accretion. If the density and 
sound speed far from the star are p and Cs, respectively, and the star is moving 
at a velocity vq = TWqCs through the ambient medium, then the characteristic 
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radius from which the star accretes is 

Rbu = 

The accretion rate is 



{l+Ml)cl 



Mbh = 4vr0BHi?iHPc.(l + Mlfl^ = 



(46) 



(47) 



where i s a number of orde r unity that fluctuates somewhat due to instabilities 
in the flow (jRuffert Arnettl . 1 199 A . 

There are a number of assumptions that go into this result: (1) The mass inside 
Rek is dominated by the mass of the star — i.e., the self-gravity of the accreting 
gas is negligible. One can show that 



M(i?BH) 



5.85 



(48) 



so that this condition is equivalent to requiring that the stellar mass be small 
compared to the Bonnor-Ebert mass (eq. \T^i in the ambient medium (for A^o ^ 
1). (2) The tidal gr avitational field is neg ligible; when it is not, Rbh is replaced 



by the tidal radius (| Bonnell et al.l . l2001al ). (3) The magnetic field is negligible. 



Based on dimensional scalings, a rough approximation for the effect of a magnetic 
field on the accretion rate would be to make the replacement vo — > {vq + v\)^^'^. 
(4) The ambient gas is moving at a uniform velocity. In fact, gas in molecular 
clouds is generally supersonically turbulent, so that an accreting star experiences 
large fluctuations in both the den sity and velocity of the accreting material. 
Krumholz. McKee. &: KleinI \200(h showed that the mean accretion rate in a 
turbulent medium is given by equation ()47p with p equal to the mean density, 
A^o replaced by A^turb, and cpBU — 3.5 ln(0.70A^turb)! provided that the 3D Mach 
number A^turb of the turbulence is large compared to Mq and compared to unity 
(they verified this result for M.q = and 3 < A^turb < 10). This result was 
derived from simulations of isothermal gas, but it should be approximately valid 
for other equations of state also. The median accretion rate is significantly less 
than the mean, however. 

The dominant paradigm for star formation is gravitational collapse, but an 
alternative is that stars (or at least relatively massive stars) are formed primarily 
by the c apture and subsequent accretion of m atter that is initially unbound to 



the star (jZinneckeil . Il982l : iBonnell et aD . ^99^). Since protostars compete for gas 
from a comm on reservoir, this pro cess is termed "competitive accretion." The 
simulations of Bonnell et al. show that a few of the fragments gain most 

of the mass; these are the ones that reside primarily in the central regions of the 
clump and have the highest accretion rates. Since gravitational accretion scales 
as ml, initial differences in protostellar masses are amplified. This process has 
the potential of producing the initial mass function, and it also nat urally leads to 



massiv e stars being centrally concentrated in clusters, as observed ([Bonnell et al. 



2001bl ^. A key issue for competitive accretion is, what is the level of turbulence 
in the ambient medium? There is general agreement that competitive accretion 
is ineffective if the medium has turbulent energy comparable to gravitational en- 
ergy, with Ovir order unity fs ee eg. [TT]). whereas it is effective if the turbulence 
is sufficiently weak, Ovir 1 (jBonnell et al.l . l2001al ; iKrumholz. McKee. &: Klein , 



Theory of Star Formation 



65 



2005al : magnetic fields, which tend to sup press accretion, have no t been consid- 



ered yet). Bonnell and his collaborators ( Bonnell &: Batj . 2006 and references 



therein) argue that the gas throughout star-forming clumps has a very low tur- 
bulent velocity_so_dmt_2roto^ cluster s can accrete efficiently. On the other 
hand, iKrumholz. McKee. fc KleinI (l2005ah argue that stellar feedback and the 



cascade of turbulence from larger scales ensure that the star-forming clumps are 
sufficiently turbulent to be approximately virialized and to therefore have neg- 
ligible competitive accretion. Analysis of data from several star-forming clumps 
shows that stars in these clumps could grow by only (0.1 — 1)% in a dynamical 
time, far too small to be significant. The timescale for the formation of star 
clusters is an important discriminant between these models: Star clusters form 
in about 2tg if turbulence is allow ed to decay, whereas it can ta ke significantly 
longer if turbulence is maint ained (Bonnell. Bate. &: ^ii^s - 20031 ). The observa- 



tio nal evidence discussed bvlTan. Krumholz. &: McKee , "(I2OO6I) and Krumholz & 



Tan ( 20071 ) favors the longer formation time. This controversy can be resolved 



through more detailed observations of gas motions in star-forming clumps and 
through more realistic simulations that allow for the evolution of the turbulent 
density fluctuations as the clump forms and evolves to a star-forming state, and 
that incorporate stellar feedback. 

4.1.3 Observations OF LOW-MASS STAR FORMATION The growth of proto- 
stars can be inferred through observations of the mass distribution surrounding 
the protostar, the velocity distribution of this circumstellar gas, and the non- 
stellar radiative flux. The mass and/or temperature distribution on both small 
and large spatial scales can be inferred by modeling the spectral energy distribu- 
tion (SED) of the continuum. Protostellar SEDs are conventionally divided into 
four classes, which are believed to represent an evolution ary progression ( Mvers 
et al.. 1987 divided sources into two classes; iLada. 1987 introduced Classes I-III; 



Adams. Lada. &: Shu . 19871 discussed a similar classification: and Andre. Ward 



J — J — — - — 1, ^^^^^^^^^^^g^^^^g^g^g^^^^^^^^^^^^^^^^ggg^^^^gggg^^^^^^^^^^^^^^^^^^^^^j^^^^^ , — 

Thompson. &: Barsonv. Il993l introduced Class 0). Andre. Ward-Thompson, & 
Barsony (.20001 ) have summarized the classification scheme: 

Class 0: sources with a central protostar that are extremely faint in the 
optical and near IR (i.e., undetectable at A < W fi with the technology of the 
1990's) and that have a significant submillimeter luminosity, ismm/-^boi > 
0.5%. Sources with these properties have Menveiope ^ m*- Protostars are 
believed to acquire a significant fraction, if not most, of their mass in this 
embedded phase. 

Class I: sources with oir > 0, where oir = d log AF^/dlog A is the slope of 
the SED over the wavelength range between 2.2 n and 10-25 11. Such sources 
are believed to be relatively evolved protostars with both circumstellar disks 
and envelopes. 

Class II: sources with —1.5 < oir < are believed to be pre-main sequence 
stars with significant circumstellar disks (classical T Tauri stars). 

Class III: sources with ajR < —1.5 are pre-main sequence stars that are no 
longer accreting significant amounts of matter (weak-lined T Tauri stars). 

These classes can also be defined in terms of the "bolometric temperature," which 
is the tem perature of a b l ackbo dy with the same mean frequency as the SED of 
the YSO (|Mvers fc Laddl . Il993l ^. 
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Unfortunat ely, the geometry of t h e sou rce can confound this classification 
scheme (e.g., Masunaga &: Inutsuka . 2000l ) . It is well-recognized that a giyen 
source can appear as a Class II source at small or moderate inclination angles 
(so that the central star is yisible) and as a Class I source at large inclination 
angles (so that the central source is obscured by the disk). A similar ambiguity 
can involye Class sources if the protostellar envelope is flattened due to the 
presence of a large-scale ma gnetic field or contains cavities created by protostel- 
lar jets. I White et al. summarize the observational evidence that many of 
the properties of Class I and Class II sources are similar, which is consistent with 
inclination effects confusing the evolutionary interpretation of the SEDs. This 
ambiguity can be alleviated by radio or sub-millimeter observ ations of the en- 
velope s, which yield masses that are independent of inclination; iMotte &: Andre 
(|200lh find that about 40% of the sources in Taurus that are classified as Class I 
on the basis of their SEDs have envelope masses < O.IMq and are thus unlikely 
to be true protostars. More sophisticated modeling of the SEDs can also clar- 
ify thB_evohjtioiia^^ et 
al. (|2006l ) have calculated 2 x 10^ model SEDs, including the effects of outflow 
cavities, that can be automatically compared with observed SEDs to infer the 
properties of the source. Counts of sources at different evolutionary stages to- 
gether with an estimate for the age for one of the stages allows one to infer the 
lifetimes for all the stages. Typical estimates for the ages are 1 — 2 x 10^ yr for 
Class I source s a,nd 1 — 3 x 10^ vr for Class sources f Andre. Ward-Thompson, 
& Barsony, 2000^ 

There is a significant discrepancy between the protostellar accretion rates that 
are observ ed and those that ar e expected, resulting in the so-called "luminosity 



problem" ( Kenyon et al. . 199d ). The luminosity due to accretion onto the star is 



/a 



3.1/a 



0.25MqJ VlO-6 Mq yr 



-1 



2.5 Ra 



•0 



R* 



L 



'0; 



(49) 



where /acc is the fraction of the gravitational potential energy released by accre- 
tion, t he rest being carried off in a wind or absorbed bv the star (e.g.. Ostriker 
& Shu. I1995I ), 0.25Mf7^ is the typical mass of a protos tar (i.e, half th e mass of a 
typical star), and 2.5i20 is the corresponding radius ( Stahler . 19881 ). There are 
two main ways to estimate the expected average accretion rate, (m,,). (1) Since 
both the mass ejected from the disk and the mass stored in the disk are generally 
a small fraction of the stellar mass (see §4.2p . the average accretion rate (m=f) 
should be comparable to the infall rate rhi^. Theoretically, for T = 10 K, this is 
'in Mq yr~^ fe as. H3l HH). If the f r actio n of the core mass 



mi, 



1.5 X lO-'^e^. 



that go es into the star is enr^r-a. cr^ 1/3 dMatzner &: McKeel. 200C : Alves. Lombardi, 
& Lada. boOTI ) , and if the e nvelope infall rate is that expec ted from rotating, mag- 



[(pin ^ 5- 



Krasnopolskv fc K5nigi l2002h . then the infall rate is 



netized collapse 

rhin ~ 2.5 X 10~6 Mq yr~^. Observationally, the properties of the envelopes 
around Class I objec ts inferred from the SEDs _ give similar infall rates ( Kenvon. 
Calvet, & Hartmann, 19931 ). so this estimate for enovoC^ir. cannot be too far off. 
(2) A direct estimate of the average accretion rate is that forming an 0.5 Mq star 
in 2 X 10^ yr, the estimated upper limit on the duration of the embedded stage, 
requires {rh^) = 2.5 x 10"^ Mq yr~^, comparable to the estimated infall rate. 
The average luminosity corresponding to this accretion rate is (L) ~ 8 Lq. The 
problem is that the observed median luminosity of the bona fide Class I sources 
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(i.e., those with significant m ole cular envelopes) in Ta urus is about 0.5 — 1 Lq 
(jWhite Hillenbrandl . |2004| and iMotte k Andrei . l200ll . respectively), almost an 
order of magnitude smaller. The problem is significantly worse than this, how- 
ever, since only a small fraction of the luminositv is due to ac cretion f Muzerolle. 
Hartmann, & Calvet. .1998): White fc Hillenbrand (2004) find that the fraction is 
about 25%. The clearest statement of the luminosity problem is as an accretion 
rate problem: The observed accretion rates in Class I protostars are 1-2 orders 
of magnitude smaller than those needed to form a star during the lifetime of a 
Class I object. 

Kenyon et al. ( 1990l ) suggested two solutions to this problem. One solution is 
that significant accretion continues into the T Tauri stage, but this appears to 
be ruled out by the fact that such stars accrete very slowly (10~^ Mq yr~^; see 
^4.2. ip , and there is not a significant disk or envelope mass reservoir that they can 
draw on for episodic accretion. The other solution is that most of the accretion 
occurs in the embedded stage, but it is episodic, so that the median accretion 
rate is much smaller than the mean. They suggested that the high accretion-rate 
stage of protostellar accretion could corres pond to FU Orionis objects, which are 
very luminous (typically 200 — 800 Lq — iHartmann &: Kenvon . 19961 ) and have 
have accret ion rates ^ 10~^ Mc^ yr~^. Such o utbursts could be due to thermal 
instability (jBell Linl . Il994l : iBell et all Il995l ). although this would only aflFect 
the inner disk, and hence the outburst would be limited in duration and total 
mass accreted; or to gravitational instabi litv in the disk [see 2. 21 and Vorobvov 
& Basu 2005b, 2006). However. IHartm ann Sz KenyonI ( 1996 ) estimate that the 
observed FU Ori objects can account for only about 5 — 20% of the mass of stars 
forming in the solar vicinity; this discrepancy has not disappeared in the inter- 
vening decade. Recent observationa l studies of the central s tars i n Class I sources 
differ on their evolutionary status: White &: Hillenbrandl ( 20041 ) argue that the 
Class I protostars are similar to T Tauri stars and are th us past the main pro- 
tostellar accretion phase, whereas Doppmann et al. ( 20051 ) come to the opposite 
conclusion. If protostars are close to their final mass by the time they become 
Class I sources, then they must gain most of their mass in the Class stage. 
In this case the luminosity problem remains, albeit in a milder form: The mean 
accretion rate required to form an 0.5 Mq star in 3 x 10^ yr (the estimated upper 
limit on the lifetime of a Class source — lAndre. Ward-Thompson. &: Barsonyl . 



2000l ) 



is 1.7 X 1O~^M0 yr "\ corresponding to (L) ~ 50/acc(2.5 iJo/i?*)^©; by 
contrast, the median l uininositv of the Class sources listed bv Andre. Ward- 
Thompson, & Barsonv (|2000l ) is about 10 L0. This luminositv problem could 
be alleviated if a significant fraction of the accretion energy is carried off by the 
powerful protostellar outfiows that accompany these sources, so that /acc ^ 1/2. 
However, accounting for a value of the infall rate as high as the inferred accretion 
rate onto the star remains a theoretical challenge: The magnetized collapse mod- 
els discussed above give infall rates of a few xlO^^ Mq yr^^ (for ecorc ~ 1/3), 
significantly less than required. A resolution of the luminosity problem thus 
remains elusive. 

Spectroscopic observations using molecula r transitions can give both the mass 
and velocity distributions in collapsing cores (jMvers. Evans, fc Qhashil . l2000f ). but 
to date the spatial resolution of these data is generally > 100 AU. Evidence for 
infall in unre solved cores is provided bv the "infall asvmmetrv" (Lucas . 19761: Le- 
ung & Brown, 19771 : Mvers et al.l . 19961 ): opticallv thick, infalling gas in which the 
excitation temperature rises toward the center produces a characteristic line pro- 
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file in which the blue wing is stronger than the red w ing. Observations of samples 
of st arless cores (iLee. Mvers. fc Tafallal. [l999l. l200lh Class sources ( Gr eger sen 



et al.. ll997l ). and Class I sources ( Gregersen et all bood ) show a "blue excess" 
[(blue asymmetries - red asymmetries)/(number of sources)] of about 0.25 — 0.35, 
indicat ing that many of these sources are undergoing collapse f Mvers. Evans, &: 
Ohashi, l20oJ~ Unfortunately, it has proved difficult to carry out unambiguous 
observational tests of the theoretical models for protostellar accretion. Furuva. 
Kitamura, & Shinnaga mapped the infall in a young Class source and 

found reasonably good agreement with the LPH solution ((p[^ ~ 20 in eq. H3|) : 
this source appears to be very young, since for r > 100 AU there is no evidence for 
the p PC r~^/^ density prof ile ex pected for accretion onto a pr otostar of significant 



K r I uensity prom e ex pected tor accretion onto a pr otostar oi signmcant 
Tafalla et all (|l99a ) and iLee. Mvers h Tafallal (|200lh found that infall is 



mass. 

more extended than expected in inside-out collapse models, although this infall 
may reflect the formation of small clusters rather than individual stars. They 
also found that the infall velocity is faster than expected in standard ambipo- 
lar diffusion models; however, t he velocities are cons istent with the collapse of 
magnetically supercritical cores (ICiolek &: Basu . 2000l ) . A potentially important 
result is that lOhashi et al.l ( 19971 ) found that cores in Taurus are in solid body 
rotation on scales > 0.03 pc but conserve angular momentum on smaller scales. 
The physical significance of this length scale could be inferred by determining its 
value in other molecular clouds. 



Brown Dwarfs Since brown dwarfs represent the low-mass extreme of star 
formation, they can shed light on the earliest stages of star formation. As a 
result of a great deal of observational work over the past decade, it has been 
established tha, t most brown dwarfs form by the same mechanism as most stars 



(jLuhman et al.l . 120071 : IWhitworth et al.l . 120071 ) : the initial mass function, velocity 



and spatial distributions at birth, multiplicity, accretion rates, circumstellar disks, 
and outflows are all continuous extensions of those for hydrogen-burning stars. 
This is to be expected, since stars near the H-burning limit at 0.075 reach 
their final mass long before hydrogen burning commences. Following Whitworth 
et al. (|2007l ^ and lChabrier et al.1 (|2007l ^." we shall assume that brown dwarfs form 
by gravitational instability on a dynamical timescale, and that their composition 
reflects that of the ambient interstellar medium. By contrast, planets are believed 
to form in circumstellar disks and to have an elemental composition with an 
excess of heavy elements. With these definitions, the observational distinction 
between giant planets with masses > Mj and small brown dwarfs is somewhat 
i ndistinct, but should eventually be amenable to spectroscopic determination 
( Chabrier et al.l . 2007). The lower limit to the mass of a brown dwarf is set 
by the condition that the star b ecome opaque to the radiation it emits while 
undergoing gravitational collapse ( Low &: Lvnden-Bell 197^ : including helium, 
this is about 4 x lO^^M© ~ 4Mj (jWhitworth et al.l . I2007|L The smallest brown 



(0.01 - 0.02W© (jLuhman et al.1 . l2007l ;i. 



dwarfs detected to date have masses 

In order for a brown dwarf to form, its r nass must exceed the Bq i inor-E bert 
mass, even if it forms via shock compression (jElmegreen h Elmegree 3,ll978); the 
pressure at the surface of the core that forms the brown dwarf must therefore 
be P/ZcB > 10^(r/10 K)^(10-2 Me/mBo)^ K cm'^ at the surface of the brown 
dwarf. Ass uniing that brown dwarfs form bv turbulent fragmentation. Padoan 
& NordlundlioO^) show that such pressures can be reached in a large enough 
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fraction of the mass of the cluster IC348 to account for the brown dwarfs observed 
there. This model is based on the asumption that the gas is isothermal and that 
as a result the density PDF is a log-normal (eq. [5|). The remaining mystery is, 
why is the IMF of brown dwarfs relatively constant (at least to within a factor 
2) when their numbers are exponentially sensitive to the mean of the log-normal, 
which depends on the Mach number at the largest scale in the cloud? This 
mystery is part of the larger mystery as to why the IMF appears to be universal, 
but in the brown dwarf regime the exponential sensitivity to ambient conditions 
potentially offers an opportunity to determine how ambient conditions affect the 
IMF. 



Whitworth et al. (|2007l ) review a number of other mechanisms for brown dwarf 
formation that could contribute in some cases: (1) Hierarchical fragmentation — 
Protostellar cores can fragment as they collapse, and indeed this process is be- 
lieved to lead to the formation of binary and multiple star systems ( ^4.1.3p . 
Simulations are as yet inadequate to evaluate the effectiveness of this process in 
producing brown dwarfs; in p articular, it is iraportant to include proper t reat- 
ment of the radiative transfer ( Boss et aD . I2OO0I : IWhitehouse &: Bam . I2OO6I ). (2) 
Disk fragmentation — Several analyses have shown tha t fragmentation in disks 
around l ow- nia.ss stars is suppressed f or r < 100 AU ( Matzner &: Levin . l2005l : 
Rafikovl . l2005l : IWhitworth et al.l . l2007l l. but again accu rate treatment of radia- 



tive t ransfer is essential for quantifying this further. I Goodwin Sz Whitworth 
(|2007l ) have suggested that brown dwarfs form in disks beyond 100 AU and that 
the resulting binaries are disrupted by pa s sing s tars. (3) Premature ejection of 



protostellar embryos (IReipurth &: Clarkd . I2OOII ) — This is a variant of the hi- 
erarchical fragmentation scenario, in which low-mass protostars that form via 
fragmentation are ejecte d before they can a c crete enough matter to reach the 
hydrogen-burning limit. Reipurth &: Clarkd ( 200ll ) suggested that the ejected 
brown dwarfs would have a higher velocity dispersion, a more extended spatial 
distribution an d smaller disks than their more massive cousins. This has not 
been observed ( Luhman et al. . 200?! ). but SPH simulations suggest that in fact 
these differences between br own dwarfs and hydrogen-burning stars are relatively 
small (iGoodwin et al.l . l200f)h ; more accurate calculations are needed to determine 
the magnitude of the differences. A difficulty with the ejection model is that the 
cluster simulation s that support it produce to o many single stars to be consistent 
with observation ( Goodwin &: Kroupal - lioO^h . Observations of BD-BD binaries 



can provide a strong tes t of models for brown dwarf formation, particularly the 



ejection model (Burgasser et al.l . 120071 ). (4) Photoevaporation — Cores that are 



ion 



close to an O star can undergo a radiation-driven implosion ( Klein. Sandford, 
& Whitaker" ll98d : iBertoldil . Il989h: the subsequen t equil ibrium photoevaporati__ 
produces very high pres sures ("Bertoldi k McKed. Il990h . This process may pro- 
duce brown dwarfs (e.g.. IWhit worth &: Zi nneckeii . |2004| ) . but more work is needed 
to determine if the number of such brown dwarfs is significant. 



Binaries Stars are roughly evenly divided between those that are in multiple 
systems (mainly bina r ies) a. nd those that are single. For stars of mass ~ 1-^©, 
Duquennoy Sz Mayoil ( 1991 ) found that the fraction of stellar systems that are 
multiple — i.e., the ratio of the total number of binaries, triples, etc. divided by 
the total number of systems, in cluding single s tars— is /muit = 0.58. Multiplicity 
declines for smaller masses, and lReid &: Gizid (119971 ) find /mult — 0.3 for stars in 
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the solar neighborhood, which are primarily M stars. Lada ( 20061 ) finds a similar 
result when one averages over the entire IMF: the majority of stellar systems (as 
opposed to the majority of stars) are single. The fraction of singles is smaller 
at birth, however: Higher-order multiples (triples, etc.) are often dynamically 
unstable, and in dense environments collisions among stellar systems can disrupt 
wi de binaries (|KrouDa. Petr. &: McCaug hreanl . ll999l V. Observations summarized 
bv lDuchene et al.l ^20(m show that the multiplicity among T Tauri stars in low- 
density associations such as Taurus-Auriga and Ophiuchus and among Class I 
sources in high-density regions such as L1641 in Orion is about twice as high as 
among field stars. In dense star-forming regions like Orion, however, this excess 
multiplicity is soon erased — for example, the multiplicity in the Orion Nebula 
Cluster (which is older than L1641) is the same as in the field. This introduces 
a complication in comparing the core mass function with the IMF ( ^3.3p : on 
average, cores produce more than one star, and the properties of the resulting 
stellar systems evolve with time. This is not a major complication , howe ver, since 
each core typically produces only 2-3 stars ( Goodwin &: Kroupa . 20051 ). and the 
distributi on of secondary masse s in typical binaries appears to follow the field 



star IMF (|Goodwin et al.l . 120071 ). It should be noted that th e multiplicity of the 



stars is imprinted on their spatial distribution: Larson ( 19951 ) found a clear break 
in the density of companions in Taurus at about 0.04 pc, separating binaries and 
multiple stars from larger scale clusters. 

Binaries raise two important issues in the theory of star formation: What is 
the role of binaries in reducing the angular momentum inherited by protostars? 
What determines how molecular cores fragment? Binaries do not appea r to be 
effective in taking up the angular momentum of the initial core: Fisher ( 20041 ) 
has shown that turbulent molecular cores must lose 99%-99.9% of their initial 
angular momentum in order to qualitatively account for a number of features 
of the binary population with periods > 10^ day. This angular momentum loss 
is gene rallv assumed to be due to magnetic braking f^4.1.1l). but Jappsen & 
Klessen ( 20041 ) suggest that gravitational torques can also contribute. Binaries 
can remove angular momentum on small s cales by ejecting a a compan ion, which 
hardens the remaining binary. However, Goodwin &: Kroupa ( 20051 ) point out 
two limitations on this process: (1) it tends to create equal mass binaries, which 
are not common for typical stars, and (2) it would create a population of single 
stars significantly larger than observed. 

There is an extensive literature on the fragmentat ion of protostellar co r es int o 
binary and mu l tiple proto stars that is reviewed by Bodenheimer et al. ( 2000l ). 
Duchene et al. ( 20071 ) and Goodwin et al. (2007). Simulations of fragmentation 
are very challenging because of the enormous range of scales involved, and it 
does not appear that any of the simulations carried out to date have enough 
resolution and enough physics (i. e., including MHD and radiative transfer) to 



adequately address the problem (jKlein et al.l . 120071 ). In particular, a number 



of simulations produce 5-10 fragments per core, whereas observati ons show that 
most cores produce only 2-3 fragments ( Goodwin &: Kroupal . 2005 ). 



4.2 Disks and Winds 

4.2.1 OBSERVATIONS OF DISKS Because protostellar cores are rotat- 
ing, collapse with conservation of angular momentum results in the formation of 
a centrifugally-supported disk ( ^4.1.ip . Observed sizes and rotation parameters 
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for low-mass dense cores predict disk sizes ^ 1000 AU, consistent with high- 
resolution submillimeter continuum obse rvations that indicate averag e (dust) disk 



sizes around T Tauri stars of ~ 200 AU (Andrews Sz Williams. 



0) ; similar re- 

1) . The disks 



suits are obtained using mm interferometry (jKitamura et al. 
around T Tauri disks extend in ward to ^ 0.04 AU based on modeling of observed 
CO vibrational emission lines (iNajita et alJ . l2006h : these inner radii are smaller 
than the inner disk radii inferred for dust disks, presumably because the dust 
sublimates. The initial sizes of circumstellar disks are more difficult to deter- 
mine, because protostellar systems in the earliest stages (prior to the T Tauri 
stage) are still enshrouded in dusty envelopes that emit at similar wavelengths 
to the disk; in a few cases where the inner envelope emission can be spatially 
separated out, disk sizes appear similar (e.g. J0rgensen et al. 20051 ). 

Masses of protostellar disks are estimated using the continuum flux in millime- 
ter and submillimeter wavelengths. The first disk mass estimates for T Tauri 
stars were obtained from observations of the total flux at a single millimeter 
w avelength under the assumption of opticallv thin emission fe.g.. Beckwith et 



al. Il99d ). but subject to an uncertainty in the overall normalization due to the 



uncertainty in the dust opacity coefficient (since MfH^k oc Fy / {y"^ k^)) . Multiwave- 
length (sub-mm to cm) observations suggest that the dust opacity law Hy oc 
has a distinctly shallower slope /3 than holds for dust in th e diffuse ISM, presum- 
ably due to grain growth (e.g.. iBeckwith k. Sargentlll99ll: Beckwith. Henning, & 
Nakagawa |2000| ) . Interpretation of the multiwavelength flux data as implying a 
change in (5 is complicated by the fact that some of the short-wavelength emission 
can be optically thick (which would yield Fy cx v"^ independent of (3 for a disk 
that is optically thick at all u ). However, spatially resolved observations can be 
combined with modeling to correct for optically-t hick contributions varying with 



V and R . with the resulting median /3 5. 1 fe.g. iNatta et al.l 120071: Andrews &: 



Williams l2007l : iLommen et al.l l2007l'l . suggest i ng that the largest "g rains" are in 
fact cm-size pebbles fe.g. IWilner et al]l200,4 [Podmann et al1l200f)l ^. Total disk 
masses for T Tauri systems are estimated to be in the range ~ 10-3-10"^ M0, 
with a median near 0.005 Vlr^ from submillimeter observations fe.g. Andrews & 
Williamsliooir 

but these may severely underestimate the true masses if a large 
fraction of t he grains have grown to mm or cm sizes and thus emit only weakly in 
the submm ( Hartmann et al. . 20061 : Natta et al. . 2007 ). Determining the distri- 
bution of mass within disks is difficult because submm emission is likely optically 
thick in the inner regions, while at lon ger wavelengths there is ins ufficient reso- 
lution to probe the inner-disk regions ([Andrews &: Williamd . [2007h . Finally, we 
note that disk mass determinations assume a cosmic ratio of gas to dust; at late 
evolutionary stages, photoevaporation may preferentially remove gas and planet 
formation may preferentially remove dust. 

The thermal structure of protostellar disks is likely quite complex. Disks can 
be heated both externally via irradiation from the central star, and internally 
from dissipation and thermalization of orbital k inetic energy as the gas accretes 
(ICalvet et all . Il99ll : IChiang Goldreichl . Il997l ^ . As a consequence, the vertical 
temperature distribution depends on details of the syste m and can have a local 
minimum at intermediate altitude ( D'Alessio et al.l . 19981 ). The vertical tempera- 
ture distribution together with its dependence on radius must be self-consistently 
calculated, since the flaring of the disk surface affects the amount of radiation 
in tercepted from the central star fsee discussion and references in Dullemond et 
al.. l2007l ^. In addition, gas and dust temperatures may differ in the upper at- 
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mospheres where t he densities are low and steUar X rays strongly heat the gas 
( Najita et al. . 20061 ) . Quite sophisticated radial- vertical radiative models (includ- 
ing grain growth and settling) have been developed that agree well with observed 
spectral enerev distributions from um to mm wavelengths (see e.g. Dullemond 
& Dominik, ,2004. D'Alessio et ah . 200Q and references therein) . The IR emission 
signatures, including PAH features at 3 — 13 ;U and edge-on silhouette images, as 
well as scattered-light /polarization observations in optical and near-IR, indicate 
that although some grains have grown to large sizes , small grains still remain in 



disk atmospheres (see references and discussion in iDullemond et al.l . 120071 and 



Natta et al.1 . l2007l l 



Disk lifetimes are inferred based on stellar ages combined with IR and mm/sub- 
mm emission signatures, which are sensitive to warm dust. Multiwavelength 
Spitzer observations of the nearby star- forming cluster IC 348 ( Lada et"al] . l2006l ) 
show that for ~ 70% of stars, disks have become optically-thin in the IR (implying 
inner disks R ^ 20AU have been removed) within the 2-3 Myr age of the system; 
disk fractions are slightly higher (~ 50%) for Solar-type stars than in those of 
higher or lower mass. Obse r vation s of other clusters are consistent with these 
results ( Sicilia-Aguilar et al.l . 2006al). L-band observations of disk frequencies in 
clusters spanning a range of ages Paisch. Lada. fc Ladal . l200l[ ) suggests that 
overall disk lifetimes are ~ 6 Myr. Even in the lOMyr old cluster NCG 7160, 
howe ver, a few percent of stars still show IR signatures of disks f Sicilia-Aguilar 



et al.. 



2006j r sk lifetim es appear to be inversely correlated with the mass 

of the star ( Hernandez et al.1 . [2007 ). Signatures (or their absence) of dusty disk 



emission are also well correlated with evidence (or lack) of accretion in gaseous 
emission line profiles (see below) in sy stems at range of ages, in dicating that gas 
and dust disks hav e similar lifetimes ( Javawardhana et al.l. 2006.: Sicilia-Aguilar 
et al., L2006b). An drews Sz Williamsl ( 20051 ) found, for a large sample of YSOs 



in Taurus- Auriga, that in general those systems with near-IR signatures of inner 
disks also have sub-mm signatures of outer disks, and vice versa; they conclude 
that inner and outer disk lifetimes agree within 10^ yr. 

Accretion in YSO svst eins is studied using a varietv of diagnostics (see e.g. Cal- 
vet, Hartmann, & Strom ^2000l )). including continuum "veiling" of photospheric 
absorption lines and optical emission lines, which are respectively believed to arise 
from hot (shocked) gas on the stell ar surface and from ga s that is falling onto 
the star along magnetic flux tubes. Gullbring et al. ( 19981 ) measured a median 
accreti on rate for m illion- vear- old T Tauri stars of ~ 10"^ M.:^ vr~^. and White 
& Ghez (I2OOII) found similar accretion rates f or the primaries in T Tauri binary 
sv stems. A recent conipilation of observations (White &: Basri . 20031: Muzerolle et 
al.. I2OO3I : ICalvet et al. . l2004l ) shows an approximate dependence of the accretion 
rate on stellar mass Ma\„v oc m^. although with considerable scatter f Muzerolle 



et al., 2OO5I ). This scaling of the accretion rate with stellar mass is potentially 
expl ained bv Bondi-Hovle accretion from the ambient molecular cloud f Padoan 



et al.. l2005h However, such a model accounts only for the infall rate onto the 
star-disk system, not the disk accretion rate; these need not agree. In addition, 
it does not account for the a ccretion seen in T Tauri stars outside molecular 
clouds ( Hartmann et al. . 20061 ) . During their embedded stages (a few xlO^ yr), 
low-mass stars have typical disk ac cretion rates similar to or slightly larger than 
those of TTSs (jWhite et al.l . 120071 ) . As discussed in ^4.1.31 the infall rates from 
protostellar envelopes typically exceed disk accretion rates by a factor 10-100, so 
it is possible that mass is stored in the disk and released intermittently, in brief 
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but prodigious accretion eve nts similar to FU Ori outbursts (jKenvon et al 
Hartmann &: Kenvon . 19961 ). 



1990l : 



For high-mass protostars, ob s ervati ons suggest that there are at least two 



classes of disks (ICesaroni et all 120071 ) . In moderate- luminosity sources corre- 
sponding to B stars (L < few xlO^ Lq), the disks appear to be Keplerian, 
with masses significantly less than the stellar mass and time scales for mass 
transfer ~ 10^ yr. In luminous sources (L > 10^ -^0), the disks are large 
(4 - 30 X 10^ AU) and massive (60 — 500 Mq). Consistent with the discus- 
sion in ^ ^4.1.11 and I4.1.H the disks are observed to be non-Keplerian on these 
large scales. To distin guish these structures from the disks observed around B 
stars, ICesaroni (|2005h terms them "toroids." The inferred infall rates in these 
disks are of order 2 x 10~^ — 2 x 10~^ Ad g) yr~^, corresponding to mass transfer 
time scales of order 10^ yr (Zhang, 20051 ). In view of their large size and mass, 
they may be circumcluster structures rather than circumstellar ones. Indeed, one 
of the best studied luminous sources, GlO.8- 0.4, is inferred to ha ve an embedded 
cluster of stars with a total mass ~ 300 Mq (|Sollins et al.l . l2005h . Simulations of 
the formation of an individual massive star in a turbulent medium give a disk size 
~ 10^ AU, s ignificantlv smaller than the size of the toroids f Krumholz. Klein, & 
McKee, i2005i ). To date, no disks have been observed in the luminous sources on 
scales < 10^ AU. Most likely, this is because of the observational difficulties in 
observing such disks; it should be borne in mind, however, that there is no direct 
evidence that these sources are in fact protostell ar. Inc l uding disks around both B 
stars and the toroids around luminous sources, IZhangi ( 20051 ) finds that the mass 
infall rate in the disks scales as Mdisk oc "i^'^, although there are substantial 
uncertainties in the data for the luminous sources. 

4.2.2 ACCRETION MECHANISMS The most fundamental theoretical 
question about YSO disks is what makes them accrete; while many mechanisms 
have been investigated, the problem is still open. In large part this is because the 
accretion process depends on a complicated interplay of MHD, radiative transfer, 
chemistry, and even solid state physics. The MHD is itself non-ideal, since the 
medium is partially ionized, and in addition self-gravity is important in many 
circumstances. Self-gravity effects and the level of electrical conductivity are 
very sensitive to thermal and ionization properties, which in turn are determined 
by chemistry and radiative transfer (including X-rays and cosmic rays), and the 
latter are strongly affected by grain properties that evolve in time due to stick- 
ing and fragmentation. Compounding the difficulty imposed by the interactions 
among the physical processes involved is the lack of exact knowledge of initial and 
boundary conditions: how does collapse of the rotating protostellar core shape 
the distribution of mass in the disk, starting from the initial disk-building stage 
and continuing (although at a reduced rate) with later infall? Finally, there is 
the difficulty imposed by the huge dynamic range in space and time; disks them- 
selves span a range of ~ 10^ in radius and 10^ in orbital period, while the small 
aspect ratio H/R <^ 1 (where H is the scale height of the disk) implies a further 
extension in dynamic range is required for numerical models that resolve the disk 
interior. 

Processes proposed to transport angular momentum in YSO disks generally 
fall into one of three categories: purely hydrodynamic mechanis ms, MHD rnecha- 
nisr ns, and self-gravitating mec hanisms (e.g., see the reviews of IStone et ZII2OO0I 
and Gammie &: Johnson 20051 ). Within the last decade, it has become possi- 
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ble to investigate mechanisms in each class using high-resolution time-dependent 
numerical simulations in two and three dimensions, in which the stresses that 
produce transport are explicitly obtained as spatial correlations of component 
velocities, magnetic fields, and the density and pressure for a self-consistent flow. 
Prior to the computational revolution that made these investigations possible, 
and continuing into the present for modeling in which large radial domains and 
long-term evolution is required, many studies have made use of the so-called "al- 
pha prescr iption" for a ngular momentum tran sport. In this approach f Shakura 
& Sunyaev, 19731 : Lvnd en-Bcll & Pringlc, 1974; Pringld . 1981 ). a stress tensor is 



defined that yields an effective viscous torque between adjacent rings in a dif- 
ferentially rotating disk. On dimensional grounds, and using the fact that the 
shear stress should be zero for solid-body rotation, this stress can be written as 
Tr^ = —aPdln^l/dlnR; i.e. the effective kinematic viscosity is taken to obey 
= Q0"^jj/$7 = aa^iiH. This effective viscosity Ansatz makes it possible to study 
disk evolution with a purely hydrodynamic, one-dimensional model. While the 
"a- model" approach has been essential to progress on modeling disk observables, 
it is limited in its ability to capture realistic dynamics since the coefficient is ar- 
bitrary (and usually taken as spatially constant) and the adopted functional form 
for Tji^fp, while dimensionally correct, may not reproduce th e true behavio r of non- 
linear, time-de pendent, three-dimensional flows (e.g.. see lOgilvid l2003l: Pessah. 
Chan, &: Psaltis 2006f ). For a Keplerian disk, —dlnn/dln R = 3/2 and in steady 



state the mass accretion rate is M^isk = SvrSz^ = 3iTT,aa^^/Cl; i.e. the ratio of ra- 
dial inflow speed to orbital speed is {vr/v^) = (3/2 )a((7t,h /^'^a)^ = (S/2)a( H/ R)^ . 



Observed accretion rates of TTSs require a ~ 10"^ (|Hartmannet al.l . ll998l ). bmce 
the effective viscosity is equal to a characteristic length scale for angular momen- 
tum transport times a characteristic transport speed, the empirically-determined 
viscosity corresponds to a few percent of the value that would obtain if transport 
occurred at sonic speeds over distances comparable to the scale height of the disk. 

Using the infall rate scaling of equation (j43p . the ratio of the disk accretion 
rate to the infall rate is 

rriin (pin \ rn^ / V / \1 core / 

where we have assumed that the gravitational potential is dominated by the star. 
The outer-disk temperature is not much larger than the temperature in the core, 
and R/H ~ 10 for the outer disk, so the disk accretion rate is much lower than 
the infall rate unless Mdisk/^T^* or a/(^in exceeds ~ 0.1. This is not the case 
for TTSs, but during the embedded stages the disk masses may be larger, and 
(possibly as a consequence of larger Mdigk and self-gravity; see below) the values 
of a may be larger as well. 

Hydrodynamic Mechanisms The simplest transport mechanisms would be 
purely hydrodynamic. Turbulence generated either through convection (due to 
vertical or radial entropy gradients), through shear-driven hydrodynamic insta- 
bilities, or through external agents (such as time-dependent, clumpy infall) could 
in principle develop velocity field correlati ons (p6vr6v^) of the cor rect sign (> 0) 
to transport angular momentum outward. iRyu &: Goodmanl ( 19921 ) showed, how- 



ever, that convectiv e modes tend to tra.nspo rt angular momentum inward, rather 
than outward, and Stone &: Balbus ( 19961 ) confirmed from three dimensional 
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numerical simulations with turbulence driven by convection that angular mo- 
mentum transport is inward. Convection driven by radial entropy gradients also 
transport s angular momentuin inward, and is generally stabilized by differential 
rotation ( Johnson &: Gammiel . [2nnfil ;i. 

Several analytic studies have shown that purely hydrodynamic disturbances 
in Kepleria n-shear disks are able to experience large transient growth (Chagel- 



ishvili et al., '2003: Klahi 



12004 



Johnson &: Gammie 



^.^^^.^^^ , Umurhan fc Regevl . l20oi 

2005al : Afshordi. Mukhopadhyay. &: Narayanl . 20051 ). especially for the case of two- 
dimensional (i.e. z-independent) columnar structures. Conceivably, transient 
growth of sheared waves could lead to self-sustained turbulence with outward 
transport of angular momentum, if new leading wavelets could be continually 
reseeded in the flow via nonlinear interactions (|Lithwickl . l2007h . While tran- 
sient growth is indeed seen in two-dimensional {R — (j)) numerical simulations, 
it is subject to secon dary Kelvin-Helmholtz instabil ity that limits the growth 
when \kji6V(j,\/Q ^ 1 ( Shen. Stone. &: Gardinej . 20061 ). The turbulence that re- 
sults also appears to decay without creating leading wavelets to complete the 
feedback loop, but this may be due to limited numerical resolution. Other 
numerical evidence, together with analytic arguments, suggest that nonlinear 
shear-driven hydrodynamic instabilities are unable to maintain turbulence for 
Rayleigh-stable rotational profiles (in which a ngular momentum increases out 



ward, i.e. kVO^ = 2dln(nR'^) / din R > 0) (|Balbus. Hawlev. Stoi^ . Il996l : 



Hawlev. Balbus. k Wint"CTsl . Il999l l. Since simulations using the same numerical 
methods show that analogous Cartesian shear flows do exhibit nonlinear instabil- 
ity, rotating systems are presumably stabilized by Coriolis forces and the epicyclic 
motion that results. One potential concern is that the effective Reynolds numbers 
of numerical experiments are too low to realize nonlinear shear-dr i ven in stabilities 
and self-sustained turbulence. Very recently, however, |Ji, et al.l (|200()h reported 
from laboratory experiments at Reynolds numbers up to millions that hydrody- 
namic flows with Keplerian-like rotation profiles in fact show extremely low levels 
of angular momentum transport, corresponding to a < 10~^. 

Although it may be difficult to grow perturbations from instabilities in uni- 
form Keplerian disks, it is still possible that disks are born with large internal 
perturbations, and that ongoing infall at all radii can continually resupply them. 
Simulations have shown that two-dimensional disks with non-uniform vorticity 
tend to develop large-sca le, persistent vortices tha t are able to transport angu - 
lar momentum outwards (lUmurhan &: Regevl . 12004 : IJohnson &: Gammiel . [2005bl ^. 
Three-dim ensional simulations, however, show that vortex columns te nd to be 
destroyed ( Barranco Marcud . boosi : IShen. Stone, Gardinei , 20061 ). While 
off-midplane vortices can be long-lived ( Barranco Sz Marcusl . 2005 ). the angular 
momentum transport in three-dimensiona l simulations is an order o f magn itude 
lower than for the two-dimensional case (IShen. Stone, k Carding . l2006l ). and 
secularly decays. Further investigation of this process is needed, and it is par- 
ticularly important to assess whether vorticity can be injected at a high enough 
rate to maintain the effective levels of a ~ 10~^ needed to explain observed TTS 
accretion. 



MHD Mechanisms The introduction of magnetic fields considerably alters 
the dynamics of circumstellar disks. The realization by Balbus k Hawleyl ( 199 ll ) 
that weakly-or- moderately magnetized, differentially rotating disks are subject 
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to a powerful local instability - now generically referred to as the magnetorota- 
tional instability (MRI) - revolutionized the theory of accreting systems. Early 
axisymmetric numerical simul ations showed robust gr owth and development of 
the so-called channel solution ( Hawley Balbui . 1991 ). while three-dimensional 
numeric al simimulations showed emergence of quasi-steady state s a turat ed tur- 
bulence ( Hawley. Gammie. &: Balbusl. 1995 : Matsumoto &: Taiima . 19951: Bran- 



denburg et al.. Il995l ) in which the angular momentum transport is outward, and 
is dominated by the magnetic stresses, (— i?Ri?<^/(47r)). Much effort has been 
devoted to exploring the MRI as a b asic n iecha nism driving accretion in a variety 
of systems; iBalbus fc HawlevI (|l998l ) and iBalbusl (I200J) summarize many of the 
these developments. The effective value of a depends on the mean vertical mag- 
netic flu x, which presumably evolves over long timescales, and can easily excee d 
0.1 fe.g.. lHawlev. Gammie. Balbusl [l996l : IStone et"allll996l : ISano et al.ll20ol l. 

While MRI almost certainly plays an important role in driving accretion in 
YSO systems, it is not a magic bullet. The difficulty is that substanti al portions 
of these disks r nay have ionization too low for MRI to be effect i ve (I Jinl . Il996l : 
Gammid . Il996l: iGlassgold. Naiita. fc Igeal. Il997l: lO'Alessio et al.1. Il998l: Igea & 



Glassgold,l_1999|), creating a "dead zone". A critical r eview of the requirenients fo r 
MRI to develop in partially- ionized disks is given in lGammie &: Johnson (|2005l l: 
Ohmic diffusion appears to be the main limiting effect, with the saturated-state 



value of a dropping when v'j^ ^/r]Q ^ 1 , where r] is the resistivity ( Sano &: Stond . 



2OO2I : [Turner. Sano. &: Dziourkevitchl . 120071 ) In the very innermost parts of 



YSO disks (i? ;S 0.1 AU), alkali metals are collisionally ionized where the stellar 
irradiation maintains the temperature above ~ 2000K, so MRI can operate. In 
the outer disk (beyond several AU), and in the mid-disk's surface layers, column 
densities are low enough (S < ~ 100 g cm~^) that X rays or cosmic rays 
can penetrate the disk to ionize it. (For comparison, the surface density in the 
minimum S olar nebula is S = 1700f-R/AU')~^-^ g cm~^ - Havashi. Nakazawa, 
&: Nakagawa, Unfortunately, the extent of the MRI-active region in the 



outer disk is very sensitive to the presence and size distribution of dust particles; 
if small grains are present and well- mixed, the active region is quite limited, 
while it can become ver y large if all t he dust is incorporated in large particles or 
settles to th e midolane (jSa no et a l I. I2OOOI : iFromang. Terquem. &: Balbusl . l2002l : 



Deschl . I2OO4I : ISalmeron fc War die . 120051 ). Even if ionizing radiation is limited 
to the surface layers by high total disk columns, if small grains are absent (an 
extreme assumption) the gas-phase recombination rate is low enough such that 
turbulence wi th rapid vertical mixing can ma, i ntain non-negligible ionization in 
the interior. Turner. Sano. fc Dziourkevitchl (|2007h have shown, using direct 
numerical simulations, that the dead zone can be effectively eliminated in this 
(optimistic) scenario; while the very center of the disk at 1 AU is not unstable to 
MRI, the interior is still conductive enough that magnetic fields generated nearer 
the surface can induce accretion in the midplane. 

One of the possible consequences of spatially-varying conductivity in disks is 
that the accretion rate will, in general, vary with radius. If only a surface layer 
is "active" , in the sense of being sufficiently conductive to support MRI with 
effective viscosity coefficient a^, then the accretion rate in that layer will be 
Ma = 37rSaaa(T^j^/r2. Since varies slowly with radius (for the case of external 
ionization) while the combination tends to decrease inward, dropout from 

the accretion flow can accumulate within the "dead zone" that is sandwiched 
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between active layers (Gammie, 19961 ). If the "dead zone" remains completely 
inactive, then matter will build up until it becomes dynamically unstable and 
begins to transport angular momentum by gravitat ional stresses ( see below), 
potentially leading t o transient bursts of accretion (Gammij. 199(3: Armitage. 
Livio, & Pringle, 200 ll). 

Finally, we note that MHD winds (see §4.2.5p may remove angular momentum 
from disks, driving the matter remaining in the disk to accrete in order to main- 
tain centrifugal balance. The angular momentum deficit is tranferred to the disk 
by magnetic stresses, so that only the matter that is well-coupled to magnetic 
fields will be affected. Thus, the above considerations regarding ionization also 
apply to wind-driven accretion. 



Self-Gravitational Mechanisms Accretion disks that have sufficiently small 
values of the Toomre parameter Q = K(Tth/(vrG5]) ~ (iJ/i?)(m*/Mdisk) are sub- 
ject to nonlinear growth of density perturbations via the swing amplifier (see 
§ §2.21 13^2711) . Then, in addition to hydrodynamic Reynolds stresses {pvnv^j)) and 
MHD Maxwell stresses —{BiiB^/{A-k)), gravitational "Newton stresses" {gRgcf,/ 
(47rG)) (w here g = — V$) also contribute to the radial transport of angular mo- 
mentum. I Gammie ( 200ll ) showed that if the disk is in equilibrium such that 
cooling removes the energy dissipated by mass accretion at a rate per unit area 
Scr^jj/[(7 — l)tcooi], then = (9/4)7(7 — l)r2tcooh where 7 is the effective 
(two-dimensional) adiabatic index (which takes into account vertical degrees of 
freedom, and depends on the three-dimensional index and degree of self-gravity). 
Numerical simulations with simple cooling prescriptions (constant ^m ni^) show 
that the disk can settle into a self-regulated state with Q iiear unity ( Gammij . 



2OOII : iLodato fc Eicj . l2004l : iRice. Lodato. fc Armitag^ . 1200.4 iMeifa et al.l . 1200.4 . 
provided that tcooi^ is not too small (in which case the disk fragm ents). For 
disks that are not externally illuminated. Ijohnson &: Gammij ( 20031 ) performed 
two-dimensional simulations with realistic opacities (and a "one-zone" vertical 
radiative transfer approximation for cooling), and found that the transition be- 
tween fragmentation and non-fragmentation lies in the range tcooi^ = 1 — 10. The 
corresponding S at the transition point increases with Q, such that outer disks are 
the most active regions gravitationally. Values of a up to 0.5 are possible, with 
the equilibrium condition prediction satisfied down to tcooi^^ ^ 3 and a « 0.1. 
Usin g a three-dimensional model of an 0.07 M.f7^ disk with realistic cooling. Bolev 
et al. (I2OO6I) find a value of a ~ 0.01 over a large rang e of radii > 20 AU. 



In view of the limitations on g. lCesaroni et al.l (|2007l ) argue that accretion rates 



are limited to values substantially smalle r than inferred for th e formati on of high- 
mass stars ( ^4.3.ip . On the other hand, Krumholz. Klein. Sz McKej ( 2007 ) find 
that disks around high-mass protostars can transfer mass inward at the same 
rate that it falls in. They carried out simulations of high-mass star formation 
in a turbulent medium and included radiative transfer rather than prescribing 
the heating and cooling rates. They found that large amplitude m = 1 modes 
develop that give effective values of a of order unity, in qualitati ve agreement 
with the isothermal disk results of lLaughlin &: Bodenheimer (|l994h . 

Disks that are illuminated sufficiently strongly will have the temperature set 
by the external radiation field, rather than internal dissipation of energy. In that 
case, whether self-gravity is important or not depends essentially on the amount 
of matter present in a given region. Where the surface density is high enough so 
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that Q is near but not below the critical value ~ 1.4, self-gravitational stresses 
will be appreciable but not so large as to cause fragmentation. Analytic estimates 
assu ming steady state and accretion heating as well as irradiation f Matzner & 
Levin. 1200,4 lEafikovl . l2n'n5F indicate that fragmentation is only possible in the 
outer portions of disks, although m ore massive disks, around m ore massive stars, 
are more subject to fragmentation ( Kratter Matzner . 20061 ). At temperatures 
comparable to those in observed systems, disks with masses ^0.1 Mq are candi- 
dates foi;Jiaviiig_sigiiifi^ 

et al. . 12004 ). Thus, self-gravity is likelv to be particularly important during the 
emb ed ded stag:e of disk evolution, when disk masses are the largest. Vorobvov 



& Bas u bod, bod) propose, based on results of two-dimensional simulations, 
that recurrent "bursts" of accretion due to self-gravity are likely to develop dur- 
ing the early stages of protostellar evolution. A number of other results from 
models of self-gravitating disk evolution (with an emphasis on crit eria for planet 



forma tion through fragmentation) are presented in the review of iDurisen et al 

(HqotI). 

4.2.3 DISK CLEARING While a large proportion of the mass in the disk 
ultimately accretes onto the star, conservation of angular momentum requires 
that some of the matter be left behind. MHD winds during the main lifetime 
of the disk remove some of this material (see §4.2.5|) . What remains is either 
incorporated into planets, or removed by photoevaporation. Although planet 
formation is inextricably coupled to disk evolution, recent developments in this 
exciting - and rapidly expanding - field are too extensive to summarize here. A 
number of excellent recent reviews appear in Protostars and Planets V. 

Disks can be irradiated by UV and X ray photons originating either in their 
own central stars, or in other nearbv. luminous stars (see e.g. reviews of Hol- 
lenbach, Yorke, & Johnstone 2000 and Dullemond .et al, 20Q7). EUV radiation 
penetrates only the surface layer of the disk, where it heats the gas to ~ 10'^ K 
(the ionization and heating depth is determined by the Stromgren condition); 
FUV penetrates deep er into the disk (where densities are higher), but heats gas 



to on ly a few 100 K ( Hollenbach et al. . 1994 : Johnstone. Hollenbach. &: Ballvl . 



19981 ) . The characteristic radial scale in the disk for a thermally-driven wind is the 
gravitational radius Vg = Gm^:fi/{kT), where T is the temperature at the base of 
the flow. Pressure grad ients enable flows to ernerge down to (0.1 — 0.2)rp f Begel- 
man, McKee, & Shields. Il983l : iFont et al.l . l2004l : lAdams et al.l . l2004l ^. EUV-driven 
winds are most important in the inner disk, since the gravitational potential there 

is too deep for FUV-heated regions at r nodest temperatures to e scape. 

Ob servations discussed above (see also lSimon fc PratollT995l and lWolk fc Waited 
19961 ) indicate that the inner and outer disks surrounding YSOs disperse nearly 
simultaneously and on a very short (~ 10^ yr) timescale, based on the small 
number of transition objects between classical and weak T Tauri systems and the 
typical CTT lifetimes of a few to several Myr. Since the accretion time of the outer 
disk itself determines the system lifetime, rapid removal of the outer disk must be 
accomplished by other means; photoevaporation is the most natural candidate. 
Models of photoevaporation that also include viscous disk evolution (which allow 
spreading both inward and outward) have very recently shown that rapid and 
near-simul taneous removal of the whole disk indeed occurs fClarke, Gendrin, & 
Sotomayor, 200ll : Alexander. Clarke. &: Pringlel . 2006a . b). In this process, the 
accretion rate declines slowly over time until the photoevaporative mass loss rate 
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at some location in the inner disk exceeds the rate at which mass is supplied 
from larger radii. The inner disk, which is no longer resupplied from outside, 
then drains rapidly into the star. At the same time, the radiative flux onto the 
outer disk grows as it is no longer attenuated by the inner disk's atmosphere; the 
photoevaporation rate in the outer disk climbs dramatically, and it is removed as 
well. 

4.2.4 OBSERVATIONS OF YSO JETS AND OUTFLOWS Young 
stellar systems drive very powerful winds. The clearest observable manifestations 
of YSO winds are the central "Herbig-Haro" jets consisting of knots of ionized gas 
(f ^ 100 km s^^), and the larger-scale bipolar outflows consisting of expanding 
lobes of molecular gas {v ~ 10km s~^). "Jet-like" outflows (i.e. high-u, narrow 
molecular structures) are also observed in some circumstances (see below). The 
high velocities of jets indicate that they represent (a part of) the primary wind 
from the inner part of the star-disk system, while the low velocities and large 
masses of (broad) molecular outflows indicate that they are made of gas from the 
star's environment that has been accelerated by an interaction with the wind. 
In addition to these observed signatures, there may be significant gas in a large- 
scale primary wind surrounding the jet, which remains undectected due to lower 
excitation conditions (low density, temperature, and/or ionization fraction). 

Outflows are ubiquitous in high-mass st ar formation as well as in low-mass star 
formation ( Shepherd &: Churchwell 19961 ). Outflows from hig h-mass protost ellar 
objects wit h L < 10^ (corre sponding to m* < 25 Mq — Arnett . 19961 ) are 
cohimated (iBeuther et al.l. [2002bh . but somewhat less so than those in low-mass 
protostars (IWu et al.l . l2004i r In some cases, jets are observed with the outflows, 
and in these cases the momentum of the jet is generally large enough to drive the 
observed outflow ( Shepherd . 20051 ) . No well-collimated flow has been observed in 
a source with L > 10^ L©; as remarked above, disks that are clearly c i rcum stellar 
have not been observed in such sources either. iBeuther fc Shepherd! (j2005h have 
proposed an evolutionary sequence that is consistent with much of these data: A 
protostar that eventually will become an O star first passes through the HMPO 
stage with no H II region and with a well-collimated jet. When the star becomes 
sufficiently massive and close to the main sequence that it produces an H II region, 
the outflow becomes less collimated. The collimation systematically decreases 
as the star grows in mass and the H II region evolves from hypercompact to 
ultracompact (see ^4.3.4p . The remainder of this section focuses on winds and 
outflows from low-mass stars, which have been observed in much greater detail 
than their high-mass counterparts. 

Recent reviews focus in g on the observati o nal p ropert ies of jets ir iclude those 
of lEisloffel et al.l (|2000l ^. iReiourth Ballvl (|200lh . and iRav et all (|2007f ). Jets 
are most commonly observed at high resolution in optical forbidden lines of O, 
S, and N, as well as Ha, but recent observations have also included work in the 
near-IR and near-UV. For CTTs, which are YSOs that are themselves optically 
revealed, observed optical jets are strongly collimated (aspect ratio at least 10:1, 
and sometimes 100:1), and in sever al cases extend up to distari ces more than a 
parsec from the central source (Ball v. Reipurth. fc Dav"i3 . l2007h . The jets con- 
tain both individual bright knots with bow-shock morphology, and more diffuse 
emission between these knots. 

The emission diagnostics from bright knots are generally consistent with heat- 
ing by shocks of a few tens of km s~^ ( Hartigan. Raymond. Sz Hartmannl . Il987 ; 
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Hartigan. Morse. &: Ravmondl . Il994 ). producing post-shock temperatures ~ 
10^ K. The electron density Ug, ionizat ion fraction Xp = np/ny\, an d temperature 
Tg can be estimated using hne ratios (jBacciotti &: Eisloffell . 



I1999I ). Analyses of 
- (50-3xl03^— -3 



I cm 



spectra from a number of jets yields a range of parai neters 

and Xe = 0.03 - 0.6 so that n = (10^ - 10^) cm'^ (jPodio et al. l. l2006h . The total 
mass loss rate in jets Mjet, and hence the total jet momentum flux, Mjetfjet) can 
be estimated using jet densities and velocities together wit h an emission filliii g 

I2OO6I I. 



factor, yielding M 



jet 



(10- 



10" 



Mgyr-i for CTTs (|Podio et al 



For Class sources, which are much more luminous and have much higher accre- 
tion rates, estimated mass-loss rates in je ts based on O I e missi on (from shocked 
gas) extend up to Mjet ~ 10~^ M0yr~^ ( Ceccarelli et al. . 19971 ). Inferred values 
of -Mjet are generally correlated with estimates of Mm^It from veiling fHartiean 
Edwa rds, & GhandourTi995|) , with the ratio in the range 0.05 — 0.1 teay et al 
20071 ). 



The densities and temperatures obtained from jet diagnostics indicate internal 
pressures P/k-Q = (10^ — 10^) K cm"^ in the jet, exceeding the ambient pressure 
in the surrounding core and GMC by a factor 10^ — 10^. In principle, infalling 
envelope gas could provide a "nozzle" to collimate an emerging wind, but simula- 
tions indica te that only relatively weak winds can be so confined as to produce a 
narrow jet ( Delamarter. Frank. &: Hartmannl . [2OOO). This implies that observed 
jets must be contained within a broader wind, with collimation likely produced 
by magnetic hoop stresses (see below). Emission line analyses in fact indicate 
that a lower-velocity [~ (10 — 50) km s~^] wind component is present near the 
source, surroundi ng the high-velocity flow of a few 100 km s~^ that emerges as 
the large-scale jet ( Hartigan. Edwards. &: Ghandoui , 19951 : Hirth. Mundt. &: SoH , 
19971 : iBacciotti et all . I2OO0I : IPvo et al.l . l2005l ). Since velocities of MHD winds 
scale with the Keplerian rotation speed of the footpoint (see below), the presence 
of both high- and low-velocity components suggests that winds are driven from 
a range of radii in the disk. Recent high-resolution observations have detected 
signa tures of differential rotation in jets, u sing near-UV, optical, and near-IR 
lines (jBacciotti et all . I2OO2I : iRav et al.l . l2007l ) ; these also indicate a range of wind 
launch points. 

Recen t reviews of the ob s ervati o nal properties of rn olecul ar outflows i nclud e 
those of lBachiller fc Tafallal lEicher et all (|200nh . and lArce etlo] (jlool). 

Like jets, classical molecular outflows can extend to distances 0.1 — 1 pc from the 
central star, but they have much lower velocities (up to a few tens of km s~^) 
and collimation (aspect ratio ~ 3 — 10). In a few very young, embedded sources, 
molecular jets with much hig her velocities and aspect ratios have been observ ed in 
H2, CO. and SiO lines re.g..lGueth fc Guilloteai]lll999l: iBeuther et al.ll2002al: Lee 



et al. I2OO7I ). The total momentum flux carried in CO outflows is correlated with 
the bolometric luminosity of the source and is discussed in §3.2.2[ For embedded 
sources with Lhni = 1 — IO^Lq, the momentum flux is 10~^ — 10~^ km s^^ yr~^ 
(IRicher et al.l. l2000l'l: i n optically-revealed sources, this declines considerably (e.g. 
Bontemps et al. 19961 ). 

Detailed spectroscopic and morphological analysis of outflows enable inter- 
comparisons with theoretical models. Mapping of outflows reveals both sim- 
ple expanding shells, and more complex features such as multiple c avities and 



bow shock structures that are suggestive of episodic ejection events (|Lee et al. 



2002f ): outflow lobes become broader and more irregular over time (Arce & Sar 
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gent,l2006|). Channel maps and position-velocity diagrams in some sources show 
parabolic structures that are consistent with driving by wide-angle wi nds, and in 



other sourc es show spur structures that are consistent with jet driving (|Lee et al. 



2nnnl . l2nnih . The strongly curved morphology of internal bow shocks (as seen in 



both molecular and atomic tracers) indicates that the wind must have velocities 
that decrease away from the poles, since a time- variable wind with latitudinally- 
constant velocity produces nearly flat internal shocks ( Lee et aP . l200ll ). This 
implies, in turn, that the wind is driven from a range of radii in the disk, rather 
than arising from only a narrow region. 

4.2.5 DRIVING MHD WINDS AND JETS It was recognized very early 
on that jets and outflo ws con t ain n iore momentum than could possibly be driven 
by radiat ion pressure (iLadal Il985h whereas the high efficiencies and velocities 
found by Blandford &: Pavne ( 19821 ) for MHD winds driven from accretion disks 
in near-Keplerian rotation suggested tha t the same magnetq c entrif ugal mecha- 



nism could drive winds in YSO systems (jPudritz Normanl . Il983h . The main 
requirement for these winds to develop is for the disk to be threaded by magnetic 
fields of sufficien t strength. Th e m a.themati c al the ory of MHD winds and jets is 
presented in e.g. ISpruitj (|l99()h and lPudritzl ^2Q04 ). 

Over the years, two main types of MHD wind models fo r YSO systems have 
been explored. One, the "x-wind" model (see Shu et al.lll994l and referenc es in Shu 



et al. l2nnnl and lShang et al.l 120071 ). focuses on the interaction region between the 
stellar magnetosphere and the inner accretion disk as the source of the wind. In 
this model, a large portion of the stellar dipole fiux is taken to be concentrated 
into a small range of radii near the point where the magnetosphere and disk 
corotate. Since YSOs are rapid rotators, the corotation point is close to the 
star, and the wind that would be launched could have terminal speed of a few 
100 km s~^ , as is observed in jets. The second class of MHD wind models assumes 
that a much larger region of the disk is threaded by open field lines, such that 
there would be a range of terminal wind speeds, reflecting the range of rotation 
speeds at t he magnetic field's footpoints in the disk fsee references in Konigl & 
Pudritz ,200d and lPudritz et al.ll2007h . For disk winds, the poloidal magnetic flux 
could in part be generated locally (e.g. by an MRI dynamo), in part be advected 
inward with the collapse of the prestellar core, and in part originate in the star 
and diffuse outward into the disk. Since one type of wind would not exclude the 
other, it is likely that both x-winds and disk winds are present at some level. This 
might help, for example, explain particular features of jets such as their strong 
central density concentration as well as the apparent decrease in velocity from 
inside to outside. 

The obser ved rotation velo c ities i n jets can be used to infer the launch point 
in the disk ( Anderson et al. . 20031 ). Prom the Bernoulli equation for a cold 
flow along a streamline which rotates with angular velocity Qq, the quantity 
£ = ^|vp + $p — v^^IqR is constant, where = —Gm^/r is the gravitational 
potential and in this section R denotes the cylindrical radius. At Rohsi where 
the wind is observed (sufficiently beyond the Alfven transition), the dominant 
terms in the £ equation are the first and the last terms on the RHS. For the 
cases of interest, V(/,,obs ^^p,obs) where Vp is the poloidal velocity, and \£\^^'^ = 



p,obs 



/{"^v^^ohsRohs)- The specific angular 



(3/2)i/2Qoi?o « 

"WpjObs) so that fig 

momentum j = R{v^ — B^Bp/[^-KpVp\) is also conserved along streamlines. One 
can show that this is equal to U.qR\, where Ra is the Alfven radius of the wind. 
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Since j is dominated by the kinetic term at large distance (where the wind is 
super-fast-magnetosonic) , observations can be used to infer the ratio RA/Rnhi^ ~ 
y^frA nhs/fp nhs- For the low vclocity component of DG Tau, lAnderson et al. 



(j2003l ) find from calculating f^o as above that the wind launch point radii are 
~ 0.3 — 4AU, implying a disk wind. The high velocity component could originate 
as either an x-wind or a disk wind from smaller radii. For DG Tau, the inferred 
ratio Ra/Rq ~ 2 — 3 is also consistent with numerical solutions that have been 



obtained for disk winds (see iPudritz et al.l 120071 for a summary) . This implies 



that the angular momentum carried by the wind, M^ind^^o-RA' which equals the 
angular momentum lost by the disk, Mdisk^o-Ro' '^^'^ drive accretion at a rate 
Mdisk/M„i,d = {Ra/Ro? -4-9. 

The acceleration of MHD winds is provided by a combination of the centrifugal 
"flinging" effect produced by rigid poloidal fields, and gradients in the toroidal 



magnetic pressure in the poloidal direction (e.g. ISpruit ( 19961 )). Beyond the 
Alfven surface, magnetic hoop stresses will tend to bend streamlines toward the 
poles. Full cylindrical streamline collimation, in t he sense of Vp || z asy r nptot i- 



cally, can only occur if B^R is finite for R ^ oo ( Heyvaerts &: Norman . 19891 ) 



Using solutions in which all velocities scale as v,va oc r and the dens i ty and 



magnetic field respectively scale as p oc r' -9 and B oc r-(i+'?)/2, lOstriked (119971 ) 
showed, however, that cylindrically-collimated disk winds are slow, in the sense 
that the asymptotic value of Vp/0,qRq is at most a few tenths. Since observed jets 
are fast, they must either have their streamlines collimated by a slower external 
wind, or else be collimated primarily in density rather than velocity. Time- 
dependent simulations have also shown that the degree of collimation in the flow 
depends on the distribution of magnetic flux in the disk; cases with steeper dis- 
tributions of B with R tend to be less c ollimated in terms of streamline shapes 
(|Fendtl . l2006l : IPudritz. Rogers, Quvedl . 12006 ) . 

The idea that nearly radially-flowing wide-angle MHD winds may produce a 
•i etlike" core, with densitv stratified on cvlinders. was first introduced bv Shu et 



al. (|199,^ in the context of x- wind s. This effect ho l ds mo re generally, however, as 
can be seen both analytically (M atzner &: McKed . 19991 ) and in simulations (see 
below). Asymptotically, the density approaches p \B^\Rk / {QqR'^) where k is 
the (conserved) mass flux-to-magnetic flux ratio (also termed the mass-loading 
parameter). Since nearly radially- flowing winds must be nearly force- free, \B^\R 
varies weakly with R, such that if the range of k/Qo over footpoints is smaller 
than the range of R over which the solution applies (which is generally very 
large), the w ind density will vary as R ~^- The R~^ dependence cannot continue 
to the origin; iMatzner &: McKed (|l999l ) suggested that precession, internal shocks 
due to fluctuating wind velocity, or magnetic instabilities would result in a flat- 
tening of the density close to the axis so that the momentum flux in the wind 
pvw oc [1 + 9q — cos^^)~^, where 6 is the angle of the flow relative to the axis 
and ^0 ^ 1 measures the size of the flattened region. This distribution gives 
approximately equal amounts of momentum in each logarithmic interval of angle 
for 6 > 9q. Several time-dependent numerical MHD simulations have demon- 
strated th is densitv collimation effect for wide-angle winds (Gardiner, Frank , & 
Hartmann l2003l : iKrasnoDolskv. Li. k Blandfordl . l2003l : lAnderson et al.l. l2005l). 

Magnetized wind s are subject to a variety of instabilities (e.g. iKim &: Ostriker 
2000l : lHardedl2004l ). which may contribute to enhancing the confinement of the 
jet, structuring the jet column (yielding wanders, twists, and clumps), and mix- 
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ing with the ambient medium at interfaces. Since jets are hkely surrounded by 
wider winds, they are to some extent protected from the development of Kelvin- 
Helmholtz and hehcal modes that that disrupt jets propagating through ambient 
gas, although development o f axisymmetric p i nch m odes may still contribute to 
the formation of HH knots fiHardee Rosenl - linni ). In addition, lightly-loaded 
poloidal flux within the central core of the wind /jet may help suppress the growth 



of lar ge-scale pinch and kink instabilities (lOstriker Sz Shul . Il995l : lAnderson et al. 

Time-dependent simulations focusing on the portion of the wind flow 



above the disk show that while steady winds are possible in certain ranges of the 
mass-loading parameter for a g iven distribution of magnetic flux, in other range s 
no steady solution is possible (|Ouved &: Pudritd . I1999I : lAnderson et~all . l2005l l. 
Since the spectral diagnostics of HH objects indicate shock speeds of a few tens of 
km s~^, it is plausible that they form due to nonlinear steepening and shocking 
of wind instabilities. 

4.2.6 ORIGINS AND EFFECTS OF OUTFLOWS Overall, the struc- 
ture and kinematics of molecular outflows suggest that they are driven by winds 
that originate from a range of radii in the disk, with a dense central core (seen 
as a jet) surrounded by a lower-density, lower- velocity wide-angle wind. Jet driv- 
ing and wind driving of outflows have traditionally been explored separately, 
although in practice they would operate in tandem. 

Jets drive outflows as bow shocks, with ambient material swept into a thin shell 
and carried away froin the body of the jet as th e shock overtakes and entrains it 
(Raga fc Cabritj . IT993I : iMasson &: Cherninl . Il993l), mixing newly shocked materia l 
with material that is already flowing outward ( Smith. Suttner. &: Yorkel . 199?! ). 
The leading bow shock is itself created due to pressure forces at the circumferen- 
tial boundary of the working surface at the head of the jet, which drive transverse 
flows. Jets with internal shocks can create analogous bow shocks, with the differ- 
ence that internal bow shocks would propagate into the wind that surrounds the 
jet, whereas the leading bow shock would propagate into the ambient medium. 
Leading bow shocks tend to be fairly narrow, because the cooling of shocked gas 
i n the working surface limits the transverse thrust that can be applied to the shell 
( Downes fc Rav . 19991 ). As a consequence, the width of the shell increases only 
as the cube root of t he di stance from the head of the jet (jMasson Cherninl . 
1993 : Qstriker et al.l . I2OOII ). Thus, bow shocks have difficulty explaining broad 
outflows. On the other hand, the "convex spur" velocity feat ures seen in some 
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systems agree well w ith the predictions of bow shock models (|Lee et al. 
Ostriker et aP . l200lh . 

For wide-angle winds, the momentum flux contained in the transverse bulk 
motion of the wind is large compared to the thrust that could be provided by 
pressure forces in the shell of shocked (strongly coolin g) gas, so that a m omentum- 
conserving "snowplow" flow is a good approximation. Shu et al. ( 199 ll ) developed 
the "wind-swept shell" model of outflows based on this coi icept, whi c h was able 
to explain the larg e open ing angles seen in most outflows. Li &: Shu ( 19961 ) and 
Matzner &: McKee ( 19991 ) extended the wind-swept shell analytic model to incor- 
porate the characteristic density stratification and logarithmic collimation 
of streamlines of asymptotic wide-angle MHD winds, also allowing for latitudinal 
density stratification in the surrounding core. The mass-velocity and position- 
velocity relations for these analytic models agree well with those in observed 
outflows. Numerical simulations of outflows swept up by wide-angle winds (Lee 
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et al.. l2001l : lShang et all 120061 ) are in good agreement with the results of analytic 



models. 

Outflows affect both the immediate environment of the forming star (removing 
mass from the core before it can collapse into a disk), the clump in which the 
core forms (also removing mass, and injecting energy), and the larger-scale cloud 
(injecting energy). The effects of energy injection on clumps forming clusters of 
stars, and on GMCs as a whole, are discussed in §4.3.51 and §3.2.21 respectively. 
Mass removal by winds is related to the star formation efficiency, as we next 
discuss. 

The star-formation efficiency e can be defined for individual cores, for star- 
forming clumps, or for GMCs. The correspondence between the Core Mass 
Function and the IMF has been discussed in ^3.3\ they are related by the core 
star-formation efficiency, Ccore = m*/Mcore- (The individual-star IMF must also 
take into account the multipli citv of the stars formed in a given core.) Nakano. 
Hasegawa, &: Norman (1995i ) showed that outflows from protostars could reverse 
the infall an d determine Ccnre; th e y ass umed spherical winds and found ecore ~ a 



few percent. Matzner &: McKee ( 2000l ) calculated the dynamics of the outflows 



including collimation and obtained ecore ~ 0.25 — 0.75, depending on the degree of 
flattening of the core due to magnetic support. Subsequent observations suggest 
ecoro — 1/5 — 1/3 ( ^3.3.ip . at the low end of this range. They also evaluated 
the star-formation efficiency for a star-forming clump, and found typical values 
somewhat less than 0.5. The predicted values of Ccore are inversely proportional 
to the momentum per unit mass in the outflow, p«,/rn.*; they are consistent with 
observation for "Pwjm^ ~ 40 km 'sT^ as assumed, but not xi-p^jm^ is much smaller 
fsee ^3.2.21 for a discussion of the val ues o f p,,, inferred from observa tion). Both 



Nakano. Hasegawa. &: NormanI ( 19951 ) and Matzner &: McKe3 ( 200Q ) found that 



ecore is only weakly dependent on the core mass, so that the CMF and the IMF 
should be similar in shape, as observed ( §3.3p . 

4.3 High-Mass Star Formation 

High-mass protostars are characterized by Kelvin-Helmholtz times less than the 
accretion time, so that they undergo nuclear burning while still accreting ( §4.ip . 
This leads to two powerful feedback effects tha t do not apply to low-ma ss pro- 
tostars, radiation pressure and photoionization ( Larson &: Starrfieldl . Il97ll ). Fur- 



thermore, high-mass protostars tend to form in dense clusters, so that interaction 
with other protostars and new ly formed stars may be important in their evolu- 



tion. Drawing on the review of iBeuther et al.l (|2007l ) we first summarize work on 



infall onto high-mass protostars and then discuss the feedback effects. 
4.3.1 Protostellar Infall High-mass star formation is generally taken 
to be a scaled up version of low-mass star formation: The accretion rate is ~ 
c|^fj/G, where the effective sound speed Ceg includes the effects of thermal gas 
pressure, magnetic pressure, and turbulence (Stabler et al. 1980, although they 
did not address the issue of high- mass star formation) . As discussed in ^4.H there 
may be a numerical factor of a few in front of the Cgg/G. Wolfire & Cassinelli 
(1987) found that accretion rates of order 10~^ Mq yr~^ are needed to overcome 
the effects of radiation pressure for the highest stellar masses, and attributed 
this to the high values of Cgff in high-mass star forming regions. iMvers &: Fuller 



(|l992l ) used their "TNT" model C^TH^ to infer formation times for (10 - 30) Mq 
stars of (6 — 10) x 10^ yr; the turbulent envelopes allow equilibrium cores to have 
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greater densiti es and shorter collapse times than those supported by thermal 
pressure alone. ICaselli &: Mverd (Il995h extended this to more massive stars and 



found formation times > 10^ yr for stars of 100 Mq, a significant fraction of the 
main sequence lifetime. On the other hand , by modeling the spectral energy 
distributions (SEDs) of high-mass protostars, Qsorio. Lizano. Sz D'Alessiol ( 19991 ) 



inferred that high-mass stars form in somewhat less than 10^ yr, and favored a 
logatropic model for the density distribution of the core. iNakano et al. 
inferred an accretion rate of 10~^ Mq yr~^ (corresponding to a formation time of 
a few thousand years) for the source IRc2 in Orion based on the assumption that 
the accretion rate is ~ lOCg^/G, with the effective sound speed Ccs determined 
from the observed line width. 

The turbulent core model for high-mass star formation (jMcKee fc Tanl . I2OO2I . 



2OO3I ) follows from the assumption that such stars form in turbulent, gravitation- 
ally bound cores (virial parameter a^h ~ 1)- The turbulence is self-similar on 
all scales above the Bonnor-Ebert scale, where thermal pressure dominates. The 
star-forming clump and the protostellar cores within it are assumed to be cen- 
trally concentrated so that the pressure and density have a power-law dependence 
on radius, P oc r~^P , p oc r~^''. It follows that the cores are polytropes ( ^2.2p . 
and since the Bonnor-Ebert scale is small, the cores are approximately singular. 
The protostellar infall rate is determined by the surface density of protostellar 
core, which in turn is comparable to that of the cl ump in which it is e mbedded. 



The regions of high-mass star formation studied by Plume et al. ( 19971 ) have sur 



face densities Sd ~ 1 g cm~ , corresponding to visual extinctions Ay ~ 200 mag; 
these values are similar to those for observed star clusters in the Galaxy (e.g., 
~ 0.2 g cm~^ in the Orion Nebula Cluster, 0.8 g cm~'^ for the median globular 
cluster and ~ 4 g cm~^ in the Arches Cluster). By contrast, regions of low-mass 
st ar forination have S ~ 0.03 g cm~^. corresponding to A^/ ^ 7 mag f Onishi et 



al., 19961 ). The radius of a protostellar core is 



Rcore = ^ 0.06 — ^— pc, 51 

cl 

where m^j is the final stellar mass. The second expression is based on the result 
that the surface density of a typical core is comparable to that of the clump in 
which it is embedded; cores near the center of a clump have higher surface densi- 
ties, and the sizes are correspondinglv smaller. Using the results of McLaughlin 
h PudritzHiiJ" for the inside-out collapse of a singular p olytro p e and adopting 



kp = 1 1 a typical density power law from Plume et al. ( 1997I ). McKee Tan 



( 2OO3I ) found that the typical infall rate and the corresponding time to form a 
star of mass m^j are 

/ \ 3/4 /X 0.5 

where Sd is the surface density (in g cm~^) of the several thousand Mq clump 
in which the star is forming. For typical values of Sd ~ 1 g cm~^, the star 
formation time is of order 10^ yr and the infall rate is of order 10~^ Mq yr~^. 
This infall rate is large enough to overcome the effects of radiation pressure at the 
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dust destruction front, thereby addressing one of the key theoretical difficulties 
for models of high- mass star formation (see below). The mean infall rate could 
be somewhat larger than given in equation ([52]) if the core was initially overdense 
or contracting, and turbulence in the core could generate large fluctuations in the 
infall rate. However, the infall rate given above is only a few times greater than 
the free-fall value and is unlikely to be much larger. 

The key assumptions in this model are that stars form from pre-assembled 
cores (although since the cores are turbulent, there will be significant mass ex- 
change with the ambient medium); that the cores and the clumps in which they 
are embedded are in approximate virial equilibrium; and that they are magneti- 
cally supercritical, so that the magnetic field does not significantly limit the rate 
of accretion. Evidence in support o f the first assumption has b een obtained by 
Beuther. Sridharan. fc Saitol f|2005l ) and ISridharan et al. I (|2005h : the remaining 
assumptions are also subject to observational test. The model is necessarily ap- 
proximate, since it treats the turbulence as a local pressure (the microturbulent 
approximation), and since it incorporates all the feedback effects due to radia- 
tion pressure and photoevaporation in the core star formation efficiency, ecore; 
which was assumed to be of order 1/2. Some of the large density fluctuations 
in the supersonically turbulent cores will form low-mass stars, but most of the 
mass of the c ore is assumed to go into one or two massive stars. Dobbs. Bon- 
nell, & Clark (|2005l l have criticized the model on the ground that the massive 
cores would fragment and form many low-mass stars rather than a single massive 
star, but radiative heating by the rap i dly accreting high-mass protostar s t rongl y 
suppresses fragmentation (iKrumhold . 120061 : iKrumholz. Klein, fc McKeel . l2007l ). 
The turbulent core model is consistent with the correspondence between the core 
mass function and the IMF ( §3.3p . and it naturally allows for the disks and winds 
associated with high-mass stars (see §4.2|] since it is an extrapolation of low-mass 
star formation theory. The cores are predicted to be denser than the clump in 
which they are embedded by about (Mdump/Aicore)^''^) which is much greater 
than unity for stellar mass cores embedded in clumps with M > 10^ Mq; this 
naturally overcomes the crowding problem. 

An alternative class of gravitational collapse models involves rapidly acceler- 
ating accretion (m* oc mi with q > 1, so that — > oo in a finite tim e in th e 
absence of other effects). Building on the work of Norberg &: Maederl (j200d ). 
Behrend &: Maedeil ( 2001 ) assumed that the accretion rates are proportional to 



the mass outflow rates observed in protostellar outflows; since the outflows are 
swept-up material, the justiflcation for this assumption is unclear. They found 
t*/ ~ 3 X 10^ yr for massive stars, with most of the gro wth occurring i n the 



last 10% of this time. In the competitive accretion model ( Bonnell et al. . 199?! : 



see ^4.1.21). massive stars form via Bondi-Hoyle-Lyttleton accretion (rh* oc ml 



Ketol (|200l l2003l ^ has studied this model further, focusing on the associated H II 
re gions. For a 10 Mp. star in a typical high-mass star-forming clump observed 
by Plume et al.l ( 19971 ). which has a mass ~ 4000Mq and a virial parameter of 
order unity, the Bondi-Hoyle accretion rate is muc h smaller than that expected 
in the turbulent core model ( McKee &: Tan . |200tt ). even after allowing for the 
turbulent enhancement factor (/)bh (eq. The rate of Bondi-Hoyle accretion 
increases if the virial parameter is small, if the infall occurs onto a cluster of 
stars that is much more massive than a single star (as Keto comments), or if the 
infall occurs from a signiflcantly less massive clump. In the latter two cases the 
assumptions underlying Bondi-Hoyle accretion begin to break down, and further 
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study is needed to determine the infall rate. Edgar &: Clarkd (2004) have shown 



that radiation pressure halts Bondi-Hoyle accretion when the star is moving su- 
personically relative to the gas for > 10 Mq, since the luminosity is large 
enough that radiation pressure deflects gas away from the star. 

In vie w of the challenges facing conventi onal theories of high-mass star for- 
mation, Bonnell. Bate. Sz Zinneckei ( 19981 ) made the radical suggestion that 



high-mass stars form via stellar collisions. This model requires stellar densities 
~ 10^ stars pc~^ during the brief period in which the stars grow by merging. This 
coalescence model produces an IMF that is in qualitative agreement with obser- 
vatio ns. although no feedback effects were included in the calculations f Bonnell 
et al.. l2001bh . This model faces a number of challenges: (1) The required stellar 



density is far greater than has been observed in any Galactic star cluster. For 
example, W3 IRS 5 is one of the densest clusters observed to date, w i th 5 proto 
OB stars in a sphere of radius 0.015 pc ( Megeath. Wilson. &: Corbinl . 20051 ): the 



corresponding stellar density ~ 4 x 10^ pc~^ is lower than required by the coales- 
cence model by more than 2 orders of magnitude, although it must be borne in 
mind that the number of lower mass stars in that volume is currently unknown. 
(2) For large OB protoclusters, the hypothesized ultra-dense state would pro- 
duce a very luminous, compact source, yet this has never been observed. (3) The 
mass loss that is hypothesized to reduce the cluster density to observed values 
must be finely tuned in order to leave the cluster marginally bound. (4) Finally, 
it is difficult to see how the model could account for o bserved associated disks 
and outflows (§S2H above. iBallv fc Zinneckeil (|2005) discuss a number 



of observational tests of the coalescence model, and suggest that the wide-angle 
outflow from OMC-1 in the Orion molecular cloud could be due to the merger 
of two protostars that relea sed 10^^ — 10^^ erg. Two v ariants of the coalescence 
model have been sugg ested: IStahler. Palla. fc Hoi (j200nh proposed that gas bound 



to the protostars could increase the cross section for collisions, although they did 
not explain why this would resul t in st ellar coalescence rather than the forma- 
tion of a binary. iBonnell &: Batel (j200,5h have proposed an explanation for this: 



assuming that the gas has negligible angular momentum (which is plausible if 
the turbulence is weak, as assumed in the competitive accretion model), then 
accretion drives the stars in the binary to closer separations and ultimately to a 
merger. The stellar density required for the binary coalescence model is ~ 3 x 10^ 
stars pc~^, substantially smaller than in the dire ct coalescence model but higher 
than observed nonetheless. On the other hand, i Krumholz k Thompson! (|2007l ) 



argue that pre-main sequence evolution of tight, high-mass protostellar binaries 
can lead to equal mass binaries, as often observed, rather than to mergers. 



4.3.2 Observations of high-mass protostars Beuther et al. (|2007l ) 
have summarized the current state of observations of high-mass star formation. 
They divide the formation of individual high-mass stars into four stages: 

1. High-Mass Starless Cores (HMSCs) 

2. High-Mass Cores harboring accreting Low/Intermediate-Mass Protostar(s) 
destined to become high-mass star(s) 

3. High-Mass Protostellar Objects (HMPOs), with > SM© 

4. Final Stars 

The earliest sta ges of high-mass s tar formation may occur in the Infrared Dark 



ine earnest sta ges oi mgn-mass s tar lormation may occur m tne mirarea uarK 
Clouds (IRDCs ^Egan et al. . 19981 ). which have properties consistent with being 
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the dense clumps out of which clusters eventually form ( Simon et al. . 20061 ) . 
To date, few true HMSCs have been detected — high-mass cores often appear to 
have some signatures of star formation. In the turbulent core model, this could 
be because the central densities in the cores are much greater than the mean 
densities (in contrast to the case for low-mass cores), and the time scale for 
gravitational collapse is correspondingly shorter. The lack of true HMSCs is also 
consistent with the competitive accretion model or the coalescence model, since 
in these models HMSCs do not exist. Evidence for High-Mass Cores harboring 
low/intermediate mass protos tars, or possibly relatively low-mass HMPOs, has 
b een obtained only recently (iBeuther. Sridharan. fc: Saitd. 20051: Sridharan et 
al.. |2005[ )^ HMPOs are often (but not alway s) associated with Hot Molecular 
Cores (HMCs), which have a rich chemistry ( van der Tak . 20051 ). HMPOs are 
often associated with H2O and Class H CH3OH maser emission, although the 
interpretation of this emission remains ambiguous. HMPOs are also associated 
with H H regions (see ^4.3.4p : many should have hypercompact H H regions 
and some should be associated with ultra-compact H H regions, but most ultra- 
compact HH regions are associated with the final stars. 

Observational tests of infall models for high-mass protostars are difficult due 
to their large distances (typically > 2 kpc), crowding, large extinctions, and 
confounding effects of H H regions. Several tests are possible: if confirmed, 
the correspondence between the core mass function and the IMF ( ^3.3p would 
be consistent with the turbulent core model; the properties of disks and winds 
associated with HMPOs can provide important clues ( §4.2.ip : the spectral energy 
distributions (SEDs) of embedded sources provide information on the distribution 
of circumstellar matter o n scales smaller than caii be directly resolved (Osorio , 
Lizano, & D'Alessio, il999i : IChakrabarti fc McKeel . l200,4 IWhitnev et'Zf . Hooi); 
and chemical clocks can provide direct measures of the time scale for the growth 
of HMPOs. To this end, iDoty. van Dishoeck. fc TanI (|200()h have developed the 
first model for the chemical evolution of an HMPO, including the evolution of the 
central source, infall, and adsorption and desorption of ices from grains. They 
find that the time scale for the warm chemistry is set by the time it takes for 
matter to flow through the warm region, and that the total age of the HMPO 
they study (AFGL 2591) is (0.3 - 1) x 10^ yr. 

4.3.3 Forming stars in the presence of radiation pressure One 
measure of the importance of radiation pressure is to compare the stellar lumi- 
nosity with the luminosity at which the force due to radiation pressure balances 
gravity. Since dust provides the dominant opacity to non-ionizing radiation in 
the interstellar medium, this generalized Eddington luminosity is 



Le, 



(54) 



where is the dust opacity per unit mass, and c is the speed of light. The dust 
in the infalling gas sublimates whe n it reaches the dust destruction front at r = 
Rdd ^ 1.2 X 10^5(L/105 Lq)^/"^ cm (IWolfire k Cassinelli [T987h . We approximate 
the radiation field outside R^d as a black body with a te i npera ture T that declines 
with radius. As an example, consider the Pollack et al. ( 19941 ) dust model: Krf(T) 
first rises with temperature as the average frequency increases, but then declines 
for T > 600 K as some of the grain species sublimate. The maximum opacity is 
K ~ 8 cm^ g~^, which leads to L^ ii ~ 16OO(m*/M0) Lq. Since main sequence 
stars have luminosities L ~ 10(m*/MQ)^ Lq for 7 Mq < m^, < 20 Mq (inferred 



Theory of Star Formation 



89 



from Arnett . 19961 ) . the infalhng gas and dust pass through a region in which the 
force due to the infrared radiation exceeds that due to gravity if > 13 Mq. 
For somewhat larger masses, the net force is outward over a sufficiently large 
region that the infall is stopped. At the dust destruction front, the gas and dust 
are exposed to the stellar UV radiation, for which k ~ 200 cm^ g~^. However, 
this radiation interacts with the matter only once with this opacity, since it is 
emitted in the infrared after absorption; as a result, the condition for the infall to 
persist is th at its momentum exceed that of the radiation. M\„v\„ > Lie f Larson 



& Starrfield" F97ll : iKahnl . Il974l : IWolfire fc Cassinellil . Il987h . High infah rates 



~ 10" Mq yr~ can overcome the UV radiation problem, but not the IR one. 

Several mechanisms have been proposed to permit the formation of massive 
stars in the face of radiation pressure: 

1. Reduced dust opacity: Based on ID, multifluid calculations of steady flows 
with bot h graphite and sili cate grain s with a range of sizes. Wolfire & 
Cassinelli (jl987l ) found that a reduction in the dust-to-gas ratio of at least 
a factor 4 is needed in order for accretion to proceed for stars with > 
6OM0. 

2. Rotation: iNakanol (|l989h showed that the higher ram pressure associated 
with disk accretion helps overcome the UV radiation pressure problem, and 
escape of the infrared radiation from the disk alleviates the infrared ra- 
diation pressure problem. He found that accretion could continue onto a 
100 star with an accretion rate as small as 10~^ MQ_yr~^, 50 times 
smaller than for spherical accretion. iJijina fc Adamsl (Il99fil ^ showed that 
there are a range of conditions for which infrared radiation pressure cannot 
halt infal l prior to the formation of a disk in the context of the Terebev. Shu, 
&: Cassen ( 1984h model fo r rotating collapse, even for quite massive stars. 



Yorke &: Sonnhalter (l2002l ^ have carried out the most detailed axisymmetric 



numerical simulations to date. Using frequency-dependent radiative trans- 
fer, they found that radiation pressure limited the maximum stellar mass 
that could be formed from a 120 Mq core to 43 Mq; they point out that 
this is an upper limit, since it did not allow for fragmentation or for the 
effects of outflows. 

3. Rapid infall: lEdgar fc ClaA^ (|2003h have shown that radiation pressure be- 
comes moot if the protostellar core is sufficiently dense that the protostellar 
mass is inside the dust destruction front. The models they considered to 
achieve this condition were far from virial equilibrium and had constant 
density, which led to very large accretion rates ~ 10~^ Mq yr~^. However, 
models with centrally concentrated initial density proffies {p oc r"^) and 
normal dust could not produce stars with > 16 Mq. 

4. Beaming: i Nakano ( 19891 ) pointed out that disks redirect the infrared ra- 
diation toward the poles, reducing the radiative force in the plane f Yorke 
& Bodenheimer, 19991 termed this the "flashlight effect" a nd ern phasized 
its observational importance). Krumholz. McKee. &: Klein ( 2005bl ) showed 
that the cavities produced by outflows from massive stars would allow the 
infrared radiation to escape, reducing the the radiation pressure in the in- 
falling gas and permitting infall over a substantial range of solid angle. 

5. 3D effects: 3D simulations with flux-limited, gray radiative transfer show 
that the accreting gas is subject to radiation-driven Rayleigh- Taylor insta- 
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bilities, which facihtate the escape of the radiation in low column regions 
and th e accretion of the gas in high column regions f Krumholz. Klein, & 
McKee, 120051 ) . There is no evidence that radiation pressure halts the ac- 
cretion up to m=K = 35 Mq, a substantially hi gher mass than was found i n 
axisymmetric simulations with gr ay transfer (jYorke &: Sonnhalterl . l2002l ;i. 
Turner. Quataert. York3 ( 2007 ) have shown that the dusty envelopes of 



HMPOs are subject to the photon bubble instability, which further pro- 
motes infall. 

4.3.4 Photoionization feedback: H II REGIONS The H II regions asso- 
ciated with HMPOs provide strong feedback on infall and accretion, and may play 
a role in defining the maximum stellar mass. They are classified into two types: 
Ultra-compact H II (UCHII) regions have diameters (0.01 — 0.1) pc, densities 
> 1 cm~ . and emission me asures r vM > 10^ PC cm f Wood & Church- 
well. ll989h .' Hypercompact H II (H CHII) regions have di ameters < 0.01 pc with 
emission measures > 108 pc cm " (jBeuther et al.l . 120071 : f or a slightly d i fferen t 
definition and a review of both types of H II region, see iHoare et al] . l2007l ^. 
HCHII regions often appear in tight groups in high-mass star-forming regions, 
and they often have broad radio recombination lines with widths that can exceed 
100 km s-^ 

The high accretion rates charact eristic of HMPOs del ay the point at which 
the stars reach the main sequence (iMcKee fc Tanl. l2003l: Krumholz & Thomp- 



son, 



20071 ). therebv delaying the time at which the photosphere is hot enough 



to produce an H II region. High accretion rates also quenc h the emission o f 
ionizing photons once the star has reached the main sequence (IWalmslevl . [l995l ). 
Close to the star — i.e., inside the gravitational radius rg = Gm^/cf = 3.2 x 
10^^(m*/30 Mq) cm, where Cj ~ 10 km s~^ is the isothermal sound speed of 
the ionized gas — spherically accreting gas is in free fall, with p oc r~'^/^. For an 
ionizing photon luminosity S, the radius of the HCHII region is 



-Rhchii = i?*exp(S'/S'cr), 



where 



(2)™ 2 



'm 



5.6 X 10 



50 



lO-^Moyr- 



100 MfT 







(55) 



(56) 



(jOmukai fc Inutsukal . [200^ ^ . where a(2) is the recombination rate to excited states 
of hydrogen and where we have replaced the proton mass in their expression with 
/LiH = 2.34 X 10~^^ g, the mass per hydrogen nucleus. Provided the accretion 
is spherical, the H II region is quenched for S < Scr- If S/Scr is not too large 
(^ 7), -Rhchii is less than rg/2 and the infall velocity at the Stromgren radius 
exceeds 2cj, the minimum velocity of an R-critical ionization front; as a result 
there is no shock in the accretion fl ow and the H II region cannot undergo the 
classical pressure-driven expansion (jKetol . l2002h . If the accretion is via a disk, 
as is generally expected, then the ionizing photons can escape out of the plane 
of th e disk, and the H II region will not be trapped (iKeto &: Woodl . I2OO6I : iKetol . 
20071). Disk a c cretio n is often associated with the production of winds, and 



Tan McKee (j2003l ) have suggested that such winds confine HCHII regions: 
the winds clear the gas along the axis, and the ionizing radiation then illumi- 
nates the inner surfaces of the winds. If correct, this offers the possibility of 
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a powerful di agnostic for determining the n ature of disk winds associated with 
massive stars, van der Tak fc Menten ( 20051 ) found very compact radio emission 
ahgned with the outflows in two high-mass protostellar sources, consistent with 
this picture. When the ionizing luminosity becomes large enough, however, the 
wind will become ionized and the H II region will evolve to a UCHII state. The 
ionizing photons will photoevaporate the surface of the disk at a rate of order 
few X 10-^(5/10^^ s~^ \^/^ Ma, vr~^; absorptio n of ionizing photons b y 



evap 



dust can significantly affect this (jHollenbach et al.l . 1 1994 : iRichling &: Yorkd . 119971 ) . 
This mass-loss rate is too small to be important in setting the maximum mass of 
the star (although it can be important in primordial star formation — McKee &: 
Tan, in preparation). Absorption of ionizing photons by dust must also be taken 
into account when inferring t he ionizing lumino sity of the central star from the 
properties of the H II region ( Dopita et al. 20061 and references therein). 
4.3.5 Star Formation in Clusters Most stars are born in clusters (e.g.. 



Lada Ladal . l2003l : lAllen et al.1 . l2007l ^ , and this is particularly true of high-mass 



stars. The mass distribution of clusters appears to obey a universal power law, 
cWciuster/dlnM oc M"", with Q ~ 1. With this distribution, McWduster/c^ln M = 
const: taken together, clusters in each decade of mass have the same total num- 
ber of stars. iLada fc Lad'^ t00± find that very young clusters within 2 kpc of 
the Sun that are still embedded in their natal molecular clouds obey this power 
law for M > 50 Mq; the upper limit of the observed distribution is set by the 
largest cluster expected in the area they surveyed. The mass distribution of OB 
association s in the Galaxv also has a power-law distribution with a c:^ 1 f McKee 
& Williamslliii)^ they inferred that the distribution extended from ~ 50 Mq to 
2 X 10^ Mq and could account for all the stars formed in the Galaxv. Kennicutt. 
Edgar, & Hodge dlMsF found that the luminosity distribution of H II regions 
in disk galaxies obeys dAf /dlnL oc L~^^^'^, which is consistent with an M~^ 
distribution since the luminosity is proportional to mass for associations that are 
large enough to fully sample the IMF. The distribution of OB associations in 
the SMC has a = 1 from the large s t asso ciations down to associations with a 
single OB star ( Oev. King. &: Parker . 20041 ) . The star clusters in the "Antennae" 
gal axies show a = 1 over the mass range 10"^ Mr:. < M < 10^ Mr:. f Zhaug & 
Fall. 119991): this is one of the best determined cluster mass functions, and has an 
error, including systematic errors, estimated as ±0.1. The mass distributions of 
open clus ters and globular clusters are a lso consistent with an distr ibution 
at birth ( Elmegreen Efremov . 1997 ). Powell. Buckalew. &: Tan ( 20061 ) found 
a ~ 0.9 for clusters in irregular galaxies and a ~ 0.75 in disk galaxies, but com- 
ment that this result could be affected by the low spatial resolution of the data. 
The M^^ mass distribution of clusters is intermediate between the high-mass 
part of the IMF {M'^-^^) on the one hand, and the observed mass distribution 
of GMCs (M-^-^) and the clumps within them {M'^-^ to M-°-'^; ^ }XT]) on the 
other. It is important to understand the origin of the differences among these 
power laws, which appear to be real. 

The structure of star clusters contains clues to their formation. High-mass 
stars in Galactic clusters that are massive enough to contain a number of such 
stars are observed or inferred to be segregated toward the center of the cluster. 
The large fraction of O stars that are runaways can be naturally explained if they 
originate in dense, mass- s egregated clusters and undergo d ynamical interactions 
( Clarke &: Prin gi3. ll992l ). iHillenbrand" &: HartmannI (|l998l ) analyzed the spatial 
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distribution of stars in the Orion Nebula Cluster (ONC) and concluded that 
the high-ma ss stars were born , prefer entially near the center. Using A^-body 
simulations, iBonnell &: Davi"e3 ( 19981 ) showed that it takes a relaxation time, 
ireiax — 0.1(A4/ In A/'*)tcross (— 14tcross for AC = 1000), for high-mass stars to 
collect near the center of a cluster due to dynamical interactions. In the case of 
the ONC, they argued that significant dynamical mass segregation has occurred, 
but not enough to account for the observed central concentration of OB stars; 
they concluded that ther efore the observed mass segregation is primordial. Tan. 
Krumholz, & McKee (2003" suggested both a greater age and a longer crossing 
time for the ONC, but the basic conclusion does not change. In NGC 3603, 
the most luminou s Galactic star cluster that is not heavily obscured. Stolte et 
al. (.2006 ) found that the maximum mass of the stars decreases away from the 
center of the cluster, with all the most massive stars being quite close to the 
center, and again concluded that the segregation is primordial. These arguments 
for primordial mass segregation have been weakened by the realization that sub- 
clustering in the initial cluster significantly accelerates the rate of dynamical 
mass segregation ([McMillan. Vesperini. &: Portegies Zwartl . 120071 ). In addition, 
most estimates do not account for dynamical friction between the stars and the 
surrounding ga, s, which can considerably reduce the mass segregation timescale 
(|Ostrikei] . [l999l l. However, re cent observations have reinfor c ed th e argument for 
primordial mass segregation: Megeath. Wilson. &: Corbin ( 20051 ) have found a 
Trapezium-like cluster in W3 IRS5 that is deeply embedded in r nolecu lar gas 
and is only half the radius of the ONC. In p Oph, IStanke et al. I tood ) found 
direct evidence for primordial mass segregation by showing that the the core mass 
function exhibits mass segregation as well; this also supports the correspondence 
between the core mass function and the IMF discussed in §3.31 The cluster 
R136 in the LMC appears to be an exception to the rule that high-mass stars 
are centrally concentrated, sinc e half the massive stars are located outside the 



central core (jStolte et al.l . l2006h . 



Only a smal l fract ion of clusters survive as bound clusters to an age of 10^ yr; 



Lada fc Lad"^ tooA ) estimate this fraction as 4 — 7%. In order for a cluster 



to remain bound, its natal clump must have a high star formation efficiency. 
Analytic estimates suggest that if the gas in the clump is removed suddenly, 
such as by an H II region, one requires edump > 0.5 in order for the cluster to 
remain bound, whereas if the gas is re moved gradually, the cluste r will expand 
adiabatically and lower values suffice ( Hills . 1980 : Mathieu . 19831 ). Numerical 
calculatio ns show that a fraction of the clust e r survives even if the mass e j ection 
is abrupt (jLada. Margulis. fc Dearbornl . Il984l ) . iKroupa. Aarseth. Sz HurlevI (j200ll ) 
modeled the evolution of the ONC with edump = 0.3 and a sudden mass ejection; 
they concluded that 30% of the mass of the ONC would remain bound, and that 
it would evolve into a cluster like the Pleiades. Star formation efficiencies in 
the embedded cluste rs in the solar neighborhood are observed to be ~ 0.1 — 0.3 
(|Lada k Ladal . l2003l ^ : since star formation is ongoing in these clusters, the final 
value of the star for r natio n efficiency, edump; is near the upper limit of this range. 
Matzner &: McKe3 ( 2000l ) calculated the star formation efficiency for clumps in 
which the mass loss is dominated by protostellar outflows (M ^ 1 — 3 x 10^ Mq). 
(Note that the clump star formation efficiency, edump; which is the fraction of 
the mass of a clump that goes into a cluster of stars, is distinct from the core 
star formation efficiency, Ccore, which is the fraction of a core mass that goes into 
a single or binary star.) They estimated edump — 0.4 for clumps with escape 
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velocities fesc — 2 km s~^, comparable to the observed value. The star formation 
efficiency is predicted to rise with v^sc — i-e-, with increasing mass and/or density 
of the clump. 

The star formation efficiency for large r clusters, ranging up to globular clus- 



ng up 

ters and super star clusters (SSCs; e.g., iHo Sz Filippenkd . Il996.) is most likely 
determined by the H II regions that form in the clusters. Since globular clusters 
are much more centrally concentrated than open clusters that form in the disk 
of the Galaxy today, it is likely that their star formation efficiency, edump, was 
higher. (Note that a high star-formation efficiency over the life of the clump, 
eciumpi is consistent with a low value of the star- formation efficiency per free- 
fall time, Cff, clumpj only if clusters form over a number of free-fall times, and 
conversely, cluster formation in 1 — 2 dynamical times requires a relatively high 
value of eff ^i,„^p. - see ^3.41) Using a simple phenomenological model. Elmegreen 
& EfremovHii^ showed how edump should increase with both the mass of the 
natal clump and its pressure, P oc S^j. They point out that high pressures are 
naturally produced in merging galaxies, accounting for the large number of super 
star clusters seen in such systems. The high surface densities of globular clusters 
implies th at thev necessarily formed in high pressure environments fsee also Mc- 
Kee k Tan, [200^. High star formation efficiencies are possible in a clump with 
embedded H II regions since th eir destructive e ffect i s significan t ly red uced in a 
clump composed of dense cores (|Tan McKed . I2OOII : IPale et ahlliooBh . For suf- 
ficiently massive and concentrated clusters, the escape velocity exceeds the sound 
speed of ionized gas, and this can further increase the star formation efficiency 
(jKroupa fc Boilvl . 120021 : iMatznei] . I2OO2I : iTan fc McK^ . HqoI) . 

How do stars form in clusters? The natal clumps of embedded clusters in the 
solar n eighborhood have densities ^ 10 cm~ and masses ^ 10^-^ C Lada 
& Lada,l200^," and more broadly distributed high-mass star-form ing clumps in 
the G alaxy have densities ~ 10 cm~ and masses ~ lO^-^ Mq (IPlume et al.l . 
19971 ). These extreme conditions have led to suggestions that the process of 



high-mass star formation is qualitatively different from that observed in regions 
of low- mass star formation ( §4.3. Ih o r that it is t r iggere d by an external effect. In 
a review of triggered star formation, ElmegreenI ( 1992 ) pointed out that trigger- 
ing generally does not affect the star formation efficiency by more than a factor 
2. In any case, triggered star formation loses much of its meaning in a theory 
of star formation based on turbulence, since in most cases the triggering event is 
just a manifestation of the intermittency of the turbulence. The observed corre- 
spondence between the core mass function and the IMF ( ^3.3p and the constancy 
of the star formation efficiency per free-fall time ( ^3.4p suggest a more unified 
picture in which stars form via gravitational collapse in a turbulent medium over 
most, if not all, the range of observed clustering. 



5 OVERVIEW OF THE STAR FORMATION PROCESS 

Key goals of a theory of star formation are to predict the rate of star formation 
and the distribution of stellar masses on the macroscopic scale, and to predict 
the properties of individual stars from the initial conditions on the microscopic 
scale. In the past decade, there has been a paradigm shift in the theory from 
star formation in a quasistatic medium to star formation that occurs in a super- 
sonically turbulent one, and this has led to significant progress on both fronts. 
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Based on our current understanding, the narrative of star formation contains the 
following elements: 

• The road to star formation in a disk galaxy like the Milky Way begins when 
massive (~ 10^ M©) bound structures condense out of the diffuse ISM as a 

result of gravitational instabilities, frequently initiated within spiral arms. 

• The most massive structures (GMAs or HI superclouds) inherit high levels 
of internal turbulence from the diffuse ISM, and this combines with self- 
gravity to cause fragmentation into GMCs of a range of masses, as well as 
clumps within the GMCs. 

• The turbulence within GMCs is highly supersonic and approximately Alfvenic. 
It imposes a log-normal distribution of densities, and creates a spectrum 
of gas condensations over a wide range of spatial scales and masses. This 
structure is hierarchical. 

• This turbulence damps in aboTit one crossing time, and as yet it is not 
understood exactly how, and for how long, the highly intermittent sources 
of energy in the interstellar medium (including within GMCs themselves) 
can maintain the observed universal level of turbulence in GMCs. 

• Spatially-defined structures within GMCs tend to have internal velocity 
dispersions that increase with size as o" cx i^'^, which is understood to reflect 
the underlying power spectrum scaling expected for supersonic turbulence. 

• Some of the densest regions created by turbulence become self-gravitating 
cores with masses that are typically of order the Bonnor-Ebert mass. The 
distribution of core masses appears to be similar to the initial mass function 
(IMF) for stars, and turbulence appears to be important in defining this 
distribution. 

• These cores are frequently clustered, due to the dominance of large scales 
in the turbulent flow. Forming cores sample from the local vorticity of the 
turbulence to determine their spins. The rate of core formation can be 
estimated based on the turbulent properties of a CMC. 

• Dense cores that begin or become magnetically supercritical undergo col- 
lapse, first becoming strongly stratified internally. Observations show that 
magnetic fields in cores are roughly critical, and this is consistent with 
inferred core lifetimes. 

• Continued accretion after the collapse of a core can occur if the surrounding 
ambient medium has a sufficiently low level of turbulence, but it is not yet 
known how much this can increase the masses of stars. 

• The collapse of a core leads to the formation of a rotating disk interior to 
an accretion shock; significant magnetic flux is lost in this collapse process, 
although based on current results this is not enough to account for the small 
fluxes observed in stars. 

• Disks accrete due to a combination of processes that transport angular mo- 
mentum outward; these transport mechanisms include gravitational stresses 
when the surface density is high enough, and magnetic stresses when the 
ionization is high enough. 

• Powerful winds are magnetocentrifugally driven from the surface of cir- 
cumstellar disks at a range of radii. The inner portion of the wind, which 
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arises nearest the central star, becomes coUimated into a jet-like flow due 
to magnetic hoop stresses. 

• The impact of a wide-angle, stratified disk wind on the protostellar core 

sweeps up much of the ambient gas into a massive molecular outflow. This 
reduces the net efficiency of star formation to ~ 1/3. The combined action 
of many outflows also helps to energize dense, star-cluster-forming clumps. 

• Massive stars form from cores that are considerably more massive than 
a Bonnor-Ebert mass, and are most likely highly turbulent. Radiation 
pressure strongly affects the dynamics of massive star formation, but can 
be overcome by the combined action of disk formation, protostellar outflows 
and radiation-hydrodynamic instabilities in the accreting gas. It is not clear 
whether protostellar feedback determines the maximum mass of the stars 
that form. 

• Massive, luminous stars ionize their surroundings into HII regions. The 
expansion of these regions into ambient gas at ~ 10 km s~^ energizes GMCs, 
contributing to the large-scale turbulent power. However, this process is 
difficult to regulate, and can unbind GMCs within a few dynamical crossing 
times. By the time they are finally destroyed, GMCs may have lost much 
of their original mass by photoevaporation. 

• The destruction of GMCs rctTirns almost all of the gas they contain to 
the diffuse phase of the ISM, with a mean star formation efficiency over 
the cloud lifetime of ~ 5%. This low efficiency can be understood as a 
consequence of the small fraction of mass that is compressed into clumps 
dense enough that turbulence does not destroy them before they collapse. 

• The return of CMC gas to the diffuse ISM completes the cycle of star 
formation, which then begins anew. 

The coming decade will test and revise this narrative of star formation, par- 
ticularly with the advent of ALMA and JWST and the continued advances in 
numerical simulation. Turning this narrative into a quantitative, predictive the- 
ory will provide a foundation for addressing many of the outstanding questions 
in astrophysics today, ranging from the formation of planets to the evolution of 
galaxies and the origin of the elements. 
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